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Preface
This thesis, throughout which “SDSS” is short for “Sloan Digital Sky Survey” and
“SEGUE” is short for “Sloan Extension for Galactic Understanding and Exploration”,
is made of the work of several research papers. Chapter 4 is based on the work pre-
sented in the planned paper “The SEGUE K Giant Survey .IV. The Halo Metallicity
Distribution Out to 46 kpc”, which is close to release to the SDSS collaboration for
internal review. I am the first author.
Chapter 5 is based on the work presented in the to-be-submitted paper “The
SEGUE K Giant Survey .V. [α/Fe] in the Galactic Halo to 50 kpc”, which has already
been reviewed by the SDSS collaboration. I am the first author.
The two chapters above summarize the major scientific achievements of my thesis
research. However, there are many technical challenges which need to be addressed
before we can reach any conclusions. These technical studies are essential, and were
done in a collaboration including myself, my advisor Dr. Morrison, Dr. Xue, and Mr.
Janesh. There are four aspects of the technical work needed for my thesis: parameter
calibration, sample construction, distance estimates, and substructure identification.
The first two are described in detail in Chapter 2 and Chapter 3, while the latter two
are introduced and cited whenever they are needed (see below).
I developed the code for member identification of six star clusters, and used them
for calibration of [Fe/H] and log g measurements of SEGUE K giants. This work
is summarized in Chapter 2, based on the submitted paper “Globular and Open
Clusters Observed by SDSS/SEGUE: the Giant Stars” written by Dr. Morrison. I
am the second author on that paper, which has been submitted to the Astronomical
Journal.
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I iteratively choose the criteria to construct our final K giant sample after re-
viewing many spectra and setting up quality control. The details are summarized in
Chapter 3, based on the paper “The SEGUE K Giant Survey .I. Giant Identification
and Parameter Calibration” written by Dr. Morrison. This paper is currently given
to collaborators for their comments. I am the second author.
The Bayesian distances of our K giants are used throughout my thesis. This result
is published in Xue et al. (2014). I was closely involved in the model development and
result interpretation, and am the second author of the paper. The substructure iden-
tified in our K giant sample and related techniques are cited many times in Chapter
4 and Chapter 5. The work has been submitted to The Astrophysical Journal, titled
as “The SEGUE K Giant Survey. III. Quantifying Galactic Halo Substructure”, led
by W. Janesh. I was closely involved in the early model development and calibration,
and will be the third author of that paper.
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The SEGUE K Giant Survey
Abstract
by
ZHIBO MA
The Milky Way halo’s structural and chemical properties are revealed by halo stars
found across populations of differing age and metallicity. K giants are ideal tracers
for halo studies because of their intrinsic high luminosity, but their difficulty of iden-
tification has seriously limited their use, and thus our understanding of the halo, in
the past.
The SEGUE K giant survey identifies ∼16,000 K giants with good spectroscopic
measures of [Fe/H], log g, and estimated Bayesian distances ranging from 5 to 100 kpc.
We have made exhaustive tests of the reliability of these measures using well-studied
star clusters and over 100 stars with high-resolution spectra.
The target selection based on SEGUE photometry is necessary for higher success
rate of finding halo K giants through spectroscopic confirmation, but introduces biases
including a preference for certain metallicities over others. By correcting SEGUE
targeting biases for the three main categories of K giants we are able to study the halo
metallicity distribution in situ. We find, in contrast to claims by others who have not
corrected for selection biases, no significant variation in the metallicity distribution
across the halo from 10 out to 46 kpc. An in situ population of halo stars, if it exists,
is limited to the halo inside a 10 kpc sphere.
Combining [α/Fe] with [Fe/H] allows us to constrain the duration of star forma-
tion in the progenitors of the halo, and distinguish its different building blocks. We
have carefully selected and validated a subset of our K giant sample with [α/Fe] mea-
surements from high S/N spectra. These giants (∼2000) have [Fe/H] from –2 to 0
and galactocentric distance (rGC) out to 50 kpc, including many Sagittarius stream
xvii
members. We confirm the previously measured lower [α/Fe] of the Sgr stream, and
extend it over a larger metallicity range. Identifying giants not associated with halo
substructure, we see no difference in [α/Fe]-[Fe/H] pattern in the stellar halo when
we divide our sample at rGC=20 kpc, indicating that the inner and outer halo are not
fundamentally different in the sense of their building blocks.
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Chapter 1
Introduction
The Milky Way is the galaxy where we reside. Our view from the inside out
allows us to scrutinize many details, but at the same time makes it difficult to paint
a panoramic picture because of the lack of an external view. We are interested in a
special component of the largest physical size of our Milky Way: the halo. The word
”halo” has been literally used to point to the extended part beyond the brighter and
more concentrated central component of a galaxy. How the Milky Way’s halo was
assembled is the main question for my thesis. As the halo’s residents, the halo stars
shed light on the galactic halo’s formation, which are my study objects.
1.1 Formation Processes
There are several processes which could deposit stars into the halo.
1. With the hierarchical structure formation theory (e.g. White & Rees 1978;
Searle & Zinn 1978) fitted to the assembly of a single massive galaxy, accretion of
small satellites such as the Sgr dwarf (Ibata et al. 1994; Johnston et al. 1995) is
now understood to be a major mechanism for building up the halo. Stars first form
in the potential well of the satellite, which is later disrupted by the Milky Way
tidal field and merged into the galactic halo. There are many studies modeling the
galaxy formation, and in particular the Milky Way halo. Bullock & Johnston (2005)
& Johnston et al. (2008) build their N-body simulations to track the evolution of
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the dark matter particles of satellite galaxies disrupted in the potential of their host
galaxy. They then add a prescription for the stellar mass associated with each N-body
particle, which is decided by a semi-analytic description of the star formation rate,
mass-to-light ratio and other star formation related physics, to make an accretion-
only stellar halo. Starting in a fully N-body simulated volume of the universe, Cooper
et al. (2010) build completely accreted stellar halos from the tidal disruption of the
satellites of six dark matter halos with similar masses to the Milky Way’s (the disks
of the central galaxies cannot be formed in their simulations). By tagging stellar
populations to the most bound dark matter particles, they study the stellar halos of
pure accretion origin in these simulations. Observational evidence of accretion in our
halo includes the field of streams (Belokurov et al. 2006), such as that Sgr’s stars
are now scattered through the halo at galactocentric radii from 20 to ∼90 kpc (e.g.,
Newberg et al. 2003; Ruhland et al. 2011).
2. Violent relaxation (the change of energies of stellar objects in a rapidly changing
gravitational potential) could move stars formed in the center of a galaxy into its halo.
The galactic gravitational potential could have varied violently with the changing
density profile either in the earliest stages of assembly of the Milky Way’s dark matter
halo, or during early mergers of objects of comparable mass (Chapter 4, Binney &
Tremaine 2008). Such mergers would have to occur quite early, before the formation
of the galactic disk, since such rapid changes in the potential would destroy any disk
(Toth & Ostriker 1992). Using N-body and smooth particle hydrodynamic(SPH)
simulations, Zolotov et al. (2009) find that stars formed inside 1 kpc of their main
galaxy can move out to 10 kpc or even farther through major mergers by z=2.
3. Dynamical heating is another way to migrate stars triggered by satellite accre-
tion, without destroying the disk. Based on the Galaxies-Intergalactic Medium Inter-
action Calculation (GIMIC) suite of hydrodynamic simulations (Crain et al. 2009),
Font et al. (2011) and McCarthy et al. (2012) point out that stars formed in situ(in
the original position inside a galaxy): “primarily formed in a protodisk at z = 1 –
1.5 (∼9 Gyr) and were subsequently liberated from the disk by dynamical heating”.
These stars dominate at r<30 kpc in their simulated Milky Way mass disk galax-
ies, and have net prograde rotation and an oblate distribution. These dynamically
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heated stars stretch to such large radii because Font et al. (2011) and McCarthy et al.
(2012)’s dynamical heating happened on a large protodisk of size ∼10 kpc. However,
Cooper et al. (2015) use a higher resolution N-body + hydrodynamical simulation
tracing both in situ and accreted halo stars, and show that dynamically heated disk
stars do not contribute significantly (except for the solar neighborhood in the inner
galaxy) in the whole stellar halo mass budget, mainly because of a quieter accretion
history in their simulation.
4. Another scenario is also discussed by Cooper et al. (2015), who find that stars
formed in the circum-galactic halo from stripped gas from infalling satellites dominate
their in situ-formed population. These stars have the same kinematics as accreted
ones and contribute more extensively to the halo than stars formed in situ and moved
to the halo via processes 2 & 3. Stars formed out of accreted gas in the circum-galactic
halo are naturally halo members since they are not bound to any subhalo at birth.
It is worth noting that all stars formed directly bound to the central galaxy are
called in situ-formed stars, while they can still have different origins and mechanisms
to migrate inside the galaxy. However, simulation results predicting a halo population
formed in situ are often sensitive to subgrid physics and their conclusions are not
always robust.
1.2 Theoretical Predictions and Previous Work
1.2.1 [Fe/H]
Different formation processes leave their footprints in various properties of a star,
making different stellar origins detectable. First, we will consider the [Fe/H] distri-
bution and gradient. Studies correlating metallicity and star formation history have
a long history, back to the days when the work of Eggen et al. (1962) was published.
Several factors compete to shape the metallicity distribution we observe. In the ac-
cretion scenario, one of the key clues is the mass/luminosity-metallicity relation (e.g.
Mateo 1998; Tremonti et al. 2004; Kirby et al. 2008), which links stars to their pro-
genitors. Johnston et al. (2008) show that high luminosity satellites accreted bring
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in higher [Fe/H].
Cooper et al. (2010), studying six simulated galaxies with mass similar to the
Milky Way show the diversity of the stellar halo metallicity distribution functions
(MDF) we could “make” under stochastic sequences of accretion events: flat, increas-
ing/decreasing, or bumpy [Fe/H] gradients with galactic radius. Their six simulated
halos have been separated into two groups depending on whether a halo has been ac-
creted from many progenitors or is dominated by a few major contributors. It turns
out that the halos with many progenitors have flat or a slightly positive gradient in
[Fe/H], while the halos with few major contributors have negative gradients or show
sudden changes in the [Fe/H] distributions. While our theoretical expectation of the
Milky Way halo has been challenged by these diverse abundance patterns based on
simulations of hierarchical accretion, we also gain an opportunity to verify which
scenario is closer to the Milky Way reality through observational evidence.
Will stars formed in situ differ from accreted stars in their metallicities? Except
for the stars formed from stripped gas clouds as modeled in Cooper et al. (2015),
other in situ stars all originate from the denser environment of the bulge/protodisk
of the central galaxy, which are expected to be more metal-rich than accreted stars
from satellite galaxies on average (Font et al. 2011; Cooper et al. 2015).
If the MDF of the inner halo has contributions from both in situ and accreted
stars, we might expect to see the change of the halo MDF with galactic radius: in
situ formed halo stars are not spatially as extended as the accreted stars because of
their migration mechanism. Although Cooper et al. (2015) also find that the in situ
stars are significant in their simulated halo inside 30 kpc, their in situ population is
dominated by stars formed from stripped gas from infalling satellites. Stars formed
from accreted gas have the [Fe/H] and kinematic properties of accreted stars, and are
thus hard to distinguish observationally.
Hartwick (1976) studied 60 halo clusters with metallicities measured from inte-
grated light (Kukarkin 1974). They obtain a halo MDF peaking at [Fe/H]=–1.45,
and point out that the lower mean metallicity of the halo clusters is a result of their
gas loss. This is similar to the case of dwarf galaxies too, which have low masses and
lose gas quickly under the influence of the Milky Way, and are thus more metal-poor
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(see Figure 1.1 below, Zolotov et al. 2010). Zinn (1993) divided globular clusters
into an old halo group that was likely formed early before the galactic disk and a
younger halo group that was likely accreted from satellites. He studied their kine-
matics and metallicity, and found a significant metallicity gradient in the old halo
group but no gradient in the younger halo group. He concluded that accreted clus-
ters from satellite galaxies may dominate the younger halo group. However, larger
satellite systems such as the Sgr dwarf galaxy, have multiple star forming epochs and
contribute both old and young clusters to the Galactic halo (Da Costa & Armandroff
1995; Layden & Sarajedini 2000). Globular clusters are not ideal tracers of the halo,
since clusters themselves are complicated stellar systems and not densely populated
in the halo. Carollo et al. (2007, 2010) suggest bimodal property of the stellar halo
which they divide into inner and outer parts based on the orbital recovery of the
SEGUE calibration stars they study. They claim that the outer halo is counter ro-
tating and more metal-poor, which can be mainly accreted. If their result is correct,
an in situ population in the inner halo is favored because the transition from in situ
star domination to accretion domination could naturally explain the inner/outer halo
bimodality. However, Schoenrich et al. (2011) reexamine the distance estimates of
these calibration stars, and point out a distance overestimate issue in Carollo et al.,
which is more serious for metal-poor stars causing the outer halo seems more metal
poor. This argument makes the claimed bimodality vulnerable.
1.2.2 [α/Fe]
Most elements beyond the primordial composition are returned to the interstellar
medium by two main types of supernova (SN): core collapse SN from massive stars
and Type Ia SN from binaries including one white dwarf (Wheeler et al. 1989; Gilmore
& Wyse 1991). In general, higher [Fe/H] results from a higher star formation rate
and/or longer star-forming duration. [α/Fe] stays stable in the shorter timescale
core collapse SN enrichment stage and drops during a longer timescale when Type
Ia SNe enrich the iron-peak elements more strongly. After a certain period, a larger
contribution from Type Ia SNe results in a lower [α/Fe] in new-born stars. At a given
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[Fe/H], lower [α/Fe] means the core collapse SN enrichment from massive stars is
weaker and thus plays a less important role (Zolotov et al. 2010). This difference of
[α/Fe] at a fixed [Fe/H] value is observable for populations of stars born in different
parent environments, as illustrated in Figure 1.1 from Zolotov et al. (2010). Thus,
by studying halo sub-populations we can learn about the star formation histories of
their progenitors, which include disrupted satellites, and also the early Milky Way
itself, the origin of in situ-formed halo stars.
Figure 1.1 A copy from Fig. 1 of Zolotov et al. (2010) to illustrate the [O/Fe]-[Fe/H]
evolution in different environments. “The black solid line represents the most massive
galaxy, the red dotted line an intermediate mass galaxy, and the orange dashed line
a low-mass galaxy. ”
The mass of a galaxy and its star formation duration play the most important
roles in this scenario. Mass is the first factor deciding how fast a galaxy can enrich
its star forming gas, and the second factor is how long the star formation can last.
With the star formation duration fixed, more massive galaxies can reach higher [Fe/H]
by stronger core collapse SN enrichment before [α/Fe] turns down because of Type
Ia SN enrichment, making the difference in the knees (turning down point) of the
[α/Fe]-[Fe/H] relations (see Figure 1.1). A good demonstration of this can be found
in dwarf galaxies with different masses/luminosities (e.g., Venn et al. 2004; Kirby et
al. 2011), since their [α/Fe]-[Fe/H] tracks have been shown to be diverse and related
to the galaxy luminosity.
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In the case of isolated galaxies, more massive ones are likely to have more intense,
earlier star formation, and smaller systems are likely to have weaker star formation
which may start later and continue longer. In the case of a satellite galaxy, the
time when star formation is truncated by the accretion event gives a snapshot of its
[α/Fe]-[Fe/H] trend developed till then.
For an accretion-only halo, this “big picture” suggests that [α/Fe] is distributed
differently among the halo sub-populations, which were accreted from different satel-
lite galaxies in different epochs. Johnston et al. (2008) find that their accreted halos
dominated by very early accretion have higher average [α/Fe], since early accretion
means core collapse SNe are the main α elements suppliers. In the sense that the
inner halo is accreted earlier than the outer halo on average, we might expect an
[α/Fe] decrease with galactic radius. Similarly, surviving substructure in the halo,
which is accreted later, is expected to be lower in average [α/Fe].
We also need to consider halo stars formed in situ and moved to the halo via
violent relaxation or dynamical heating to understand the halo [α/Fe] pattern, since
they may be significant in the inner halo. Zolotov et al. (2010) point out that the
inner halos of their simulated galaxies contain both accreted and in situ formed stars.
Stars formed in situ are expected to have higher [α/Fe] than accreted stars with the
same metallicity, since in situ stars were born in the more massive central galaxy.
Thus it is important to consider trends in the [α/Fe] vs. [Fe/H] plot, not simply
categorize stars as high or low [α/Fe].
As for the other origin of halo stars, formed in situ from stripped gas of infalling
satellites (Cooper et al. 2015), since they are slightly younger than the directly ac-
creted stars from the same parent, they may be slightly lower in [α/Fe]. However,
it will be a challenge to achieve the measurement accuracy needed to detect the
difference, particularly with the SEGUE low-resolution spectra used in this thesis.
There have been some [α/Fe] studies of different halo components to map the
[α/Fe]-[Fe/H] pattern and suggest related formation origins. Venn et al. (2004) collect
data from many sources to create an [α/Fe]-[Fe/H] map of the Milky Way including
the local thin disk, the thick disk, halo field and also stars in dSph galaxies. They
show that stars in dSph satellite galaxies are lower in [α/Fe] compared with galactic
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halo field stars with similar [Fe/H].
Fulbright (2002) and Nissen & Schuster (2010) find that low-[α/Fe] solar neighbor-
hood halo stars in their sample have retrograde orbits or large non-rotational velocity
components, and could have been accreted from satellite galaxies. However, these
local stars are not as low in [α/Fe] as dSph galaxies, which have the most extreme
values. Fulbright (2002) and Nissen & Schuster (2010)’s high [α/Fe] stars are still
halo members, but with kinematics and [α/Fe] values closer to the thick disk than the
accreted ones. These are likely halo stars formed in situ and given halo kinematics
by violent relaxation or dynamical heating. Thus, there might be an [α/Fe] decrease
from the local halo to the outer halo, since stars formed in situ contribute more to
the local halo, while stars in the outer halo can be largely accreted and thus lower in
[α/Fe].
In summary, my thesis aims to map the halo chemical abundance patterns via
stars in the halo. Observational work on halo stars can confirm whether there is
a metallicity gradient and [α/Fe] variation through the halo and whether there is
a metal-rich and high [α/Fe] population possibly formed in situ. The outer halo is
always a good place to study the accreted population, while for the inner halo if there
are differences in [Fe/H] and [α/Fe] , it can be imposed by the in situ population.
1.3 Sample Construction from the SEGUE K Gi-
ant Survey
The success of all the scientific goals set out above relies on a large sample of halo
tracers which can give us information on chemical abundances.
Because the halo has such a large extent (hundreds of kpc), it is not possible
to study the majority of remote halo stars (the main sequence stars) with current
telescopes. Therefore, it is necessary to choose rare but intrinsically bright tracers
such as horizontal branch (HB) and red giant branch (RGB) stars, which give a higher
signal to noise ratio (SNR) in a limited exposure time. RR Lyrae and blue HB (BHB)
stars have been widely used as tracers to study the galactic halo, because they have
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well-understood intrinsic luminosities for distance determination, and could reach to
∼ 60 kpc (Sesar et al. 2010; Xue et al. 2011; Deason et al. 2011, 2014). Yet,
such stars, most prevalent in particularly old and metal-poor populations (Bell et al.
2008) are biased against a more metal-rich (maybe slightly younger) population of the
stellar halo, which are also much more suitable for abundance determination because
of their stronger lines. It is also not easy to measure their [Fe/H] and [α/Fe]accurately,
especially the BHB stars that have the highest temperatures. Thus, it is crucial to
construct a tracer sample more generally representative of the halo of the Milky Way
in the sense of chemical abundances and stellar evolution. K giants are the most
common bright tracers for old halo populations that are unbiased against metallicity,
which is why we chose a K giant survey to fulfill our scientific goals.
To obtain not only a good quality but also a statistically robust tracer sample
to map the Milky Way halo, we need a survey with both high operating efficiency
and reasonable detecting power. The SDSS (York et al. 2000; Eisenstein et al. 2011)
has obtained the most detailed deep multi-color images of one third of the sky, and
spectra for more than three million astronomical objects as of Data Release 12. It
uses a dedicated imager on the SDSS 2.5m telescope (Gunn et al. 1998, 2006) with five
passbands to give ugriz photometry. This photometric database was complemented
by spectroscopic observations using a multi-object fiber-fed spectrograph (Smee et al.
2013).
The SDSS ugriz photometric system (Fukugita et al. 1996) was originally designed
for the study of galaxies and quasars rather than stars. However, because of a number
of important, serendipitous discoveries on the Milky Way, two surveys (SEGUE-1 and
2) which focused on the stellar populations in the Milky Way were carried out as
extensions to the original SDSS.
The SEGUE (Yanny et al. 2009; Ahn et al. 2012), a photometric and spectro-
scopic survey of the Milky Way and a vital constituent of the SDSS, consists of two
observation periods. SEGUE-1 (Yanny et al. 2009) acquired data from 2005 through
2008, and SEGUE-2 (Rockosi et al. in prep.; Eisenstein et al. 2011) in 2008 and 2009.
Together SEGUE has obtained about 360,000 low resolution spectra from 390nm to
900nm in wavelength for stars, offering us a unique opportunity to reach the scien-
9
tific goals discussed above. Since stellar objects identified from photometric imaging
greatly outnumber available fibers for spectroscopic follow-up, SEGUE has developed
a series of selection rules to decide which star deserves a fiber, such as the K giant
target selection to be introduced later.
The fundamental difference between a giant and a dwarf is reflected in their sur-
face gravity and luminosity. Unfortunately, without a prior knowledge of distance,
surface gravity is our only way to finally distinguish giants from dwarfs. However,
the difference in surface gravity does not affect the broad spectral shape, as shown in
Figure 1.2 for a K giant and a red dwarf with similar g−r colors. The most noticeable
difference is the trough around 5200 A˚ caused by Mg-related absorption lines. It is
mainly contributed by the MgH molecule in the atmosphere of low Teff stars (e.g.
Morrison et al. 2003). Since weaker surface gravity causes lower molecular density,
giants would have a weaker MgH trough compared to dwarfs when [Fe/H] and Teff are
fixed.
SEGUE defines three categories of K giants for targeting purposes, combining the
photometry and proper motion information to increase the success rate. They are
l-color-selected K giants, proper motion (PM) K giants, and red K giants (Yanny et
al. 2009; Rockosi et al. in prep.). The photometric selection is mainly based on the
u− g vs g− r diagram as shown in Figure 1.3. We see that the numerous dwarf stars
form a main locus going up towards the redder color in g − r, and the giants start
below the locus on the left in the l-color selection box, overlap in PM K giant region
as the color becomes redder, and are above the locus in the red giant region.
We know that increasing heavier elements will create more absorption lines in the
UV(ultraviolet) end of a stellar spectrum. The UV-excess is a traditional metallicity
indicator reflecting weaker line blanketing for metal-poor stars (Eggen et al. 1962).
We use u−g colors (see the u and g bands in Figure 1.2) to measure the UV-excess and
identify metal-poor stars as those with lower u−g at given g−r (see the arrow at the
bottom right of Figure 1.3). l-color, defined based on dereddened ugriz photometry
as −0.436u+1.129g−0.119r−0.574i+0.1984 (Lenz et al. 1998), is similar to the UV-
excess measurement in concept, and reflects the metallicity in a specified color range.
A larger l-color value means the star is more metal-poor. SEGUE l-color K giant
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Figure 1.2 Sample spectra of a SEGUE K giant (upper panel) and a SEGUE K dwarf
(lower panel) with ugriz passbands overplotted in different colors from left to right.
Line blanketing will make a metal-richer stars fainter in u.
targets are between 0.5 and 0.8 in g − r color, from 15 to 18.5 in r band magnitude,
and require l-color> 0.09. The dwarfs in the same SEGUE survey magnitude range
are located in the disk and thus likely metal-rich. Since the halo is more metal-poor,
preselected stars with higher l-color values have a higher chance to be halo giants.
However, there are still metal-poor local dwarfs with large l-color values, which drag
down our l-color K giant selection efficiency.
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Figure 1.3 Color-color diagram of all stars in a SEGUE field with the K giant target
selection boxes labeled. The small dots include both K giant candidates and many
more foreground dwarf contaminants.
PM and red K giant targets are between 0.8 and 1.3 in g − r color. As shown in
Figure 1.3, photometric colors can be helpful but not very efficient at distinguishing
giants from dwarfs, since giants and dwarfs largely overlap on the color-color distri-
bution. However, because the g band magnitude can reflect the difference in surface
gravity for very red stars, stars with (g− r)0 >0.8 and large (u− g)0 values (brighter
in the g band) almost completely deviate from others with similar g− r colors. These
stars are very likely K giants (Yanny et al. 2009), directly leading to the red K giant
targeting strategy shown as the red box in Figure 1.3.
Because halo giants are farther away, their proper motions are smaller on average
assuming that the velocity dispersion does not change dramatically from solar neigh-
borhood to the halo. Therefore, preselecting lower proper motion stars increases the
12
ratio of halo giants presented. PM K giant targets require PM < 7mas/yr for a
stronger filtration on the distance, since more distant halo stars would have smaller
proper motion on average.
It is worth noticing that not all K giants in our sample belong to these specific
target types. We label other spectroscopically confirmed K giants that do not fit into
any of the three categories as serendipitous K giants. In most cases, serendipitous K
giants are giants in the g− r range of (0.5, 0.8), but do not meet the l-color selection.
Although the photometric selection is necessary for a higher success rate of K
giant targeting, a sample built from specially designed selection may not preserve
the distribution of certain properties(e.g. abundances) of the underlying population.
Thus we need to quantify and correct the selection biases if there are any. More
details of the target selection related [Fe/H] biases are discussed in Chapter 4.2.
In summary, the SDSS/SEGUE K giant survey has made it possible to identify a
sample of halo giants with tens of thousands of members. We have identified 15,750
K giants from the survey database, a very large increase over previous samples. Out
of this general dataset, a main sample of ∼5000 stars with distance estimates can
be used to map the [Fe/H] and [α/Fe] distributions of the Milky Way stellar halo in
great detail. The halo formation history can then be better understood by checking
which formation scenario gives the chemical abundance pattern closest to what we
see from our SEGUE K giant sample.
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Chapter 2
Globular and Open Clusters
Observed by SDSS/SEGUE: the
Giant Stars
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The SEGUE K Giant Survey
Abstract
by
ZHIBO MA
We present griz observations for the clusters M92, M13 and NGC 6791 and gr pho-
tometry for M71, Be 29 and NGC 7789. In addition we present new membership
identifications for all these clusters, which have been observed spectroscopically as
calibrators for the SDSS/SEGUE survey. This chapter focuses in particular on the
red giant branch stars in the clusters. In a number of cases, these giants were too
bright to be observed in the normal SDSS survey operations, and we describe the pro-
cedure used to obtain spectra for these stars. For M71, we also present a new variable
reddening map and a new fiducial for the giant branch in g and r band photometry.
The result of this analysis is a robust list of known cluster members with correctly
dereddened ugriz photometry for crucial calibration efforts of SDSS and SEGUE.
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2.1 Introduction
Calibrations which relate observables such as stellar photometry and spectroscopy
to fundamental stellar parameters are a vital part of any survey. The Sloan Digital Sky
Survey (SDSS: York et al. 2000) provided imaging in five passbands (ugriz ) for 14,555
square degrees of the sky, using a dedicated imager (Gunn et al. 1998) on the SDSS
2.5m telescope (Gunn et al. 2006). This photometric database was complemented by
spectroscopic observations using a multi-object spectrograph (Smee et al. 2013).
The SEGUE survey obtained observations in ugriz for well-studied objects with
known stellar parameters. It has allowed us to understand how Teff , log g and
[Fe/H] map into the SDSS colors. Such understanding is particularly important when
studying stars from minority populations in the Galaxy such as its halo, as there are
often [Fe/H] and luminosity terms in transformations from other photometric systems
to ugriz, particularly in the u and g filters (for example, see Figure 1.3). Open and
globular clusters are particularly suitable as calibrators because they provide many
objects with the same values of [Fe/H].
The first step in using star clusters is to obtain a good color-magnitude dia-
gram (CMD) in the appropriate filter set. Because the SDSS photometric pipeline
(Stoughton et al. 2002) does not perform well in crowded fields, An et al. (2008)
performed DAOPHOT photometry of open and globular clusters imaged by SDSS.
An et al. (2008) then provided accurate fiducial sequences for 17 globular and 3 open
clusters covering a metallicity range from [Fe/H]=–2.4 to +0.4. However, since the
SDSS camera saturates at around g = 14.5, and a number of these clusters have
giant branches reaching significantly brighter than this limit, it was necessary to use
observations from other telescopes. The ugriz´ system is defined by the same filters
as the ugriz system and was intended to simplify observations in ugriz from other
telescopes (Smith et al. 2002; Tucker et al. 2006). However, because the filters are
in vacuum in the SDSS imager but not when used in other telescopes, the two pho-
tometric systems are in fact different. We used the ugriz´ observations of the bright
giant branches of these clusters (Clem et al. 2008), transforming them to ugriz using
the transformations of Tucker et al. (2006).
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The next step in the use of clusters as calibrators is to make sure that the stars we
study are in fact cluster members. Spectroscopic observations provide velocities and
other useful discriminants of membership, and the SEGUE survey obtained spectra
of stars in 13 clusters presented in Lee et al. (2008b); Smolinski et al. (2011), which
used velocity, position on the CMD and the metallicity of the star as measured by
the SSPP (Lee et al. 2008a,b; Allende Prieto et al. 2008; Smolinski et al. 2011) as
membership criteria.
Our particular interest is the cluster red giant branches. For technical reasons
described below, the giant branch stars were not well covered in the previous tests
of the SSPP by Lee et al. (2008b) and Smolinski et al. (2011). Chapter 3 will show
how we use the clusters described here to test the values of [Fe/H] and log g for
cluster members, and add an additional luminosity discriminant (the MgH index)
to enhance the SSPP’s ability to identify red giant stars. A number of the clusters
described here either have low radial velocities or are located at low galactic latitude,
making it difficult to distinguish cluster members from foreground disk stars using
only velocity. We have chosen to identify cluster members using a different set of
criteria than Lee et al. (2008b) and Smolinski et al. (2011): while we also use the
SEGUE velocities and the position on the cluster CMD, we have chosen not to use the
SSPP metallicity, and have added another powerful discriminant: the stellar proper
motion. Proper motion data are available for all but one cluster we study. In one
particularly recalcitrant case, Berkeley 29, where proper motions were not available,
we used the velocity and CMD criteria, then rejected foreground dwarfs by visual
inspection of the spectra.
M71 is a particularly important and difficult case. It is the only well-studied,
nearby cluster with an intermediate metallicity which is accessible from the Northern
Hemisphere. Unfortunately, it also has variable reddening across its face. Thus we
derived reddening estimates for smaller grids across the cluster region (using the
photometry of Clem et al. 2008) before we could produce a cluster CMD suitable for
deriving a fiducial for the giant branch.
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2.2 Clusters Used for Calibration
The SEGUE project observed a number of globular and open clusters for cali-
bration purposes. For calibration of the red giants, we selected the globular clusters
M92, M13 and M71 (spanning metallicities from –2.4 to –0.8) and the open clusters
Be 29, NGC 7789 and NGC 6791, whose [Fe/H] values range from –0.4 to +0.4. In
all cases but NGC7789, the clusters are within the SDSS imaging footprint and so
ugriz photometry is available for the cluster stars.
The SDSS cluster images were analyzed using DAOPHOT (Stetson 1987) by An et
al. (2008) because the SDSS photometric pipeline was not designed to handle crowded
fields. However, in most cases the cluster giant branch stars were too bright to be
observed in the standard ugriz photometric system because they are saturated in the
SDSS exposures. In these cases we used the ugriz´ photometry described in Clem et
al. (2008), transforming using the equations of Tucker et al. (2006). An et al. (2008)
checked these transformations using data available in both ugriz and ugriz´ and found
agreement at better than the 2% level for all clusters except NGC 6791, where stars
at the tip of the giant branch were redder in standard ugriz than in transformed
ugriz´ by 0.05 to 0.10 magnitudes. This discrepancy becomes particularly significant
redder than g− r=1.0. Fortunately, NGC 6791 is sufficiently distant that we are able
to use the SDSS ugriz for all its red giants.
We summarize the values of distance modulus, [Fe/H] and E(B − V ) that we
adopted for these clusters, along with the sources of these measurements, in Table
2.1. For the globular clusters we use the metallicity scale of Kraft & Ivans (2003),
based on FeII lines.
The SEGUE-1 survey is described in Yanny et al. (2009). The survey obtained
low-resolution (R∼1800) spectra for the wavelength region from 3800 to 9000 A˚.
Each spectroscopic pointing had a bright and faint plug-plate (plate hereafter), with
exposure times of typically one and two hours respectively. This procedure allowed
us to reduce the effect of scattered light from bright stars in adjacent fibers to fainter
stars by limiting the magnitude range on a given plate.
For many clusters, more than one plate was designed and observed. Table 2.2
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Table 2.1. Cluster Properties
Cluster Alternate name l(◦)a b(◦)a E(B–V) (m−M)0 [Fe/H]b
M92 NGC 6341 68.34 +34.86 0.02e 14.64d −2.38e
M13 NGC 6205 59.01 +40.91 0.02e 14.38d −1.60e
M71 NGC 6838 56.74 −4.56 0.28c 12.86c −0.81e
Be29f 197.95 +7.98 0.08 15.6 −0.38
NGC 2420g 198.11 +19.63 0.05 12.00 −0.20
NGC 7789h 115.48 −5.37 0.25 11.33 −0.04
M67 NGC 2682i 215.70 +31.90 0.04 9.59 0.00
NGC 6791j 69.96 +10.90 0.16 13.01 0.39
aThe coordinates are based on the compilation of An et al. (2008)
except for NGC 7789 and Berkeley 29.
bAll based on high-resolution studies.
cGrundahl et al. (2002); (m−M)0 derived from Hipparcos (Perryman
et al. 1997) subdwarf fitting.
dCarretta et al. (2000); (m − M)0 derived from Hipparcos subdwarf
fitting.
eKraft & Ivans (2003); their globular cluster metallicity scale is based
on the FeII lines from high-resolution spectra of giants.
fReddening is from Carraro et al. (2004), (m−M)0 is from Sestito et
al. (2008), and [Fe/H] is the average of the Carraro et al. (2004) and
Sestito et al. (2008) values.
gReddening and distance are from Anthony-Twarog et al. (2006).
[Fe/H] is from Jacobson et al. (2011).
hReddening is from Bartasˇiute˙ & Tautvaiˇsiene˙ (2004). Distance and
[Fe/H] are from Tautvaiˇsiene˙ et al. (2005).
iReddening is from Taylor (2007), distance is from An et al. (2007),
and [Fe/H] is from O¨nehag et al. (2014).
jReddening and distance are from Brogaard et al. (2011), assuming
AV = 3.1∗E(B − V ) . We averaged the [Fe/H]measurements of Peterson
& Green (1998), Gratton et al. (2006), Carraro et al. (2006) and Brogaard
et al. (2011) (+0.40, +0.47, +0.39 and +0.29 respectively).
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summarizes the information on the plates taken for each cluster discussed in this
chapter; often a cluster had both a bright and a faint plate designed. For the brightest
stars in a number of clusters, only a very short exposure, of duration 1-2 minutes, was
needed. This caused a possible problem with our spectroscopic reduction pipeline,
since it used night sky lines in the spectra to check the wavelength calibration, and
such short exposures were too short to properly expose the sky lines. We evolved
the following procedure in order to make such observations processed correctly in
the pipeline. The brightest stars were observed by drilling their fiber holes on the
bright plate at a position offset by 0.02 degrees in RA (cos(Dec))−1. While the rest
of the stars on the bright plate were observed, a sky spectrum accumulated in these
fibers. When the bright exposure was finished, the telescope was moved by this offset,
taking the regular stars away from their fibers and placing the brightest stars on the
fibers which had been accumulating sky photons. The plate was then exposed for an
additional short time. The coordinates in the SDSS database have been corrected for
these offsets, but we mention it because in some offset exposures (particularly M13)
the signal-to-noise ratio is lower than expected at the blue end of the spectrum.
The spectroscopic observations of the near solar metallicity open cluster NGC 7789
were targeted on the giant branch only, because there are already good SEGUE spec-
troscopic observations of stars below the main-sequence turnoff in two open clusters
with [Fe/H] close to solar: M67 and NGC 2420.
2.3 Clusters with Proper Motion Data
We used the proper motions of Cudworth and collaborators for M92, M13, M71
(Rees 1992; Cudworth & Monet 1979; Cudworth 1985, respectively) and for NGC 6791
(Cudworth, private communication). For NGC 7789 we used the proper motions of
McNamara & Solomon (1981).
Because the radial velocity zeropoint was uncertain for some of the brighter clus-
ter plates, we first examined the proper motion members (those with membership
probability greater than 70%) to obtain a clean radial velocity distribution for the
cluster. We then used this to find the optimal range of radial velocities for cluster
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Table 2.2. Plate Information for Clusters
Cluster ID Alternate Plate MJD Plate type
M92 NGC 6341 2247 53857 Offset
M92 NGC 6341 2247 54169 Bright
M92 NGC 6341 2256 53859 Faint
M13 NGC 6205 2255 53565 Offset
M13 NGC 6205 2255 53565 Very Bright
M13 NGC 6205 2174 53521 Bright
M13 NGC 6205 2185 53532 Faint
M71 NGC 6838 2333 53682
M71 NGC 6838 2338 53679
Be 29 3334 54927
Be 29 3335 54922
NGC 2420a 2078 53378 Bright
NGC 2420 2079 53379 Faint
NGC 7789 2337 53991 Bright
M67a NGC 2682 2667 54142
NGC 6791 2800 54326 Bright
NGC 6791 2821 54393 Faint
aThere were no giant stars observed in M67 or NGC 2420,
but we will use the dwarfs from these clusters to test the
SSPP log g classifications in Chapter 3 on calibration and
tests for the SSPP for giant stars .
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membership selection.
2.3.1 M92
For the most metal-poor globular cluster in our dataset, M92, the giant branch tip
is at r ∼ 11.5, so most of the red giant branch is saturated in the SDSS photometry.
We therefore used both the ugriz photometry of An et al. (2008) (reference run 4682
plus run 5237, transformed to the reference run using the transformations given in
An et al. (2008)) and the transformed photometry of Clem et al. (2008) to construct
the color-magnitude diagram (Figure 2.1).
SDSS photometric reductions have improved over the years of the survey. An
important advance occurred between Data Releases (DR) 7 and 8: what is known
as the “Ubercalibration” (Padmanabhan et al. 2008). This technique solves for the
photometric calibration parameters using all overlapping observations. When An et
al. (2008) first made the DAOPHOT reductions of the cluster data available, they
calibrated these reductions to DR7. Subsequently, An et al. (2013) calculated the
offsets to apply in order to put the cluster photometry on the DR8 system, and we
have applied these offsets to the An et al. photometry given in A.1.
Proper motions from Rees (1992) are available for all giants above the level of the
horizontal branch.
We checkd the radial velocity distribution of candidate members based on proper
motion. They have radial velocities from –123 to –103 km s−1, which range is used
as the selection criterion when proper motions are not available. Coordinates, griz
photometry and its source, SEGUE radial velocities and proper motion membership
probabilities for each member are given in Table A.1.
2.3.2 M13
M13 also has bright giants, so the color-magnitude diagram shown in Figure 2.2
uses photometry from both An et al. (2008) and Clem et al. (2008). For the photom-
etry from An et al. (2008), we used runs 3225 and 3226, correcting run 3226 to the
reference run (3225) using the corrections given in An et al. (2008), and then applied
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Figure 2.1 CMD of the globular cluster M92, using data from An et al. (2008) and
Clem et al. (2008). All points plotted are radial velocity members. Stars with proper
motion membership probabilities higher than 70% are shown as filled circles, while
stars with no proper motions available are shown with open circles. Crosses are stars
which are classified as non-members because of their position in the CMD. The solid
line is the fiducial of Clem et al. (2008), transformed to gr using the transformation
of Tucker et al. (2006).
the “Ubercalibration” corrections given in Table 1 of An et al. (2013). We chose a
radial velocity range of –251 to –239 km s−1 to select radial velocity members for this
cluster. Proper motions are available for all of the stars on the giant branch above
the horizontal branch.
Data on individual cluster members are given in Table A.2.
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Figure 2.2 CMD of the globular cluster M13, using data from An et al. (2008) and
Clem et al. (2008). All points plotted are radial velocity members. Symbols have the
same meaning as in Figure 2.1. The solid line shows the transformed fiducial of Clem
et al. (2008).
2.3.3 M71
Unlike the two globular clusters previously discussed, M71 is a disk globular cluster
in a low-latitude field with variable reddening (e.g. Casagrande et al. 2010). However,
it is one of the few clusters in this metallicity range accessible from the North. Its
low galactic latitude makes membership decisions more difficult because of the large
number of foreground disk stars. In addition, M71’s radial velocity is closer to that
of the field stars because of its disk-like orbit: the difference is only ∼ −20 km s−1,
compared to the M92 and M13 radial velocities which are 100 km s−1 (or more)
different from the field star radial velocities.
Comparison of the giant branch fiducial of Clem et al. (2008) for M71 with other
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cluster fiducials suggests that the shape of the Clem et al. (2008) fiducial is slightly
incorrect, presumably because of the larger probability of field star contamination
on M71’s giant branch, and that even genuine members have variable reddening and
thus they do not trace a tight fiducial. We have therefore constructed a new fiducial
for the M71 giant branch in g and r, using only stars which are likely members, and
have tightened up the CMD by estimating the variable reddening across M71’s field,
using the position of the main sequence turnoff based on Clem’s photometry.
To construct the CMD for M71 using likely members only, we started with stars
which had more than a 70% probability of membership from the proper motions of
Cudworth (1985) and from unpublished data kindly made available by Kyle Cudworth
for the fainter stars. These data reach more than a magnitude below the horizontal
branch, so are ideal for our purposes. We use the photometry of Clem et al. (2008),
converted to gr using the transformations in Tucker et al. (2006).
For radial velocity membership data, in light of the small difference between M71’s
velocity and that of contaminating field stars, a more accurate velocity catalog was
extremely helpful: Tad Pryor (private communication) kindly provided unpublished
velocity data for almost all stars on or above the horizontal branch in M71. These data
were obtained with high-resolution spectrographs on the DAO 48-inch and the KPNO
4m and have errors ≤ 1 km s−1. There were also multiple observations for many of
the stars, allowing likely binaries to be flagged via their radial velocity variability.
The higher velocity accuracy allowed us to use a narrower window to define velocity
membership: –20 to –27 km s−1. We also rejected one star with both radial velocity
and proper motion suggesting membership (plate/MJD/fiber: 2333/53682/165) but
with radial velocity variations which may be due to binarity.
To estimate variable reddening values across the field of M71, we used the M71
photometry of Clem et al. (2008) to map the position of the main sequence turnoff
across the field, using g − i to provide a more sensitive measurement. We divided
the region near M71 into regions of size 50 arcsec, plotted the CMD near the turnoff
that shows the most clear color shift for each region if the reddening is different, and
then overlaid the Clem et al. (2008) M71 fiducial, varying the reddening offset by eye
until we obtained the best fit. The scatter around the fitted fiducial gives an estimate
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Table 2.3. Variable Reddening Values for M71
Dec offset RA offset (arcsec)
(arcsec) –225 –175 –125 –75 –25 25 75 125 175 225
–225 0.03 0.02 0.0 -0.01 -0.01 0.0 0.0 0.0 0.0 0.03
–175 0.04 0.03 0.03 0.01 -0.01 -0.01 0.0 0.0 0.0 0.02
–125 0.02 0.03 0.08 0.02 -0.02 -0.02 -0.01 0.0 0.01 0.03
–75 0.03 0.02 0.02 -0.02 -0.02 -0.02 -0.02 0.0 0.02 0.02
–25 0.03 0.03 0.03 -0.02 0.0 0.0 0.0 0.0 0.02 0.01
25 0.04 0.04 0.02 0.01 0.01 0.0 0.0 0.01 0.0 0.0
75 0.04 0.04 0.03 0.02 0.02 -0.01 -0.01 0.0 0.0 -0.01
125 0.05 0.05 0.05 0.04 -0.01 0.0 0.0 0.0 0.0 -0.01
175 0.06 0.05 0.04 0.02 0.0 0.0 0.0 0.0 0.0 0.0
225 0.07 0.06 0.05 0.05 0.02 0.0 0.0 -0.01 -0.01 -0.01
of the remaining variation in reddening inside the 50 arcmin square field (because
the Clem et al photometry was internally accurate to significantly better than 0.01
mag. at these bright magnitudes). This scatter had a range of 0.020 to 0.075 in g− i
around the fiducial (equivalent to up to 0.05 in E(g− r)). Our reddening offsets vary
between +0.07 and –0.03 in E(B–V) over the M71 field, which is 9.2 arcmin on a side
(see Table 2.3).
Applying these reddening offsets to the confirmed cluster members (and using the
global reddening and distance modulus values given in Table 2.1) results in the CMD
shown in Figure 2.3, which can be compared with Figure 12 of Clem et al. (2008).
( We used Clem’s photometry in this case because the stars on M71’s giant branch
were either saturated or close to saturated in the original SDSS exposure.) Our CMD
is significantly cleaner, with foreground stars removed and the red giant branch, red
horizontal branch (RHB) and asymptotic giant branch more clearly visible. Likely
AGB stars are circled in magenta in the Figure: there are 11 of them. We show our
improved fiducial for the M71 giant branch in the Figure. This fiducial is tabulated
in Xue et al. (2014).
Table A.3 lists our cluster members for M71. We also list the unpublished veloci-
ties of Pryor and collaborators, our adopted reddening offsets for each of these stars,
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and the ID of each star from Cudworth (1985) in order to make comparison with
other studies easier. Figure 2.4 shows the confirmed members that were observed by
SEGUE on M71’s CMD.
2.3.4 NCG 7789
NGC 7789 is a populous open cluster with a metal abundance slightly less than
solar (Tautvaiˇsiene˙ et al. 2005) and age around 2 Gyr (Gim et al. 1998). To de-
termine membership, we combined proper motion information from McNamara &
Solomon (1981) with our velocities and the position in the color-magnitude diagram.
Our selected members have SEGUE radial velocities between –51.5 and –48.2 km s−1.
Since there are no ugriz data available for NGC 7789, we show V and I photome-
try from Gim et al. (1998) in the color-magnitude diagram of Figure 2.5, with the
cluster members observed by SEGUE highlighted. Individual estimates of reddening
values were available for some members from the Vilnius photometry of Bartasˇiute˙
& Tautvaiˇsiene˙ (2004). We used these values where available, and their cluster value
(E(B − V ) = 0.25) otherwise.
Since there are no ugriz or ugriz´ data available for this cluster, we transformed
from V −Ks to g − r via Teff measurements. We used the relation between V −Ks
and Teff of Ramı´rez & Mele´ndez (2005) and the relation between Teff and g − r of
Casagrande et al. (in preparation), which was derived by computing IRFM (Infrared
Flux Method) temperatures for stars which had good photometry in both ugriz and
J −KS. We chose to use V −KS because its relation between effective temperature
and color is the least sensitive to [Fe/H] and gravity (Bessell 2008). For each giant
branch member of the cluster, we obtained the V −Ks color using the V photometry
of Gim et al. (1998) and 2MASSKs photometry from the 2MASS point-source catalog
(Skrutskie et al. 2006).
The relation we fit to Teff and g − r had the following form:
Q = a0 + a1 ∗X + a2 ∗X2 + a3 ∗X3 + a4 ∗X ∗ [Fe/H] + a5 ∗ [Fe/H] + a6 ∗ [Fe/H]2,
where Teff = 5040/Q,X = (g − r)0 and the values of the constants a0 to a6 are:
a0 = 0.6333, a1 = 0.5234, a2 = 0.1012, a3 = −0.1226, a4 = 0.0129, a5 = −0.04597, a6 =
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−0.008629.
Data on cluster members are listed in Table A.4. The V and I photometry are
from Gim et al. (1998), radial velocities from our SEGUE data and reddening values
from Bartasˇiute˙ & Tautvaiˇsiene˙ (2004).
2.3.5 NGC 6791
NGC 6791 is a particularly useful cluster because it anchors our calibrations at the
metal-rich end, having [Fe/H]= +0.39. We used field 5416 of the photometry from
An et al. (2008) and applied the “Ubercalibration” corrections given in Table 1 of An
et al. (2013). To determine membership we used proper motion data from Cudworth
(private communication), choosing all stars with proper motion membership proba-
bility greater than 70%, velocities between –60 and –48 km s−1, and finally removing
several stars whose position on the CMD was not consistent with membership of the
cluster. Figure 2.6 shows the NGC 6791 stars observed by SEGUE on the cluster
CMD, and Table A.5 lists the likely members of the cluster.
2.4 A Cluster with no Proper-Motion data: Berke-
ley 29
No proper motion data are available for the open cluster Be 29. However, we do
have ugriz measurements for its stars, since this cluster was observed using the SDSS
imager in 2008, towards the end of its time on the 2.5m telescope. The data were
reduced using DAOphot (Stetson 1987), following the techniques used for the other
SDSS clusters by An et al. (2008). DR8 photometry in fields flanking the cluster was
used to supply the zeropoints. The Be 29 CMD is shown in Figure 2.7: the red clump
can be seen near g − r = 0.8 and r = 17.
Because Be 29’s radial velocity is close to that of the disk stars in the field, we
adopted a wide velocity window (10–40 km s−1) and visually inspected the spectra
of the stars within this window to determine if they were giants (and thus likely
to belong to Be 29) or dwarfs (and so not cluster members given their colors and
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magnitudes). Figure 2.7 demonstrates that simply using a radial velocity criterion
would lead to the inclusion of many non-members.
Table A.6 provides detail on the Be 29 members observed by SEGUE.
2.5 Summary
We have presented CMDs and membership information for stars, especially red
giants from the globular clusters M92, M13 and M71 and the open clusters Berkeley
29, NGC 7789 and NGC 6791. In each case, a number of likely cluster members
have been observed spectroscopically by SEGUE. In M71, variable reddening was
mapped using the position of the main sequence turnoff in the photometry of Clem
et al. (2008), and this allowed us to construct an improved fiducial for the red giant
branch, which is given in Xue et al. (2014).
We consider the clusters as best test fields for parameter estimates from spec-
troscopic observations, because the members in one cluster share a lot of common
features, like consistent movements, the same metallicity, and the same age. Thus
highly credible members of a star cluster are very valuable.The random errors of chem-
ical abundance measurements such as [Fe/H] can be well quantified without further
knowledge of the cluster.
At the same time, we choose these well-studied clusters, whose [Fe/H], [α/Fe],
distances, and ages have been studied by different research groups. With the extra
information, the cluster members are perfect calibrators for quantifying systematic
errors of abundance estimates too.As the residents of both the clusters and the Milky
Way, their kinematics and abundances can also be used for developing dynamic models
on cluster evolution and be compared with other galactic stars to show the clusters’
interaction with the Milky Way.
We tabulate photometric and radial velocity information of these stars for the
convenience of our calibration work presented in Chapter 3 and for the needs of other
research topics.
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Figure 2.3 CMD of the globular cluster M71, using data from Clem et al. (2008)
transformed to gr using the transformations of Tucker et al. (2006). Only stars with
more than a 70% probability of proper motion membership are plotted. Solid symbols
denote stars where variable reddenings have been estimated and applied, while open
symbols use E(B − V )=0.28. Black and cyan circles show stars with multiple radial
velocity observations that are radial velocity members without variable velocities.
Black points denote stars that are unlikely to be binaries, while cyan circles show
stars with radial velocity variability suggesting that the star may be part of a binary
system. Green circles indicate stars with one radial velocity measurement which are
velocity members. Likely AGB stars are marked with a large magenta circle. Blue
triangles denote stars without radial velocity measurements. The solid black line
traces our new M71 giant branch fiducial.
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Figure 2.4 CMD of the globular cluster M71, using data from Clem et al. (2008).
Stars without velocity data are shown as small black dots, while stars with proper
motions and radial velocities indicating membership are shown as large black dots.
Stars observed by SEGUE are shown by large red circles.
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Figure 2.5 VI CMD of the open cluster NGC 7789, based on data from Gim et al.
(1998). Stars which are proper motion, radial velocity (from SEGUE) and CMD
members are shown as filled circles. Stars which are proper motion members are
shown with crosses, and radial velocity members are shown with open circles.
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Figure 2.6 CMD of the rich open cluster NGC 6791, using data from An et al. (2008).
Circles and triangles show radial velocity members. Stars with proper motion mem-
bership probabilities higher than 70% are shown as filled circles, while those with
proper motion membership probabilities smaller than 70% are shown with open tri-
angles. If no proper motion is available for the star, it is shown with an open circle.
Crosses show stars classified as non-members because of their position in the CMD.
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Figure 2.7 CMD of the open cluster Be 29. Filled black circles show stars from the
DAOphot reductions of the SDSS photometry which are within 3 arcmin radius of the
cluster center. The most luminous giants in this plot are on the red horizontal branch.
Open red circles show radial velocity members in the giant branch color range, while
filled red circles show stars confirmed spectroscopically to be giants. It can be seen
that a radial velocity criterion alone is not sufficient to identify cluster members.
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Chapter 3
Giant Identification and Parameter
Calibration
35
The SEGUE K Giant Survey
Abstract
by
ZHIBO MA
We present a sample of 15,750 K giants with SDSS imaging and spectra which are
suitable for studies of the Galaxy out to more than 100 kpc. We supplement the SSPP
measurements of log g and [Fe/H] for these stars by using an index which measures the
strength of the Mgb/H feature near 5170 A˚, a classical luminosity indicator. We have
tested our luminosity classification using stars from a number of globular and open
clusters which were specially observed by the SEGUE project for calibration, and also
using over 100 stars with high-dispersion observations, and show that the addition of
the Mg index improves the purity of the sample significantly. We derive estimates of
the [Fe/H] error as a function of signal-to-noise which are superior to those supplied
by the SSPP. We also explore other possible contaminants to the sample, finding that
carbon-enhanced stars and those with very red colors can cause problems, solved by
the use of the Mg index. We also find that removing stars with spectra flagged as
“noisy” by the SSPP improves the quality of the sample. A companion paper by Xue
et al. (2014) presents distance estimates for ∼6000 giants, calculated using a Bayesian
scheme which accounts for biases caused by the giant branch luminosity function. We
discuss other work which uses the SDSS spectra to identify K giant samples but which
either simply uses the SSPP log g measurement or makes fewer quality cuts.
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3.1 Introduction
There has been much progress in our understanding of the origin of the Milky
Way’s halo in the past two decades: the discovery of the Sgr dwarf in the process
of being accreted by the Milky Way (Ibata et al. 1994; Mateo 1998), followed by
a number of other detections of substructure in the halo (e.g. Helmi et al. 1999;
Belokurov et al. 2006; Grillmair & Dionatos 2006) showed that accretion was an
important process in building up our halo. Investigation of the chemical abundances
in halo stars has also allowed us to begin to study the properties of the halo’s “building
blocks” (e.g. Venn et al. 2004; Nissen & Schuster 2010; Roederer et al. 2010). However,
many of these studies, particularly those using stellar abundances, are still confined
to the inner halo, if not the solar neighborhood. Good tracers are critical to the
further understanding of our halo over its entire spatial extent. Here “good tracers”
means stars which are spread throughout the whole halo, represent a wide range of
ages and metallicities, and can be studied using the current generation of telescopes
and instruments.
The halo’s large physical extent (more than 100 kpc in radius) demands luminous
tracers. Historically, RR Lyrae and blue horizontal branch (BHB) stars were the
halo tracers of choice away from the solar neighborhood because of their ease of
identification (e.g. Saha 1984; Kinman et al. 1994; Drake et al. 2013). Unfortunately,
the position a star occupies on the horizontal branch is a function of at least its
metallicity and age, and so neither of these stellar types represent a full range of
stellar properties. In fact, it was shown by Preston et al. (1991) that even such a
fundamental halo property as its radial stellar density distribution varies depending
on whether RR Lyraes or blue horizontal branch (BHB) stars are used as tracers. Red
giant branch stars are a much more democratic tracer since this stage of evolution is
shared by all stars. In addition, they are better suited to abundance analysis than
either RR Lyraes or BHB stars. The reason that red giants have not been heavily
utilized in the past is that one needs a spectrum to separate a giant from a dwarf
securely. It has taken until the age of large-scale spectroscopic surveys, in particular
the Sloan Digital Sky Survey, before it has become possible to identify a sample of
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halo giants with thousands of members.
There have been a number of halo studies using red giant stars from SDSS/SEGUE
– stars in the Sgr stream (Koposov et al. 2013; Belokurov et al. 2014; de Boer et al.
2015) as well as more general studies of the halo (Chen et al. 2014; Kafle et al. 2014;
Janesh et al. 2015; Xue et al. 2015). Janesh et al. and Xue et al. use red giants
identified in this chapter, but in all but one of the others, giant stars are simply
selected using the log g value provided by the SSPP. This chapter examines the
problem of reliably identifying red giants (which are outnumbered many times by
foreground disk dwarfs, making reliable identification quite difficult). We also test
the accuracy of the SSPP [Fe/H] and log g measurements for these cool stars, since
K stars were generally not included in the tests done by Lee et al. (2008a,b); Allende
Prieto et al. (2008) and Smolinski et al. (2011).
This chapter follows on from four previous papers on SEGUE calibration using
star clusters. Lee et al. (2008b) made the first comparison of SSPP parameters from
spectroscopic observations in three globular and two open clusters, while Smolinski et
al. (2011) made comparisons for an additional eight clusters, using improved, updated
SSPP values. However, because a special observing strategy was used to obtain
spectra of the brightest giants in the clusters, the red giant data were not used by Lee
et al. (2008b) or Smolinski et al. (2011) and so the SSPP parameters have not been
well tested for red giants until now. The cluster red giants observed by SEGUE are
the subject of Chapter 2. This chapter follows on by using these cluster giants plus
other stellar samples with known parameters to examine the accuracy of the SSPP
in the K giant region.
Section 3.2 describes the star clusters and individual stars with high resolution
analysis and SEGUE spectra that we use for our tests of the SSPP. Section 3.3
examines the [Fe/H] measurements for our K giant standards from clusters and the
field, and quantifies the error on [Fe/H] as a function of the signal-to-noise (S/N)
of the SEGUE spectrum. Section 3.4 examines the SSPP’s log g measurements for
both K giants and dwarfs, using clusters and also samples of high proper motion
K dwarfs to supplement in regions of parameter space not sampled by the clusters.
Section 3.5 introduces the Mg index that we use as an additional luminosity check. It
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also highlights a number of areas where the log g value is unreliable and needs to be
supplemented either by the Mg index or another check. In Section 3.6 we summarize
our K giant selection algorithm and briefly discuss implications for other work which
uses only the SSPP log g to identify giants. Section 3.7 concludes by outlining recent
and planned work on the halo using K giants.
We note that the SSPP output and photometry used in this thesis are all from
Data Release 9. There have been no changes in the photometric reductions since
DR8; and few changes that would affect [Fe/H] or log g in the SSPP since DR9.
3.2 Testbed: Stars with High-Resolution Analysis
and Clusters
The globular and open clusters which we used for our tests of the SSPP and for our
additional luminosity measurement are described in Chapter 2 and also in Morrison
et al. (2015). The globulars comprise three clusters with metallicity ranging from
[Fe/H]=–2.4 to –0.8: M92, M13 and M71. In addition, we studied three open clusters
with [Fe/H] ranging from –0.4 to +0.4: Berkeley 29, NGC 7789 and NGC 6791.
All clusters except NGC 7789 have ugriz photometry, although we have had to use
u′g′r′i′z′ photometry, transformed to ugriz , for the brightest giants in a number of
clusters. We have between 4 and 35 stars with SEGUE spectra on or above the red
horizontal branch in each cluster.
We restrict our attention in this chapter to stars with g− r0 between 0.5 and 1.3,
since one of our K giant target types (l color K giants) has g−r0 between 0.5 and 0.8,
while the other two target types (red K giants and proper motion selected K giants)
have g − r0 colors between 0.8 and 1.3.
Table 2.1 summarize the values of distance modulus, [Fe/H]1 and E(B − V ) that
we use for these clusters.
Chapter 2 describes the careful procedures we used to determine whether the
1For the globular clusters we use the metallicity scale of Kraft & Ivans (2003), based on FeII
lines.
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stars observed by SEGUE were actually cluster members. We supplemented velocity
information and color-magnitude diagram (CMD) position by stellar proper motions
for all clusters except Be 29, for which we classified velocity members by eye into
giants or dwarfs to remove the foreground disk dwarfs which were quite problematic
for this distant open cluster. In addition, we derived a new variable reddening map
for M71 and a new giant branch fiducial.
While our observed clusters cover almost the entire range of metallicity of Milky
Way globular and open clusters, there are gaps in the metallicity coverage, particularly
between [Fe/H]=–0.8 and –1.6 and below –2.4, which are not ideal. The SEGUE
project has supplemented these cluster data by obtaining high resolution observations
on stars observed by SEGUE, since the saturation limit of SDSS photometry (around
g = 14.5) makes it unlikely that any SEGUE targets will be of stars with existing
high-resolution spectra.
These high-resolution calibration data were taken on a variety of telescopes in-
cluding the HET, Subaru and Keck, and Allende Prieto et al. (2008) and Lee et al.
(2011) describe the comparison of the metallicity and [α/Fe] values of the stars ob-
served with HET with SSPP values. The combined analysis of all the high-resolution
calibration spectra from all three telesopes is discussed in Rockosi et al (in prepara-
tion). Figure 3.1 shows the coverage of Teff, log g and [Fe/H] of the high-resolution
sample. It can be seen that many of the giants, however, have metallicities of –2.0
and lower.
3.3 Testing SSPP: [Fe/H]
The SSPP calculates metallicity using a variety of different methods, whose results
are combined using robust averaging, making the final result less sensitive to any one
method. The techniques used are described in detail in Lee et al. (2008a) and the
updates and improvements for DR9 can be found online2 or in Rockosi et al. (in
preparation).
2http://www.sdss3.org/dr12/spectro/sspp methods.php
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Figure 3.1 Variation of Teff , log g and [Fe/H] for our high-resolution calibration
sample. Note that many of the giant star calibrators have low metallicities, comple-
menting the cluster sample which is restricted to [Fe/H]=–2.4 and above.
For stars in the color range of interest for K giants (g − r0 between 0.5 and 1.3)
the dominant methods are based on matching the stellar spectrum with a grid of
synthetic spectra. Methods NGS1, NGS2 and CaIIK1 are used for the entire color
range; methods ki13 and k24 are only used for the extreme blue end of the color range
(g − r0 between 0.5 and 0.6). One method based on neural networks (ANNRR) also
contributes, plus two methods based on line index measurements of the CaII K line
and a broadband color (CaIIK2 and CaIIK3). The CaII K line indices are particularly
useful for extremely metal poor stars where other lines become exceedingly weak.
Figure 3.2 summarizes our comparison between the literature values of each clus-
ter’s [Fe/H] and the average of the SSPP [Fe/H] for the giants above the horizontal
branch in each cluster. Note that we have chosen to use the Kraft & Ivans (2003)
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Figure 3.2 Comparison of metallicities between SSPP and literature values (see Table
2.1 for references) for giants in all the clusters discussed in this chapter, plus for the
18 giants with log g < 3 in the high-resolution analysis. The [Fe/H] value on the x
axis is the literature value for clusters and the average of the high-resolution values
for the leftmost point. The y axis shows the median difference between the literature
or high resolution value and the SSPP value. Error bars show a robust estimate of
the standard deviation of the differences which uses a median rather than the mean.
metallicity scale, based on FeII, for our globular clusters. For all clusters except NGC
7789 and NGC 6791 we have used stars with g − r0>0.5; for NGC 7789 we chose all
stars with V − I > 1.0, and for the very metal rich (and thus red) cluster NGC 6791
we used all stars with g − r0> 1.0. It can be seen in the Figure that there is only
one cluster (M71) where the difference between the SSPP value of [Fe/H] and the
literature value exceeds 0.1 dex, an impressive result over the [Fe/H] range between
–2.4 and +0.4.
Because there are no globular clusters with extremely low metallicities, we have
supplemented the sample with giants from our high-resolution calibration sample
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discussed above, and the difference between the high-resolution [Fe/H] value and
the SSPP value is shown in Figure 3.2. These stars all have values (from the high-
resolution analysis) of [Fe/H] less than –2.6 and log g less than 3. It can be seen that
the SSPP reports metallicities around 0.15 dex too high for these very weak-lined
stars, perhaps because the limitations of our R∼1800 spectra are being reached here.
We used the results shown in Figure 3.2 plus measures of variation in SSPP [Fe/H]
measures for giants with duplicate observations to quantify the SSPP errors on [Fe/H]
for a range of signal-to-noise (S/N). Adding an 0.07 dex offset for the variation from
the absolute value to the random error, we find that the following cubic polynomial
can be used to quantify the [Fe/H] error as a function of S/N:
Err([Fe/H])=
√
(0.072+ (0.48− 0.02158 S
N
+0.0003893 ( S
N
)2− 0.000002356 ( S
N
)3)2)
The error value will be 0.2 if S/N=17, which is also used for S/N less than 17;
for a S/N ratio of 66, the error in [Fe/H] will be 0.1 dex, which is also used for
S/N greater than 66, to avoid the polynomial’s unphysical behaviour outside this
range. This equation is significantly more accurate than the SSPP’s quoted error for
metallicity so should be used preferentially, specially in applications such as distance
measurement for the giants, which depend sensitively on [Fe/H] (see Xue et al. 2014).
In summary, we have shown that over the metallicity range from +0.4 to –3.7,
the mean value of SSPP [Fe/H] for red giant stars is never more than 0.2 dex from
the literature value, and usually closer than 0.1 dex. The S/N of the K giants in our
final sample has a median value of 46, so our median [Fe/H] error is 0.11 dex.
3.4 Testing SSPP: log g
The SSPP measures log g using a number of different methods, again robustly
averaged to produce the final result. The methods which match the stellar spectrum
to a grid of synthetic spectra are once again the “workhorse” methods here: NGS1
and NGS2 are used over almost the entire color range of the giants, while ki3 and
k24 are only used for stars with g− r0<0.6, the bluest in our color range. The neural
network techniques ANNSR and ANNRR are used for stars bluer than g − r0= 0.7
and 1.3 respectively.
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In the first (DR6) release of the SSPP there were two line indices added to these
methods, utilizing the luminosity sensitivity of the Mgb/H feature near 5170A˚ and
the CaI line at 4227A˚. These indices are based on the work of Morrison et al. (2003),
and their values were linked to the log g values of Cayrel de Strobel et al. (2001) to
calibrate them. The line index which measures the CaI line is called CaI1 and is still
in use. However, because the line indices in the SSPP are calculated using continuum-
normalized spectra, we found that the Mg index was too wide to be calculated this
way, and it was removed from the SSPP. (We discuss our own calculation of this index
for the K giants in Section 3.5 below).
In part because of the removal of this Mg index calculation from the SSPP, the
performance of its log g estimates has improved significantly since its first version
(Lee et al. 2008a,b). Here we utilize our cluster giant data to test it specifically for
giants.
For clusters with well-constrained distances, it is possible to obtain an estimate
of what we call the “physical” log g via the following equation:
log(g/g⊙) = log(M/M⊙) + 4log(Teff/Teff,⊙)− log(L/L⊙)
We adopted masses of 0.8 M⊙ for giants in the two globular clusters (M92 and
M13), 1.1 M⊙ for NGC6791, and 1.2 M⊙ for Be29, and took the corresponding
Teff for each star by matching g − r0 using the Basti isochrone (Pietrinferni et al.
2004, 2006) with the closest value of age and metallicity for each cluster. We also
assumed a solar Teff of 5770 K. We used the cluster distance moduli (given in Table
2.1) plus bolometric corrections from the Basti isochrones in order to calculate the
luminosity of each star. Figure 3.3 compares values of physical and spectroscopic
(SSPP) log g for four clusters which cover a large range of metallicity. It can be seen
that the estimates generally agree quite well, with the largest scatter seen for the
lowest-metallicity cluster, M92, because of its very weak lines.
We also calculated the sigma of the differences between the physical and SSPP
log g estimates for the giant stars in these four clusters. The values are given in Table
3.1. We estimate the random error on the physical log g values as ranging from 0.10
at the red end of our color range to 0.15 at the blue end. Major contributions to this
error are from the Teff errors and the g − r0 color measurement error which affects
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Figure 3.3 Physical log g compared with SSPP log g as a function of S/N, for four
clusters where we have ugriz photometry. Black points have the lowest S/N (10–
20),blue intermediate (20–30) while red points have the highest (30 or higher).
the luminosity in the above equation; the error is larger at the blue end because the
giant branches are steeper there. Subtracting the physical log g errors in quadrature
leads to estimates on the sigma of the SSPP log g ranging from 0.10 (for high S/N
giants in our most metal rich cluster) to 0.43 (for giants with a range of S/N in our
most metal-poor cluster).
The Table and Figure show that the log g accuracy of the SSPP is a stronger
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Table 3.1. Measured sigma of physical - SSPP log g values
cluster [Fe/H] sigma of difference number of stars error on sigma
M92 –2.38 0.46 38 0.05
M13 –1.60 0.31 105 0.02
Be29 – 0.38 0.38 8 0.10
NGC 6791 +0.39 0.14 17 0.02
function of [Fe/H] than of S/N, with low metallicity clusters having the lowest accu-
racy, although we also note that all the giant stars observed in the most metal-rich
cluster, NGC 6791, have S/N of 30 or above.
3.4.1 K dwarf tests
The clusters provide good checks of the accuracy of the SSPP log g for K giants,
but not for K dwarfs, because for most clusters these stars are too faint to be measured
spectroscopically with the SDSS 2.5m telescope. We need to be sure that the SSPP
classifies K dwarfs correctly as well as K giants. We have near solar abundance dwarfs
from the clusters M67 and NGC 2420, and will use these stars in determining the
correct region of the Mg index diagram for giants in Section 3.5. Metal-poor K dwarfs
(subdwarfs hereafter) are, however, not represented in our cluster samples, and so we
use proper motions to identify a sample of field dwarfs (dominated by subdwarfs)
with SDSS spectra and SSPP parameters. We do this by finding a proper motion
which is so high that any star in our survey with absolute magnitude brighter than
the main sequence turnoff in an old population would be going faster than the local
escape velocity.
If we (very conservatively) assume that all of a star’s velocity is in the two direc-
tions of proper motion and require that the star’s tangential velocity is greater than
the local escape velocity (533 km s−1: Piﬄ et al. 2014), then this gives us an equiv-
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alent proper motion cut once we use the survey magnitude limits and the absolute
magnitude of the turnoff. SEGUE spectroscopy is limited by saturation in the SDSS
photometry, which occurs near 14.5 in each filter. If we want a star to be below the
main sequence turnoff it needs to have Mg = 4 or fainter (An et al. 2007). Such a star
will be at a distance of 1260 pc, at which the escape velocity translates to a proper
motion of 90 mas/year.
Thus we chose a sample of SEGUE stars in the K giant color range (g − r0
between 0.5 and 1.30) with proper motions greater than 90 mas/yr, and investigated
their properties in SSPP log g. We obtained the proper motions from the SDSS table
ProperMotions; in order to guard against erroneous proper motions, we applied the
stringent quality checks recommended by Kilic et al. (2006). This query returned 544
stars, from an initial sample of 137,113 stars with valid SSPP measures of log g and
[Fe/H] high quality proper motions, and no flags indicating carbon-enhanced stars
or very noisy spectra (which we use below as SSPP quality checks for K stars).
We find that our dwarf sample has SSPP [Fe/H] ranging from above solar to –3.6
with a mean metallicity of –1.8, and a mean log g of 4.4 with a standard deviation
of 0.23. Note that this number is lower than the equivalent number for metal-poor
giants (0.45 for M92 giants). This is likely caused by the compression of the SSPP
log g values on the lower mainsequence which can be seen in Figure 3 in the NGC
6791 panel). Of these 544 kinematically chosen dwarfs, only two had SSPP log g
values less than 3.5 (our initial cutoff to consider a star a possible giant, see Table
3.2 below). We checked the spectra of these two stars by eye and confirmed that they
were indeed dwarfs, as the high velocity selection would indicate. So we have found a
mis-classification rate of K dwarfs of less than 0.4 percent, which is impressively low.
In Figure 3.4 we highlight a peculiarity of the SSPP’s log g measurement for very
red K dwarfs: the reddest K dwarfs in our color region have significantly higher log
g values than expected. Blue points are the high proper motion dwarfs described
above which have metallicity less than –2.0. In order to show the behavior of the
metal richest dwarfs (which are not generally found with very high proper motions)
we needed to reduce the proper motion requirement to 45 mas/yr. We confirmed
that all of these stars were dwarfs by examining their spectra by eye. We see that
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the dwarf sequence turns upward toward lower log g for g − r0> 1.0, unlike the
isochrones shown on the same plot for illustration. We suspect that this behavior
is caused by the increasing importance of molecular features, particularly for metal-
rich dwarfs: the SSPP’s continuum normalization algorithm may be removing these
features wholesale and thus making the spectrum appear to have an unphysically low
log g. Alternatively, the synthetic spectra used for comparison in the NGS1 algorithm
may not be a good match to these very red, stronglined dwarfs.
Figure 3.4 log g vs g−r0 for a sample of confirmed dwarfs. Blue points have [Fe/H]<–
2.0 and proper motion greater than 90 mas/yr. With this high proper motion they
would be moving at more than the escape velocity if they were not K dwarfs in our
survey. Red points have proper motions greater than 45 mas/yr and [Fe/H]>–0.4.
For reference purposes we also show loci from alpha-enhanced Basti isochrones for
stars with age 12 Gyr and [Fe/H]=–0.3 (red) or –2.6 (blue). It can be seen that the
metal richer dwarfs with g − r0>1.0 have unphysically high values of log g.
We checked this result with the entire SEGUE-1 and SEGUE-2 spectral dataset
of stars in our color range (g−r0 between 0.5 and 1.3), simply requiring that log g>3.
No log g cut will be perfect here, as we will show below that there are a few dwarfs
which the SSPP gives gravity less than 3, and the bluer side of the sample will be
contaminated by genuine subgiants, but we have chosen this log g cut to highlight
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the behavior at the red end of our color range where there are no stars old enough to
be subgiants. Figure 3.5 shows the stars excluding the ones with the N and G flags
discussed above. We see the same behavior (log g values too low for g − r0>1.0) in
this plot as well. The trend with metallicity, however, is not quite as clear, perhaps
because the requirement on log g (greater than 3.0) which was used to make the
sample is not as good at identifying dwarf stars as the proper motion cuts.
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Figure 3.5 SSPP log g vs g − r0 for all stars observed by SEGUE-1 or SEGUE-2
with log g< 3.0. It can be seen that very red dwarfs have lower log g than would be
expected, since there should be no subgiants with g − r0 greater than 1.0.
It would be good to know the effect of these log g errors on the [Fe/H] values for
these very red dwarfs. Unfortunately we have no stars from the two metal-richest
clusters, M67 and NGC 2420, which have g − r0 greater than 1.05, and the high
resolution sample is also missing these stars, so we cannot check it directly. However,
we see in Section 3.5 that there may also be problems with the metallicity and Teff
for these cool stars. Will the log g errors discussed here affect the purity of our K
49
giant samples? We will show below that the additional luminosity criterion which we
calculate, the Mg index of Morrison et al. (2003) removes the reddest dwarfs in the
sample.
In summary, even for the most metal poor stars and lowest S/N, the uncertainty
of the SSPP log g is quite adequate for successful discrimination of giants from dwarfs
for all but the reddest stars. These reddest dwarfs are discarded using the Mg index
described in the next section.
3.5 Empirical Calibration of Luminosity Using the
Mg Index
While the SSPP uses several different techniques to calculate log g, it is not well
suited to the measurement of large molecular features like the luminosity-sensitive
MgH lines, so we calculate the strength of this feature directly from the SDSS spectra
without continuum normalization.
The Mgb/MgH feature near 5170A˚ has long been used as a luminosity discrimi-
nant (e.g. Seitter 1970). Giants show a weaker Mgb/MgH feature than dwarfs with
the same temperature and metallicity, because it is easier to form the MgH molecule
in the denser atmospheres of dwarf stars. While this feature is sensitive to luminosity,
it also responds to a star’s metallicity, with more metal-rich stars showing stronger
features at a given temperature. This means that there will be a few very metal poor
dwarf stars in the region of weak Mg index occupied by giants. We have discussed
these subdwarfs in Section 3.4.1 above: the SSPP log g behaves well enough for sub-
dwarfs that we can eliminate them from our sample using the log g cut discussed
below.
The Mg feature was used for luminosity discrimination by the Spaghetti survey
(Morrison et al. 2003), who calibrated it by plotting the value of their Mgb/H index
(a pseudo-equivalent width) against color and comparing with observations of stars of
known luminosity and gravity, particularly stars from cluster giant branches. While
the DR7 SSPP included a version of the Mg index used by Morrison et al., we found
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that this did not work well because the SSPP uses continuum-corrected spectra, and
its continuum correction algorithm tends to “correct” away some of the broad MgH
feature, which covers more than 200A˚ in a K dwarf.
We calculate the Mg index from the 1D SEGUE spectrum following Morrison
et al. (2003) – their Mg2 index. We also calculate the error on the Mg index by
propagating the error on each pixel of the spectrum (supplied by the SDSS spectral
reduction package) through the calculation of the Mg index. For giant selection we
only use stars with an error on the Mg index of less than 1.5.
Figure 3.6 shows the Mg index for giants in all the clusters for which we have
SEGUE spectra, plotted against g − r0. The lines are drawn by eye to match solar
dwarfs (red), and giants in the super-metal-rich cluster NGC 6791, the three solar-
to-intermediate metallicity clusters M71, Be 29 and NGC 7789, and the two most
metal-poor globulars M92 and M13.
Since there were no metal rich K dwarfs observed in either M67 or NGC 2420 with
g− r0 greater than 1.05, we supplemented our cluster sample with field dwarfs found
as described in the previous section, with high metallicity ([Fe/H]> −0.4) and high
proper motion (more than 45 mas/yr). We then checked that each of these stars was
indeed a dwarf by inspecting its SDSS spectrum by eye. We have plotted these stars
on Figure 3.6 as well. The luminosity sensitivity of this index is clear from inspection
of the Figure: the solar abundance dwarfs have higher values of the Mg index at a
given g− r0 than even the super-metal-rich giants. In general the Mg index value for
the giants also follows the cluster metallicity, with the most metal poor cluster giants
having the lowest Mg indices and the most metal rich ones the highest.
However, the stars from M71 are at a puzzling position, having stronger Mg index
than either the NGC 7789 or Be 29 giants, despite its lower metallicity. Using high-
resolution measurements for Mg and alpha elements we find that M71 has [Mg/H]=–
0.62 (Mele´ndez & Cohen 2009), while NGC 7789 has [Mg/H]=0.04 (Tautvaiˇsiene˙ et
al. 2005) and Be 29 [α/H]=–0.33 (no accurate Mg abundance being available, Sestito
et al. 2008), so we would expect the Mg index values for the M71 stars to be at lower
values than those of NGC 7789 or Be 29. It is possible that this is caused by the
unusual C and N abundances of a number of globular clusters (Smith & Norris 1982),
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Figure 3.6 Mg index vs. g− r0 color for clusters of different metallicity (see Table 2.1
for [Fe/H] values for the clusters, which range from -2.38 (M92) to +0.39 (NGC 6791).
For each cluster, we show giants with Mr < 2 with closed circles, and intrinsically
fainter stars with smaller symbols, except for M67 and NGC2420 with only dwarfs
available. High proper motion field dwarf stars with [Fe/H]>–0.4 have been used
to supplement our sample of cluster stars for g − r0>1.1, and are shown with open
brown symbols. It can be seen that the Mg index is sensitive both to luminosity (with
giants from the super metal rich cluster NGC6791 still having lower values than solar
abundance dwarfs) and to metallicity.
as there are both CN bands and the 5615A˚ Swan band of C2 in the wavelength region
used for the Mg index. Fortunately, since we use the Mg index as a check of the SSPP
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log g and not as an abundance estimator, this anomaly will not affect our work.
Figure 3.7 shows the regions of the Mg/g − r0 diagram that we use to identify
giants. Since the Mg index is affected by metallicity as well as by luminosity, we have
chosen to use different regions to identify giants, depending on the stellar [Fe/H]. All
giants need to be below the solid black line; those with [Fe/H] less than –1.0 need to
be below the dashed black line, while those with [Fe/H] less than –2.0 are required
to be below the dotted line.
Figure 3.7 Regions of the g − r0/Mg index line which we use to identify giants are
shown in black. All giants are required to be below the solid black line, while giants
with [Fe/H] < −1 are required to be below the dashed black line and those with
[Fe/H] < −2.0 need to be below the dotted black line. Shown in color are the loci of
solar abundance dwarfs (red), giants from NGC 6791 with [Fe/H]= +0.39 (magenta)
and giants from M92 with [Fe/H]= –2.38 (blue), all from Figure 3.6.
In order to understand in more detail the usefulness of the Mg index as an add-on
luminosity indicator for the SSPP, we show in Figure 3.8 the relationship between
Mg index and log g for the SEGUE stars in our color interval (g − r0 between 0.5
and 1.3). For this plot we select stars with clean photometry, g < 19 and a Mg index
error less than 1.5 to limit the number of stars misclassified simply because of errors
in g − r0 or the Mg index.
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Figure 3.8 Mg index vs. log g for stars observed by SEGUE with g magnitude less
than 19 in the g − r0 color range between 0.5 and 1.3. We use log g<3.5 as one of
our selection criteria for giants, shown on the diagram by a vertical dashed black line.
Stars to the right of this line with high Mg indices for their metallicity are likely SSPP
errors: for example, no green or blue points should have Mg index higher than 8, and
no giants of any metallicity should have Mg values above 18. The dashed green and
red lines show these limits.
First we examine the left hand side of the plot: stars with large values of log
g. We expect to see dwarf stars with a large range of Mg index values because of
the range in metallicity in the stars observed. As expected, most of the metal-poor
dwarfs, shown in blue, have lower Mg indices than the rest. More unexpected is the
clump of blue, cyan and green stars ([Fe/H] < –1.0) which have log g>4 and a Mg
index greater than 18. (We will show below that these latter stars have g − r0> 1.2,
a region of color space where the SSPP does not perform well.)
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It is clear from the figure that simply using a log g cut at 3.5 (or 3.0), as done by
a number of authors including Belokurov et al. (2014) and de Boer et al. (2015) does
not produce a clean sample of giants. The Mg values for giants vary with color as
well as metallicity, but we note that the coolest stars which we classify as giants have
an Mg index of less than 18, so any point above this value should not be a giant. The
two vertical features near log g of 2.5 and 1.8 are also much more likely to be caused
by errors in the SSPP than by anything physical.
In Figure 3.9 we investigate this behavior by breaking the sample into different
color ranges. First we consider the general behavior of stars in the left hand panels of
Figure 3.9, which show the same data as in Figure 3.8 split by g−r0 color. We consider
the region of the plots with log g>3.5. The top two panels show the expected behavior
of the Mg index for stars of differing metallicity: the highest metallicity dwarfs, shown
by red and orange points, have the highest Mg indices, and most of the metal poor
dwarfs the lowest value. We also see the mean value of the Mg index increase toward
stars of lower temperature, as shown in Figure 3.6. The region with log g<3.5 shows
a similar overall trend, with more metal rich stars having higher values of Mg index,
and also shows the decrease of the number of very metal poor stars with increasing
g−r0 color caused by the bluer giant branches of the most metal poor stars. However,
there are a number of quite metal-poor stars with low gravity and unexpectedly high
Mg indices, most evident in the top left panel. Many of these are carbon-enhanced
stars, shown in the right hand panels and discussed below.
The bottom panels show surprising behavior: Many of the stars are clumped in
the region with both high log g and high Mg; and we see that most of the metal richer
stars ([Fe/H]>–0.5) reach to values of log g=3. In particular, we would not expect
that stars with [Fe/H] less than –2.0 would have such high Mg values. Examination of
the spectra shows that these stars are indeed dwarfs: we suspect that for the reddest
colors, the SSPP’s values of Teff and [Fe/H] are likely to be quite erroneous. We have
already discussed the problems with erroneous log g values for such stars in Section
3.4.1. For the purposes of identifying giants, we note that the most metal-rich dwarfs
are at values of log g less than 3.5, so an additional luminosity indicator such as our
Mg index is important to eliminate these stars from our sample.
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We now return to the carbon-enhanced stars mentioned above. The right hand
panels of Figure 3.9 show the same color range as the left hand panel but exhibit only
stars which the SSPP flags as having a strong G-band feature, indicating an unusually
high [C/Fe] value. Carbon-enhanced stars can be either giants or dwarfs, and in gen-
eral the SSPP reports their log g correctly (Lee et al. 2013). Some carbon-enhanced
stars have only a strong CH feature (for example the carbon-enhanced metal-poor
stars, CEMP hereafter), others also have strong C2 (Swan) bands and can also show
strong CN. While these stars are themselves very interesting (particularly the CEMP
stars), our distance estimates, which use the g−r0 color, will not be accurate for these
stars since the g filter includes their very strong CH feature (distance estimation for
our giant sample is described fully in Xue et al. 2014).
The C2 band with 1-0 bandhead at 5165 A˚, located very close to the location of
the Mg lines which our index measures, is the cause of the high values of the Mg
index for the metal poor stars shown in the right hand panels of Figure 3.9. It can
be seen here that our Mg index check will remove many but not all carbon-enhanced
stars .... it will not work when the star is so metal-poor that it only shows the CH
band enhancement. So we have chosen in addition to reject all stars which have the
SSPP G flag which indicates a strong G band.
While the red dwarf stars with low log g and the C-enhanced stars are the two
major reasons why we find stars with SSPP log g less than 3.5 which are not giants,
we see that there are also other stars that have incorrect log g measurements and
are neither carbon enhanced nor extremely red. We have used two other checks to
eliminate these stars: first we remove stars flagged by the SSPP as ’N’ – a noisy
spectrum. The SSPP requirement that a spectrum needs a S/N of 10 or above before
it provides parameter estimates removes many, but not all, low S/N spectra, and this
flag is a useful adjunct.
Our other ’reality check’ involves comparing the photometric g−r0 value with the
flux calibrated SDSS spectrum. We simply divide the mean continuum level between
4000 and 4026 A˚ by the continuum level between 5217 and 5258 A˚, and calibrate this
color indicator against g − r0 using giants with low reddening. We chose to discard
stars whose flux-derived color is more than 20% away from the fit line.
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3.5.1 Description of our technique for identifying giants
In summary, we have shown that the SSPP performs well in determining [Fe/H] for
K giants, and, when we combine the SSPP log g measurements with our empirically
calibrated Mg luminosity indicator, we have an excellent separation of giants and
dwarfs. Below we summarize our selection technique for giants, listing these criteria
in Table 3.2.
First, we restrict our interest to stars in the K-giant region in g−r0 — between 0.5
and 1.3. When we calculate distances for our giants (see Xue et al. 2014) we restrict
this color region further by requiring that the star is on the red giant branch with
a luminosity at or above the horizontal branch. This is because otherwise there are
two possible values for the stellar distance: one if it is on the red giant branch, the
other if it is on the red horizontal branch. We also restrict ourselves to low-reddening
regions of the Galaxy where E(B − V ) < 0.25, with reddening measured by Schlegel
et al. (1998). Rockosi et al (in preparation) have performed a thorough check of
these reddening values using 80 globular clusters with well-determined reddenings,
and show that deviations from the 1:1 line are minimal (3%).
For the purpose of this chapter (and Janesh et al 2015, who discuss substructure
in the K giant sample) we do not restrict ourselves to stars targeted as K giants, but
take any star which satisfies all the giant criteria below. When we study the K giant
[Fe/H] distribution in Chapter 4, however, we have to correct for the biases introduced
by the SEGUE targeting algorithm, so only choose stars targeted specifically as K
giants.
We require that a star has estimates of both Teff and log g from the SSPP (which
only delivers values for spectra with S/N greater than 10) and use a generous first cut
in log g: a star must have SSPP log g less than 3.5. We then refine this luminosity
criterion using the Mg index as follows. We use only stars for which the error on the
Mg index is less than 1.5. Then we apply the cuts shown in Figure 3.7, which use the
SSPP [Fe/H] measurement to delineate the regions occupied by K giants of varying
metallicity.
In addition, we make a number of quality checks to eliminate erroneous data.
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Table 3.2. Giant Criteria
Selection criteria for SEGUE giants No. of stars
Stars have valid [Fe/H] and log g from SSPP 382,302
Low reddening field with E(B − V ) <0.25 362,687
g − r0 between 0.5 and 1.3 152,368
SSPP log g< 3.5 23,637
Star in giant region of Mg/g − r0 diagram (see Fig. 3.7) 17,607
Star’s g − r0 color matches fluxed spectrum 16,522
SSPP N and G flags not set 15,750
These are particularly important because halo K giants are rare objects. The first is
a rough check on the g − r0 color, using the flux-calibrated SDSS spectra, described
above.
In addition we use two flags from the SSPP which are particularly useful for high-
lighting erroneous data for K stars3. The first, N, describes a noisy spectrum: stars
with this flag set were discarded. The second, G, describes a star with a very strong
G band feature, likely caused by high [C/Fe]. While these stars are astrophysically
very interesting, our calibrations of luminosity and our distance calculations will not
work because of the many strong carbon bands in the spectra, so we discard these
stars too. These two flags were also described in the previous section.
3.6 Results and Discussion
We use the criteria described above on stars targeted in SEGUE-1 and SEGUE-2.
There are 23,637 stars which satisfy the three criteria of Table 3.2 – low reddening,
log g<3.5 and g − r0 between 0.5 and 1.3. 15,750 of these stars also satisfied the
remaining criteria, making them spectroscopically confirmed giants. This sample is
3The SSPP flags are described in detail at http://www.sdss.org/dr12/spectro/sspp flags/
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several orders of magnitude larger than the previous best sample of K giants in the
halo pre-SDSS: the Spaghetti giant sample, which contained 101 stars.
Distances are calculated for the stars by Xue et al. (2014), using a Bayesian
scheme which uses prior information about the giant branch luminosity function and
the stellar metallicity distribution to remove biases. In order to remove the possibility
of double-valued distances they only calculate distances for the 6,036 stars on the red
giant branch above the horizontal branch. Xue et al. show that ignoring these biases
can lead to a systematic bias in distance modulus(over-estimating distance) of up to
0.25, and quote a median distance error of 16%. Coordinates, metallicities, distances
and other useful information are given for each star in their Table 4. There are
significant numbers of giants in the sample with distances greater than 50 kpc.
Janesh et al. (2015) and Xue et al. (2015) use this sample to quantify the amount
of substructure in the halo and to measure its density distribution and its metallicity
gradient. Janesh et al. (2015) find significant substructure, and that it increases with
both increasing galactocentric radius and metallicity, and quantify the importance
of the Sgr stream to halo substructure. Xue et al. (2015), using the most common
K-giant target type (l-color K giants) find only a weak metallicity gradient (a drop
of 0.11 dex from 10 to 65 kpc) which they point out will likely become weaker when
the metallicity selection effects of the l-color K giant category are taken into account.
Our work to model the halo metallicity gradient using all three K giant target types
is shown in Chapter 4.
A number of authors have used the SDSS data to construct giant samples using
a cut in SSPP log g only. We note that the extra checks we have implemented
remove 33% of the stars with log g less than 3.5, not a negligible number. What
are the consequences of including this large number of our “rejects” in a K giant
sample? First, measurements of sample properties such as metallicity and distance
will be “noisier” than they would be if the extra checks were implemented, because
of the erroneous or inaccurate SSPP parameters which our checks remove. Also, the
most luminous K giants are the reddest at a given metallicity, so the SSPP’s poor
performance for the reddest stars will result in a number of dwarfs misclassified as
giants near the giant branch tip, erroneously appearing to be some of the most distant
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giants in the sample.
Koposov et al. (2013); Belokurov et al. (2014) and de Boer et al. (2015) study
the Sagittarius stream using giants with SDSS spectra, only using a cut in log g to
separate out giants from dwarfs. The fact that they are studying the Sgr stream, a
higher-density portion of the halo, may mitigate the contamination of their sample.
Our concerns about the redder, more luminous stars still remain.
Chen et al. (2014) study the kinematics of the halo using SDSS giants, imple-
menting two additional indices which measure the strength of the G band and Mg
index to supplement the SSPP log g measurement. Their Mg index is similar to ours,
providing important extra luminosity discrimination and also removing a number of
carbon-enhanced stars whose distances would be erroneous. They also use the G
band (Chen et al. 2013) to identify more evolved stars which have experienced mix-
ing during their upper giant branch evolution, making it possible to use stars which
are bluer than the point where the horizontal branch meets the giant branch in their
studies.
Kafle et al. (2014) use a quite limited range of log g (log g less than 2.9) to
identify giants. Because they study the entire halo rather than the relatively high-
density Sgr stream, their sample may suffer significant contamination from non-giants
and carbon-rich stars with erroneous distances.
3.7 Summary
We outline the procedure we have used to identify K giants in the SDSS/SEGUE
survey, supplementing the SSPP log g with an additional measurement of luminosity
using the Mgb/H feature near 5170A˚. We examine the accuracy of the SSPP’s [Fe/H]
and log g measures using known members of clusters with metallicities ranging from
+0.4 to –2.4 and more than a hundred stars with high dispersion spectroscopy. We
find that for K giants the [Fe/H] measurement in all but one cluster is within 0.1 dex
of published values in these well-studied clusters, and have quantified the error of the
SSPP [Fe/H] with S/N using repeat observations. These procedures have identified
more than 15,000 K giants rom the SDSS and SEGUE surveys, a very large increase
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on previous samples. This large sample has already been used in two important in
situ studies of the halo.
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Figure 3.9 Mg index vs. log g for stars shown in Figure 3.8, broken up by g−r0: bluest
stars at the top and reddest at the bottom. The g− r0 range for each row is shown in
the right hand panel. Left hand panels show all stars, while right hand panels show
stars with the SSPP ’G’ flag, which indices an unusually high carbon abundance. As
in the previous Figure we show our log g selection criterion by a vertical black dashed
line and also show with colored horizontal dashed lines the selection criteria for the
Mg index for that color range. If the Mg index cutoff is a sloping line in the g− r0 vs.
Mg diagram, we show the highest and lowest values by two lines of the same color.
The points are colored by metallicity in the same way as in Figure 3.8.
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Chapter 4
The Halo Metallicity Distribution
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The SEGUE K Giant Survey
Abstract
by
ZHIBO MA
We identifies ∼5000 stars on the upper giant branch from our general sample with
careful spectroscopic measures of [Fe/H], log g, and estimated Bayesian distances
ranging from 5 to 100 kpc. By correcting SEGUE targeting biases for three main
categories of K giants we are able to study the distribution of [Fe/H] in situ out to
46 kpc. As an important part of the SEGUE K giant survey, the target selection
and related metallicity biases are discussed systematically and corrected. Unbiased
metallicity distributions are obtained, and we find no significant change in the halo’s
peak metallicity from 10 to 46 kpc. We do, however, find a larger contribution
from very metal-poor stars ([Fe/H]< −2.5) in our sample compared to the local halo
mapped by SEGUE calibration stars, particularly after we remove substructure.
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4.1 Introduction
The halo formation history based on hierarchical galactic growth directly shapes
the chemical abundance picture we see today in the Milky Way. Many Milky Way like
computational simulations based on hybrid (N-body+semianalytic) or hydrodynamic
methodologies try to bridge our theoretical understanding of the halo origin and the
observational results from halo stars. When we ask the question “what metallicity
distribution function should the Milky Way halo follow?” or ”is it uniform across
all of the halo components and physical locations?”, iteration through the simulation
work and observational results searching for the most reasonable match is often how
we gain new insights.
By studying the metallicity distribution function (MDF) of the halo globular clus-
ters, Hartwick (1976) shows that by removing gas from the star forming region, we can
obtain a MDF with low mean metallicity, because further star formation is quenched.
This can explain his finding of more metal-poor halo stars compared with the disk. It
also tells us the star formation history is directly linked to the end-state MDF of all
the stars formed. Johnston et al. (2008) predict that the chemical features of inner
halo, outer halo, and also other still surviving satellites are expected to be different,
because high luminosity satellites or satellites accreted later bring in higher [Fe/H].
Cooper et al. (2010) investigate the halo formation further by building completely
accreted stellar halos in a semi-analytic context using the Aquarius project (high
resolution N-body simulations for dark matter halos with similar mass to the Milky
Way’s, Springel et al. 2008). Stars are assigned to the most bound dark matter parti-
cles in subhalos with metallicity decided by the mass and age of the subhalo. Cooper
et al. separate the six simulated halos into two groups depending on whether a halo is
built from the accretion of many progenitors or one or two major contributors. Their
results give a diverse range of the stellar halos we could “make”: From 10 to 40 kpc
in galactic radius, two of the three many-progenitor halos’ MDFs are flat with radius,
while the other one shows a slightly positive gradient. One of the few-progenitor
halos shows a sudden drop of the average metallicity at 30 kpc, and the other two
have negative metallicity gradients. It all depends on the random arrivals of certain
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merger events and the abundance patterns accreted galaxies have built.
However, hierarchical accretion is not the only way to build the stellar halo, since
stars formed in situ can be placed into the halo through violent relaxation/dynamical
heating, as introduced in Chapter 1. Using hydrodynamic simulations Zolotov et al.
(2009); Font et al. (2011); McCarthy et al. (2012) show in situ formed stars can be an
important part of the inner halo. The inner halo is affected because violent relaxation
and dynamical heating cannot move the majority of the in situ stars farther into the
outer halo. These stars form in the denser environment of the bulge or protodisk
of the central galaxy. They are expected to have more metal-rich members than
the accreted halo population from satellite galaxies. Since the in situ and accreted
halo populations have a difference in metallicity distribution, we would also expect
a spatial variation of the metallicity distribution with the importance of the in situ-
formed stars diminishing from the inner to the outer halo. In particular, Font et al.
(2011) find ubiquitous negative metallicity gradients in their simulations, resulting
from a dominant in situ population in the inner halo. However, Cooper et al. (2015)
classify in situ stars into three subcategories (see Chapter 1) and find that the stars
formed from stripped gas dominate the in situ population, which is a very different
statement compared with Zolotov et al. (2009) or Font et al. (2011). Since the stripped
gas is chemically very similar to the accreted stars from the same satellite, it is not
surprising that Cooper et al. (2015)’s in situ formed stars have similar MDFs to the
accreted halo stars. Cooper et al. thus conclude that all halo stars are accretion and
merging introduced and in situ halo stars would not produce a metallicity bimodality
of the inner/outer halo.
Although the study of halo MDFs is very important for tracing halo formation,
since different halo formation histories might have created very different halo MDFs,
reliable MDFs have not been established for the entire galactic halo yet. Early studies
were mostly based on the globular clusters. Hartwick (1976) studied 60 halo clusters
from the catalog of Woltjer (1975) with metallicities measured from integrated light
by Kukarkin (1974). His sample included only a dozen clusters farther than 30 kpc.
He obtained a halo MDF peaking between –1.6 and –1.4, but did not study the MDF
variation with radial distance. Zinn (1985) divided 121 galactic globular clusters into
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a halo group and a disk group using metallicities from multiple techniques measuring
either individual stars or integrated light (Zinn & West 1984). He found a “shallow
but significant” metallicity gradient using the halo clusters inside the solar radius
(RGC < 8 kpc), but almost no gradient beyond that. Zinn (1993) furthered the
study by dividing the halo clusters into an old halo group and a younger halo group.
They again found a significant metallicity gradient in the old halo group that was
also more bound to the inner halo, but no gradient in the younger halo group. Zinn
(1993) argued that the old halo group was from the early galactic collapse (formed in
situ in our context), and the younger halo clusters were accreted. This is one of the
earliest results to use dual origins to explain the halo metallicity distribution.
Later, astronomers searched for halo stars in proper motion surveys. Ryan &
Norris (1991) obtained a local MDF peaking slightly below –1.6 from a sample of 372
kinematically selected subdwarfs, mostly <500 pc from the Sun, using photometric
parallaxes for distance estimation (Ryan 1989). Carney et al. (1990) computed orbital
parameters for their survey stars to study the halo metallicityand found negligible
gradients for their retrograde halo stars. The HK survey (Beers 1999) and the HES
survey (Scho¨rck et al. 2009) both contributed significantly to the sample of known
halo stars. However, both surveys were designed to identify very metal-poor stars,
rather than a general MDF construction. The Spaghetti project (Morrison et al.
2000), which focused on searching for bright halo tracers, especially K giants, has
established its own halo MDF reaching from the solar neighborhood to over 100 kpc
in galactic radius(Morrison et al. in prep.). Although only 101 halo giants are used,
they find no obvious metallicity drop between the inner and outer halo. Their MDF
peaks at [Fe/H]= −1.4, a little higher than the value from Ryan & Norris (1991).
However, this difference may well be due to the more recent [Fe/H] calibrations used
by Morrison et al.
There have been some influential but controversial results claiming the kinematic
and chemical division between the inner and outer halo. Carollo et al. (2007, 2010)
make orbit calculations based on the 3-D kinematics for their sample of SEGUE
calibration stars within 5 kpc to the disk and thus currently in the inner halo, and
find that some stars have orbits that can carry them high above/below the disk
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(Zmax > 10 kpc; Z is the axis perpendicular to the galactic disk.) They claim that
these stars come from the outer halo, and can be considered as outer halo stars.
They find these stars show counter-rotation and are more metal-poor on average than
other stars with smaller Zmax, and suggest that the stellar halo has the bimodality
separated into the inner prograde halo and the outer retrograde and more metal-poor
halo. Again, Carollo et al. posit an in situ halo population to explain the bimodality,
since the inner halo should have a higher fraction of in situ stars and the outer halo
may be purely accreted. However, Schoenrich et al. (2011) point out that Carollo
et al. overestimate the distances of their stars and the orbit calculation is seriously
impacted. Schoenrich et al. (2011) do not see the halo duality when repeating the
calculation with a more accurate distance fit.
With much bigger datasets from large surveys such as SEGUE and RAVE (Yanny
et al. 2009; Steinmetz et al. 2006; Zwitter et al. 2008), we still face several challenges
in understanding the halo formation based on the MDF studies. Firstly, every survey
design has its own target biases. In our case, the SEGUE K giant survey is based on
a magnitude-limited candidate sample, and thus suffers from serious luminosity bias
in the sense that brigher halo stars are preferred at larger distance. Unfortunately,
luminosity is directly related to metallicity for red K giants, meaning that metal-poor
giants are easier seen in the outer halo. Also the l-color K giant, a special target type
that selects metal-poor stars only, introduces a strong bias into the dataset of SEGUE
red giants since it is the dominant target type. Thus, the SEGUE target selection
function needs to be quantified and corrected, such that stars spectroscopically ob-
served can represent all stars fairly in the metallicity distribution. Recent papers such
as Chen et al. (2014) and Ferna´ndez-Alvar et al. (2015) both claim to see the Carollo
et al. metallicity gradient in the Milky Way halo, using SEGUE red giants. While
their analysis may be valuable in other respects, the claimed metallicity gradient is
invalid without proper bias corrections for SEGUE targeting. A significant part of
our effort in this chapter is to identify and correct all targeting biases in our K giant
sample and achieve an unbiased MDF for the stellar halo.
In addition, it is likely that the stellar halo is not completely built up from accreted
stellar components. A certain amount of in situ star formation could even dominate
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part of the inner halo (Font et al. 2011; McCarthy et al. 2012; Cooper et al. 2015),
but the exact contribution as a function of galactic radius is far from being clear as
the simulation results vary. If the as-observed MDF of the inner halo is made of both
in situ and the accreted stars but the outer halo MDF is built from pure accretion,
we would expect to see a change of the halo MDF with galactic radius.
Finally, assuming that we could measure the MDF perfectly, what could it tell us
about the galactic formation process? Several factors compete to shape the MDF we
observe. One of the key clues is the mass/luminosity-metallicity relation (e.g. Mateo
1998; Tremonti et al. 2004; Kirby et al. 2008), which links accreted stars to their
progenitors. On average, metal-rich stars come from more massive satellites (deeper
potentials which can keep gas for longer star formation). Also a dwarf galaxy usually
has multiple stellar populations, showing a metallicity gradient with the central region
having more metal-rich stars tightly bound because of the deeper potential (e.g. the
Sgr dwarf galaxy, Monaco et al. 2005, 2007; Keller et al. 2010). For a single accretion,
when a satellite falls into the halo of the Milky Way, we would expect its loosely bound
and more metal-poor members in the outskirts to be tidally disrupted first, and its
finally disrupted or still surviving central objects to be more metal rich (e.g. Chou et
al. 2007). In this picture with the dynamical friction, the relatively metal-poor stars
would always be left farther from the galactic center than their higher metallicity
counterparts from the same progenitor. Thus we might expect to see a negative
metallicity gradient with galactic radius in the halo in the case of one accretion only.
This scenario well explains the two simulations with few progenitors forming the halo,
which show negative metallicity gradients in Cooper et al. (2010). However, if many
accretion events happen stochastically in time and space, any metallicity gradient
may be erased, and a uniform MDF is more likely the final output, which is exactly
the case in two many-progenitor halos in Cooper et al. (2010)’s simulations.
In this chapter, we continue to explore the stellar halo of the Milky Way based
on our SEGUE K giant sample. We systematically quantify the selection function
and metallicity biases of three categories of K giants, and build volume-limited sub-
samples. We create subsamples based on the stellar luminosity and then use them to
make MDFs of different distance ranges. Finally we compare these MDFs with other
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work to discuss their implications.
4.2 Three SEGUE Categories of K Giants
SEGUE defines three categories of K giant targets for higher success rate of spec-
troscopic confirmation. They are named l-color K giants, proper motion (PM) K
giants and red K giants1. An important part of the target selection is the u− g/g− r
color-color diagram shown in Figure 1.3. As I discussed in Chapter 1, at the same
g − r color u magnitude is a measurement of UV-excess reflecting the metallicity,
while g magnitude is smaller (brighter) in the low surface gravity of giants. Thus
stars move down (to lower u− g) in Figure 1.3 with lower metallicities, but moves up
and to the left if they are giants. SEGUE uses these features combined with proper
motion to select the best targets for spectroscopic observation.
l-color K giants require 0.5< g− r <0.8 (the blue box in Figure 1.3), PM K giants
require 0.8< g − r <1.2(the green box in Figure 1.3), and red K giants have g − r
between 0.8 and 1.3 (the red box). All of the targets also have r magnitudes between
15 and 18 to guarantee reasonable S/N. It makes the SEGUE dataset a magnitude-
limited sample. Since the SEGUE K giant survey focuses on halo giants that are more
distant than foreground dwarfs, we expect the giants to have smaller proper motions
than the dwarfs. Therefore, all SEGUE K giant targets are required to have PM<11
mas/year (typical PM error in SDSS is 4 mas/year), while the PM K giant candidates
are further limited to PM<7 mas/year for a higher success rate. In a similar color
range to the PM K giants, the red K giant target type does not need a stronger PM
constraint, because they are easily identifiable from Figure 1.3 where the red K giant
candidates deviate from the dwarfs in the upper right corner. There are many more
K giant targets in the color range of 0.5 – 0.8 than the other two types since they are
lower on the giant branch. SEGUE uses l-color> 0.09 to select metal-poor stars (Lenz
et al. 1998), with the expectation that metal-rich foreground dwarfs would be largely
excluded and metal-poor halo giants left. Since the SDSS photometry has improved
1We adopt the final version of the targeting rules for both SEGUE I and SEGUE II datasets.
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significantly over the time of the SEGUE survey because of the Ubercalibration, we
applied the SEGUE target type definitions to the most recent (DR9) photometry.
We note that red K giants have very high u− g values, and thus the red K giant
category preferentially targets metal-richer stars. On the contrary, l-color K giants
explicitly select the more metal-poor populations as shown on the left side of the
selection boxes in Figure 1.3. Although preselection is necessary for higher success
rate, the metallicity biases introduced by the targeting procedure directly propagate
into our final K giant sample, and thus must be corrected in order to obtain a fair
metallicity mapping.
For better correction of target biases, we only use spectroscopically confirmed K
giants from SEGUE 1 & 2 belonging to these three target types for further analysis in
this chapter. Also, if a star meets the three criteria listed below at the same time, it is
considered as a likely disk member and thus excluded from our halo study. The three
criteria are being physically close to the galactic disk (R< 20 kpc and |z| < 10 kpc),
[Fe/H]> −1, and that its radial velocity indicates rotation (see J15 for more details).
We then obtain a working sample including 3246 l-color K giants, 478 PM K giants
and 202 red K giants. Their distances, 5 kpc<rGC<70 kpc, are carefully estimated
in Xue et al. (2014) with a median precision of 12%. The accuracy of [Fe/H] directly
affects our estimates about the photometric distance uncertainty and the stellar halo
abundance pattern. We have quantified the uncertainty of the SSPP [Fe/H] estimates
in Chapter 3 as a function of S/N:
Err([Fe/H])=
√
(0.072+(0.48−0.02158 S
N
+0.0003893 ( S
N
)2−0.000002356 ( S
N
)3)2),
when 17 < S/N < 66. Beyond the S/N boundaries, error values at the boundaries
are assumed. The [Fe/H] uncertainty is close to 0.1 dex for most of our giants.
4.3 Weighting for Unbiased MDFs
Our goal is to correct the as-observed metallicity distributions to what we would
obtain if we observed all the stars along the giant branch in a given volume of the
stellar halo. To achieve this, we need to work out the selection function of each tar-
get type, investigate whether we are actually selecting certain metallicities unevenly
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compared to others, and eventually weight the targeted sample back to the real un-
derlying population distribution in parameter space. There are three steps in the
weighting procedure to build an unbiased sample, which we discuss below.
4.3.1 Photometric Weighting
The first step is to compensate for the fact that not all stars are observed in a
given field. The basic idea is to multiply the number of spectroscopically confirmed
giants on a given plate by the ratio of the number of possible targets in that target
type (taken from SDSS DR9 photometry & proper motions, Ahn et al. 2012) to the
number of successful spectra taken, as Nph/Nsp. The error on the ratio is estimated
to be the Poisson error of possible target candidates over the candidate number itself,
expressed as a percentage, as 1/
√
Nph.
This idea was first used to build an unbiased sample of SEGUE G and K dwarfs
by Schlesinger et al. (2012). The G and K dwarf target types follow only simple color
(0.48 < (g − r)0 < 0.55 & 0.55 < (g − r)0 < 0.75) and magnitude cuts and overlap
partially with other more sophisticated target types such as l-color K giant and low-
metallicity (LM) stars (l-color> 0.115). In general, the weights can be different for
these overlapping categories, because the same target may get multiple chances to be
selected. Thus Schlesinger et al. (2012) further divide G/K dwarf target type into four
subcategories to calculate the weighting: either LM or l-color target type, belonging
to both of them, and belonging to neither.
Because the SEGUE K giant targeting strategy changes in the sense that some halo
locations and certain types of stars may get more fibers if they are more interesting
to certain studies, the weighting ratio varies not only with plate (the pointing), but
also strongly with the K giant target type. Thus the ratio of the number of qualified
photometric candidates over the number of good spectra taken, as shown in the
formula above, should be calculated for each plate and each target type. Here, a
“good” spectrum is one of sufficient quality to allow luminosity discrimination and
estimation of SSPP parameters, as described in Chapter 3. Because we calculate the
weight by plate and target category, all of the giants in the same category on the
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same plate should have the same weight. In SEGUE I, each pointing had both a
bright and a faint plate, and these two are combined as a single plate for weighting
purposes.
4.3.2 l-color Related Weighting
In addition to the photometric weighting, which corrects for the fact that SEGUE
does not obtain spectra for all the candidates in a plate, we also need to consider
the metallicity bias introduced by one of the three target types, the l-color K giant
target type. Photometric weights alone are not enough for correcting l-color-related
bias in the sense that even we observe all l-color K giants in the halo, they are still
not a fair sampling of the halo population. l-color is similar to the UV-excess, and
is used in the (g − r)0 color range (0.5, 0.8) to select more metal-poor candidates.
Redward of (g − r)0 = 0.8, this is less useful for giant discrimination, because the
giant sequence moves to higher u − gand selecting higher l-color cannot reduce the
dwarf contaminants any more based on the u − g/g − r diagram. To quantify the
metallicity bias introduced by the l-color selection, we use two SEGUE I target types
which cover a similar range in (g − r)0 but do not use the l-color. These are the “G
dwarf” and “K dwarf” categories used to study disk and thick disk, simply targeted
in a range of (g − r)0 as introduced earlier. First (in order to compare stars in the
same region of the Galaxy) we check out K giants in our sample originally targeted
as G or K dwarfs, with valid distance estimates. There are 138 such giants, whose
metallicities are not preselected by l-color yet (because they were originally selected
as G/K dwarf targets). The metallicity distributions for these K giants are shown
by the unfilled histograms of Figure 4.1. We then calculate the l-color of each giant.
The filled histograms show these giants with l-color greater than 0.09, the selection
cut for the l-color target type.
Figure 4.1 shows that l-color selection does not affect the bluest target type con-
sidered, the G dwarfs shown in the top panel. This is because the bluest giants are the
most metal-poor due to line blanketing. Additionally, the middle panel shows that
the l-color selection shows little effect for the K dwarf targets with (g − r)0 between
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0.55 and 0.65. However, the bottom panel shows a significant bias, for giants with
[Fe/H]> −1.5 in the reddest K dwarf color range. This bias can also be seen in the
color-absolute magnitude plot of Figure 4.3 as a gap in this range of (g− r)0 between
the fiducials for –0.8 and –1.6.
Figure 4.1 [Fe/H] histograms for K giants targeted as G and K (0.5 < (g− r)0 < 0.55
& 0.55 < (g− r)0 < 0.75) dwarfs with (shaded) and without (blank) l-color selection.
We use the ratio between the number counts in the three pairs(with/without l-
color selection) of histograms in Figure 4.1 at each [Fe/H] bin to estimate the l-color
weights. The error of the ratio is derived from the Poisson error of the number counts
of each [Fe/H] bin. Because there are l-color K giants with (g − r)0 between 0.75
and 0.8 but the K dwarf target type does not cover this range, the same weights as
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in (g − r)0 of (0.65, 0.75) are applied to (0.75, 0.8) too. We note that since there
are no giants originally targeted as K dwarfs with [Fe/H]> −0.6, we cannot estimate
l-color weights for higher metallicity. The weights and errors for each [Fe/H] bin in
(g − r)0 from 0.65 to 0.8 are given in Table 4.1.
We note that the target weights given in Schlesinger et al. (2012) are generic
weights no matter giants or dwarfs considered. For the giants in the G/K dwarf
color range, applying their target weights makes a fair representation of all giants in
the same color ranges too. When we compare the weighted counts of all giants to
l-color giants in each [Fe/H] bin, the ratios are very similar to ours. We use our own
estimates in our further analysis.
Figure 4.2 Weighting for l-color K giants with (g− r)0 > 0.65 with [Fe/H] bins of 0.2
dex (red symbols, our method) and 0.25 dex (orange symbols, based on the target
weights of Schlesinger et al. 2012). The error bars of the orange symbols are smaller
because more stars are used for their estimates.
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Table 4.1. l-color Weights
[Fe/H] weight error
−1.7 1.0 0
−1.5 1.1 0.35
−1.3 1.5 0.34
−1.1 2.1 0.46
−0.9 2.6 0.72
In summary, based on the histograms in Figure 4.1 and the ratio shown in Fig-
ure 4.2, l-color targeting does not introduce any significant metallicity bias for giants
with 0.5 < (g−r)0 < 0.65. In the color range 0.65 < (g−r)0 < 0.8, number weighting
is only necessary (and possible) for l-color K giants with [Fe/H] between –1.6 and –0.8.
Below –1.6 nothing needs to be done since all of the giants pass the l-color selection;
above –0.8 the weights are too large and the errors are too big to be reliable. So this
procedure makes it clear that we can utilize l-color K giants to study the MDF below
–0.8 only.
4.3.3 Distance Coverage
Figure 4.3 shows the color-absolute magnitude diagram for our K giants excluding
disk and cluster stars2. We can see that for the same color, metal-poor K giants are
intrinsically brighter, so they can be seen to a larger distance, while the metal-rich
giants may not be visible at the same distance. We need to make sure that we
calculate the MDF over a range of distance where we are able to find both metal-rich
and metal-poor stars if they exist, otherwise our view will be seriously biased. A
given target type will include stars with a fixed range of absolute magnitude (Mr).
Knowing the range of apparent magnitude surveyed by that target type will then allow
2We exclude all of the SEGUE cluster plates.
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the calculation of a minimum and maximum distance covered by giants of all colors
and metallicities in that target type. The MDF can then be calculated within these
distances without bias due to absolute magnitude. While this cut on the distance
does reduce the size of the usable sample, it is a comparatively simple method to
deal with this bias. A more complex analysis using Bayesian forward modeling such
as that of Bovy et al. (2012); Xue et al. (2015) allows all the data to be used, but is
computationally much more demanding. Schlesinger et al. (2012) followed the former
approach, defining a range of distance for both G and K dwarfs where they calculated
the MDF. Unfortunately, giants show a larger range of absolute magnitude with color
and metallicity; in fact the absolute magnitude range of the giants (Mr = 0.5 to –3.0)
is larger than the apparent magnitude range covered (r0 = 15− 18), so this approach
is not possible. Instead, we have adopted a piecemeal approach, using narrower bins
of Mr to constrain a certain distance range. The bins of Mr are selected for the
convenience of luminosity function weighting as discussed below.
4.3.4 Luminosity Function Weight
After we correct the biases discussed above, the weighted counts are still one step
away from being unbiased in metallicity. It is necessary to correct for the fact that
our targets only cover parts of the giant branch, and the part they cover varies with
the [Fe/H] of the population they belong to. For example, metal rich populations
have the RGB tip in the M star regime, which we do not study because the SSPP
does not provide estimates for stars cooler than 4000K (Lee et al. 2008a,b). Also,
we only count giants above Mr= 0.5 for distance estimates (Xue et al. 2014). These
limits correlate with metallicity, meaning that we observe different parts of the giant
branch as a function of metallicity as shown in Figure 4.3.
We utilize the r-band theoretical luminosity functions (α-enhanced with different
[Fe/H] values) kindly made available to us by Cassisi, based on the Basti stellar
evolution models (Pietrinferni et al. 2004, 2006) to quantify the number ratio of
an observed color range along the giant branch relative to other parts of the same
isochrone. We divided the K giant sample intoMr bins with narrow magnitude ranges
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Figure 4.3 Color-absolute magnitude diagram for the three SEGUE K giant target
types excluding possible disk and cluster members. Also shown are four cluster fidu-
cials and a solar metallicity isochrone used for distance determination in Xue et al.
(2014). The HB cut of Mr=0.5 and color cuts of g − r=0.8 and 1.3 which separate
target types are shown with dashed lines. Note the under-representation of stars
with [Fe/H] between the –0.81 and –1.60 fiducials for (g − r)0 > 0.65, caused by the
l-color metallicity bias. The “pile up” of stars at [Fe/H]=–2.38 is an artifact of our
Mr estimation.
for weighting purposes. In this way the number count of a specific Mr bin can be
used to estimate the number counts of any part of the giant branch after being scaled
by the luminosity function. The other benefit of using narrow Mr bins is that it
selects a volume-limited sample at the same time, since SEGUE K giant targets have
apparent magnitude limits of 15–18 in the r band. To give a more physical intuition,
aMr=0.25 star traces the halo from 8.9 to 35.5 kpc away, while aMr=–0.5 star traces
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from 12.6 to 50.1 kpc. It means only in the distance range from 12.6 to 35.5 kpc we
can see all of the stars from Mr=0.25 to Mr=–0.5.
For the convenience of interpretation, we scale the number counts in any of ourMr
bins to the Mr range of (3.5,0). We choose the Mr range of (3.5,0) as a benchmark to
represent the number counts of the majority of giant stars above the turn-off. Using a
giant branch up to the tip as the weighting benchmark is not as practical, because the
tip luminosities are different for populations with different metallicities as shown in
Figure 4.3. This type of weight is a collective property of stars sharing the same Mr,
thus the weight is always associated with the MDF of a specific bin under discussion.
The luminosity function weights turn out to be a small effect, since the weights are
all close to 1 after normalization. We ignore the error associated with this step of
weighting since it is a systematic error related to the accuracy of stellar evolution
models and the weight itself has only a small effect on our result.
To summarize, we apply the target selection weights to our sample as follows.
We start with all K giants from SEGUE-1 and SEGUE-2 which were targeted as
l-color, proper motion or red K giants. (Note that because the SDSS photometry has
improved in successive data releases since SEGUE began, we apply target selection to
the Ubercalibrated DR9 photometry and use stars which satisfy the criteria with this
photometry.) Since we are studying the halo MDF, we exclude possible disk stars by
checking if a giant is too close to the disk and if its radial velocity is consistent with
a disk/thick disk star (Janesh et al. 2015).
For stars targeted as l-color K giants which have [Fe/H] between –1.6 and –0.8,
we apply the l-color bias corrections given in Table 4.1.
We then divide the stars into bins inMr and apply the luminosity function weights,
to obtain unbiased halo MDFs given below.
4.4 Results
We divided our sample intoMr bins for the purpose of luminosity function weight-
ing. We choose two bins of Mr = (0.5, 0) and (–0.3, –1) for further analysis on halo
MDFs. Giants in the two bins are used for two volume-limited subsamples when they
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share the same apparent magnitude range. Each subsample built from one of the two
bins offers an unbiased metallicity mapping for a shell of the halo in a fixed distance
range, based on a heliocentric view. Because there are not enough giants in brighter
Mr bins(Mr < −1), they are not used for further analysis.
Jointly multiplying all three weights for each giant in these subsamples and count-
ing the weighted numbers through 0.4 dex bins in [Fe/H] gives us an unbiased view of
the stellar metallicity distributions. With distance cuts, we are also able to explore
the spatial variation of the MDF as shown in Figures 4.4–4.7.
Figure 4.4 shows the MDFs for the distance range 10 – 32 kpc split at 20 kpc,
obtained from the Mr range 0.5 – 0. (Note that our requirement that stars are on the
RGB above the HB limits the number of metal-richer stars here.) The bottom panel
shows the MDFs before the bias correction weights were applied, and the top panel
after weighting. First, we note that the weighting process makes a difference: the
two most metal-rich bins were significantly different before weighting, but not after.
Within our errors, we see no significant differences in the halo MDFs for stars from
10 – 20 kpc and 20 – 32 kpc.
It is also of interest to investigate whether any substructure from stellar streams
or other clustered stars affects the MDF. We identify halo giants not belonging to any
prominent substructure such as the Sgr stream and other groups of stars as discussed
in Chapter 5.3. An unbiased MDF of the smooth stellar halo component is shown
in Figure 4.5. Compared to Figure 4.4, the halo MDF excluding substructure seems
stronger at the metal-poor end and weaker at the metal-rich end, but with significant
error bars. However, it is in line with our expectation that surviving star groups in
the halo, in our case mainly the Sgr streams, are on average metal-richer than stars
well mixed into the halo already, because surviving satellite galaxies also have a longer
time to form metal-richer stars. Excluding the influence of substructure, Figure 4.5
serves as our best halo MDF result. We find, once again, no significant difference
between the more nearby and distant halo MDFs for the well-mixed subsample. It
is also worth noting that the MDF peak location around [Fe/H]=–1.4 is the same in
the samples with and without substructure.
How do these MDFs compare with the solar neighborhood values? For this com-
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parison, we use the MDF from Schoenrich et al. (2011), who used the SEGUE calibra-
tion star sample, taking only those with retrograde orbits in order to define a “pure”
halo sample without disk contamination. Since metallicities in both our sample and
Schoenrich et al. (2011)’s are from the SSPP, this is a particularly useful comparison.
Figure 4.5 plots the Schoenrich et al. (2011) local halo MDF over our MDF from 10
– 32 kpc in the upper panel, and divides our MDF at d=20 kpc in the lower panel.
Interestingly, although the median metallicities are similar in the two samples, we see
a significantly higher contribution from very metal-poor stars ([Fe/H]< −2.5) in our
in situ K giants for the 10–32 kpc halo, whether we further divide the distance range
or not.
Figures 4.6 and 4.7 show MDFs for the Mr bin (–0.3,–1). Figure 4.6 shows a
stronger contribution in the most metal-rich bins, because in this Mr range metal-
rich stars fall into the g− r color range of PM and red K giants, which represent the
metal-rich population well (see Figure 4.3). On the contrary, in the Mr bin (0.5, 0)
many metal-rich stars fall into the g − r range sampled by l-color K giants, which
cannot represent stars with [Fe/H]> −0.8 well. We note that the distance range
sampled by this absolute magnitude bin (16 – 46 kpc) is one where debris from the
Sgr dwarf contributes significantly to the sample. Figure 13 of Janesh et al. (2015)
shows that this Sgr debris includes significant numbers of metal-rich stars.
The more luminous Mr bin of (–0.3,–1) has metal-rich giants falling into the color
range consisting of PM and red K giants only, free of l-color bias. This is why we
specially select the (–0.3,–1) bin to reveal the halo MDF covering the more metal-rich
end. Any Mr bin lower will not offer the same benefit. Unfortunately, our weights on
the sparser metal-rich stars (their small numbers can be seen in Figure 4.3) give the
higher [Fe/H] bins in Figure 4.6 and 4.7 large error bars. Although the lower [Fe/H]
bins of Figure 4.6 dominated by more l-color K giants are slightly better, fewer stars in
the more important well-mixed subsamples shown in Figure 4.7 add so much Poisson
noise to their MDFs that no robust conclusion can be drawn from this Mr bin.
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Figure 4.4 Fully corrected (upper panel) and as-observed (lower panel) MDFs for
Mr(0.5,0). MDFs of different distance ranges are shown. The error bars in the
corrected MDFs get larger because of the weight errors. The metal-rich end of the
MDFs at [Fe/H]> −1.2 gets slightly stronger after weighting and the differences
between the inner and outer halo caused by targeting biases are not significant any
more.
4.5 Discussion
Our work has produced one of the first large samples which allow measurement
of the in situ halo MDF using red giants.
Previous investigations have been largely limited to local halo. A recent result
is the “detection” of the duality of our stellar halo, which is nonetheless still con-
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Figure 4.5 Fully corrected MDFs for well-mixed halo giants(removing stars in sub-
structure) in the Mr bin (0.5,0). MDFs of different distance ranges are shown. The
top panel shows the full distance range covered by this bin, while the lower panel
shows two distances divided at 20 kpc. For comparison, the local metallicity distribu-
tion drawn from the retrograde halo stars by Schoenrich et al. (2011) is shown with
a blue line in the upper panel.
troversial. Carollo et al. (2007, 2010) suggest a stellar halo divided into inner and
outer parts. The outer part has a net counter-rotation and a second peak in its MDF
at [Fe/H]=–2.2. They propose a halo component of stars formed in situ contribut-
ing to the inner halo to explain the bimodality. This is because in situ stars are
spatially more concentrated to the inner halo and more metal-rich, while accreted
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Figure 4.6 Same as Fig. 4.4 but for Mr(–0.3,–1).
stars are more extended to the outer halo and might have counter rotation inherited
from their parent galaxies (e.g. Zolotov et al. 2009). The transition from in situ stars’
domination to accretion domination could fundamentally explain the inner/outer halo
difference.
However, the chemical bomodality is not supported by our result, and their orbital
fitting is strongly challenged by Schoenrich et al. (2011). Schoenrich et al. (2011) re-
examine the distance estimates of these calibration stars, and point out the distance
overestimates of some retrograde orbiting stars erroneously produce orbits reaching
the outer halo. They also point out that the distance errors are worse for metal
poor stars, and thus the lower mean metallicity of the outer halo is very question-
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Figure 4.7 Same as Fig. 4.4 but for well-mixed giants in Mr(–0.3,–1) only.
able. Schoenrich et al. (2011) show no obvious metallicity gradient for the calibration
sample in their re-analysis.
If we trust the new distance estimates of Schoenrich et al. (2011), how does their
result compare to ours? Although solar neighborhood samples include many disk
stars, retrograde stars are likely free of disk contamination and thus produce a good
halo MDF. We have shown the co-added metallicity distribution of the retrograde
stars from the bottom right panel of their Figure 10 as a comparison to our most
solid result, based on the Mr(0.5, 0) bin (mapping distances from 10 to 31.6 kpc) in
Figure 4.5. We have noted that the [Fe/H] estimates used in Schoenrich et al. (2011)
are from SDSS spectra processed by the SSPP, the same as ours. It can be seen that
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the [Fe/H] peaks at –1.4 in both samples. This is a strong contradiction to the claim
of Carollo et al. (2007, 2010) that the outer halo is more metal-poor with a peak at
[Fe/H]=–2.2.
Although in our sample we see no variation of mean metallicity with distance, it
is interesting to note that our distant halo K giants show a much stronger metal-poor
tail below [Fe/H]=–2.5 than the local halo. Although Schoenrich et al. (2011) do see
a second [Fe/H] peak for their retrograde stars with the highest vertical velocity (red
line in the lower right panel of their Figure 10) around [Fe/H]=–1.8, our metal-poor
tail is consistently strong from –2 down to –2.8 in [Fe/H]and thus a totally different
feature. We note that our [Fe/H] histogram falls sharply below –2.8. It may be
caused by our low-resolution spectra’s lack of sensitivity to more metal-poor stars
with [Fe/H]< −2.8, which would move these stars to above –2.8. We can interpret
this difference by proposing that the halo from 10 to 32 kpc is not that different, but
the more nearby halo lacks a very metal-poor population. This metal-poor population
becomes much stronger at larger distances from the galactic center.
Interestingly, this proposal is in line with the results we see from simulation results
too. Cooper et al. (2010) investigate, in a semi-analytic context, six high-resolution
N-body simulated dark matter halos with similar masses to the Milky Way’s, labeled
as Aq-A to Aq-F. The six simulated all-accreted halos have been separated into two
groups as many-progenitor halos (Aq-A, Aq-C, Aq-D) and few-progenitor halos (Aq-
B, Aq-E, Aq-F). Their simulations show a range of metallicity variations: from 10 to
40 kpc in galactic radius, Aq-A and Aq-D’ MDFs are flat with radius, Aq-F shows
a sudden metallicity drop from 30 to 40 kpc, Aq-C has a slightly positive gradient,
while Aq-B and Aq-E have negative gradient. Since our result shows no gradient in
a similar distance range, Aq-A and Aq-D (both many-progenitor halos) are closer to
our observations. The one or two major accretion event scenario for forming our halo
is well ruled out by our result, telling us that the Milky Way’s halo has experienced
a number of comparable accretion events mixed stochastically into the smooth halo
today. These disrupted satellites may have been similar to or even larger than the
Sgr dwarf galaxy, which is still under disruption today. Additionally, Aq-A does show
higher [Fe/H] values with a weaker metal-poor tail for its halo inside the solar radius
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(∼8kpc), while Aq-D does not. Thus the difference of the local halo and the more
distant halo we see is possible but not necessary in an accretion-only halo.
However, simulations are not limited to an accretion-only methodology. Star
formation inside the Milky Way contributing to the halo can be modeled through
hydrodynamic simulations. Zolotov et al. (2009) show a wide range of proportions of
in situ-formed stars in their simulated halos: the inner 10 kpc of their simulated halos
can be as much as 65% formed in situ, or as little as less than 10%. Based on the
Galaxies-Intergalactic Medium Interaction Calculation (GIMIC) suite of simulations
(Crain et al. 2009), McCarthy et al. (2012) find that in situ formed stars dominate
at r<30 kpc in their Milky Way mass simulations. Since in situ formed stars are
expected to be more metal-rich and more concentrated in the inner region of a galaxy,
a metallicity gradient is expected wherever in situ formed stars are significant and
decrease with galactic radius. Font et al. (2011) find negative metallicity gradients
in their simulations because of in situ formed halo stars. Their predicted strong
metallicity gradient, not seen in our data, also means they are likely overestimate the
in situ star formation in a Milky Way context. The large difference between the Milky
Way and M31 is also noted in Font et al. (2011)’s discussion since they validate their
result based on M31 data. Our results support a much weaker in situ population,
limited to regions inside 10 kpc where we do not probe.
Cooper et al. (2011) used 3-D coordinates and line-of-sight velocity to quantify
substructure in mock star catalogs from their simulated halos (Cooper et al. 2010),
comparing this with a smaller sample of SDSS BHB stars from Xue et al. (2008).
Interestingly, they find that the clustering signal for BHB stars at 20–60 kpc from
the Galactic center is consistent with their accretion only simulations, but for inner
halo BHBs the signal is lower than all of their accreted halos. They suggest that this
lack of substructure may be due to a smooth component of the inner halo. This also
leaves the possibility of a halo population formed in situ in the inner region of the
Galaxy, and at the same time is qualitatively consistent with what we see with the
lack of a metallicity gradient in the halo beyond 10 kpc.
Interestingly, Cooper et al. (2015) resimulate three halos(Aq-C, Aq-D, and Aq-E)
in a smooth particle hydrodynamics simulation, tracing both in situ and accreted
87
halo stars. They find that stars formed in the halo from gas stripped out of accreted
satellites dominate the in situ population. Since stripped gas from satellite galaxies
is chemically very similar to accreted stars, they find that their stars formed in situ
have similar MDFs to the accreted halo population. They see neither halo bimodality
nor any metallicity gradient. However, they also point out that more metal-rich
disk-heated stars are still significant in the local halo in their simulations, which
qualitatively reconciles the comparison of MDFs of our sample and the local halo.
Summarizing different ideas above, we can see that in situ-formed halo stars likely
exist to some extent because of the difference of our sample compared with the local
halo sample, but how strong and how far it can reach into the halo is the real question.
Our K giant sample supports that center/disk formed and later scattered in situ stars
are confined to the local region, and the more distant halo beyond 10 kpc does not
have metallicity variation caused by in situ halo stars.
Comparing to some recent work using similar SEGUE datasets, we find that our
bias correction produces different results. Chen et al. (2014) and Fernandez-Alvar et
al. (2015), who do not make any bias corrections, both find a metallicity gradient in
our stellar halo based on SEGUE red giants. Their analyses on the metallicity gradient
are invalid without proper bias corrections. Because SEGUE adopts a magnitude-
limited observing strategy, with the large luminosity range of the red giant branch,
any resulting sample will suffer from luminosity bias in the sense that brighter halo
stars are more easily detected at larger distance. For red giants in a similar color
range, luminosity is correlated to metallicity. As a result, metal-poor giants are
overestimated at larger distance and the metallicity gradients can be simply caused
by this effect.
Xue et al. (2015) utilize l-color K giants, comprehensively quantify the sample
selection functions, and then derive parametrized halo density models. However, they
have not corrected for the metallicity bias in l-color targeting. Their two-Gaussian
shape fitting to the halo MDF gives a slightly increasing metal-poor population in
the outer halo, as shown in their Figure 5. Adopting their best parameters excluding
substructure gives mean [Fe/H] of –1.60 at rGC=10 kpc, and mean [Fe/H] of –1.75
at 40 kpc. Since our Figure 4.5 clearly shows no metallicity gradients in a similar
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distance range, we argue that their negative [Fe/H] gradient can be caused by the
uncorrected metallicity bias of the redder l-color K giants as shown in Figure 4.1,
which are also more distant on average.
4.6 Summary
Using a subsample of our halo K giants stretching from 10 to 32 kpc, we have
carefully compensated for biases included by SEGUE targeting.
We see no strong evidence of an outer halo dominated by more metal-poor stars
than the inner halo, in contrast to local work by Carollo et al. and in situ work
by Chen et al. (2014) and Ferna´ndez-Alvar et al. (2015), who did not correct for
SEGUE targeting biases. The MDFs of all distance ranges in our sample peak around
[Fe/H]=–1.4, also consistent with retrograde SEGUE calibration stars in the local halo
from Schoenrich et al. (2011).
While Xue et al. (2015) find a weak [Fe/H] gradient (0.15 dex from 10 to 40 kpc),
they neglected the l-color bias. We expect that modeling this effect would remove
their weak [Fe/H] gradient.
Our result combined with Cooper et al. (2010)’s simulations suggests that the
Milky Way’s halo has been built from the accretion of many comparable satellite
galaxies, which have been randomly mixed together forming a uniform mean metal-
licity with distance. If it is still possible to have halo stars formed in the early
bulge/protodisk of our Galaxy and moved to the halo later, they must be limited to
the halo inside rGC=10 kpc.
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Chapter 5
Comparing [α/Fe] in Different Halo
Samples
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The SEGUE K Giant Survey
Abstract
by
ZHIBO MA
To map the [Fe/H]-[α/Fe] pattern of the galactic stellar halo, we have carefully se-
lected and validated the first large homogeneous K giant dataset with [α/Fe] measure-
ments. This sample includes almost 2000 spectroscopically confirmed K giants with
high S/N spectra, [Fe/H] from –2 to solar and galactocentric distance out to 50 kpc.
We use a robust identification strategy for Sagittarius stream members, minimizing
the confusion with non-members caused by distance errors. We confirm the previ-
ously measured lower [α/Fe] of the Sgr stream, and extend it over a larger metallicity
range. Several Virgo Overdensity members are identified. Their higher [α/Fe], more
typical of the well-mixed halo than of dSph galaxies such as Sgr, suggests that not all
streams in the halo have dSph progenitors of lower [α/Fe]. We also find that metal-
rich ([Fe/H]> −1) in situ halo stars are roughly divided into two groups in [α/Fe],
with high [α/Fe] ones similar to the thick disk stars and low [α/Fe] ones following the
decreasing trend of metal-poor halo stars. Moreover, we see no difference in [α/Fe]
between the inner and outer well-mixed halo when we divide our sample at rGC=20
kpc, indicating that the inner and outer halo may not be fundamentally different in
origin.
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5.1 Introduction
Recent developments which allow us to measure a star’s [α/Fe] without high reso-
lution spectroscopy (Casagrande et al. 2011; Lee et al. 2011) give an exciting impetus
to the study of the properties of the environment where a star was born. This en-
vironment can differ from its current location for a number of interesting reasons,
discussed below.
The extra information given by [α/Fe] is critical. Iron is supplied by both types
of supernova (SN) and thus provides no information on star formation duration. By
contrast, [α/Fe] stays stable in the shorter timescale core collapse SN enrichment
stage and drops during a longer timescale when Type Ia SNe enrich the iron-peak
elements more strongly (Wheeler et al. 1989; Gilmore & Wyse 1991). To enrich the
star forming material to a given [Fe/H], if Type Ia SNe have a larger contribution
resulting in a lower [α/Fe], it means the core collapse SNe enrichment is weaker and
thus the early star formation plays a less important part(Zolotov et al. 2010). This
difference of [α/Fe] at a fixed [Fe/H] value is observable. For example, Casagrande et
al. (2011) used Stromgren photometry of local stars to measure their [α/Fe], inferring
that the stars with higher [α/Fe] originated in the inner disk where star formation
had a shorter duration than it does locally. In this case, radial migration (Scho¨rck
et al. 2009) likely transported the high [α/Fe] stars from the inner disk to the solar
neighborhood.
As I have discussed in Chapter 1, there are several processes which could move
stars from their birthplace to their current position in the halo. Most importantly,
accretion of small satellites such as the Sgr dwarf (Ibata et al. 1994), is understood to
be a major mechanism for building up the halo: stars form in the potential well of the
satellite, which is later disrupted by the Milky Way tidal field (Johnston et al. 1995).
Sgr’s stars are now scattered through the halo at galactocentric radii from 20 to ∼90
kpc (e.g., Newberg et al. 2003; Ruhland et al. 2011) and Sgr’s star stream form a
major constituent of our outer halo. Violent relaxation (the mixing effect on stellar
orbits of a rapidly changing gravitational potential) and dynamical heating may also
play a role in building the stellar halo. If the gravitational potential of the Milky
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Way had varied violently in early times because of mass infall or major mergers, and
some stars would gain energy and move into the halo. Zolotov et al. (2009) discuss
a scenario where violent relaxation in situ forms a significant component of the inner
stellar halo. In a later stage, stars formed in the bulge/protodisk of the Milky Way
could still be dynamically heated by less massive mergers. Some of these stars would
also become halo stars. Font et al. (2011); McCarthy et al. (2012) point out that such
dynamically heated stars can be a major source of the inner halo population.
If the star formation history (and particularly its star formation rate and duration)
differs between components of our halo, [α/Fe] can be an extremely useful probe to
distinguish different origins. The anomalously low [α/Fe] values seen in many of the
dSph satellites of our Galaxy (including the currently disrupting Sgr dwarf) give a
clear example of this. Venn et al. (2004) collect data from many sources to create
an [α/Fe]-[Fe/H] map of the Milky Way including the local thin disk, the thick disk,
halo field and also stars in dSph galaxies. Venn et al show that stars in dSph satellite
galaxies are lower in [α/Fe] compared with Galactic halo stars with similar [Fe/H].
More recent studies such as that of Venn et al. (2012) are starting to dissect the exact
processes of chemical evolution in these dwarfs. High resolution studies of the star
stream from Sgr’s disruption show that the stream shows the same signatures of the
extended star formation history of Sgr (e.g., Monaco et al. 2005, 2007; Chou et al.
2010; Keller et al. 2010). Note that since the first stars to be lost in a tidal disruption
will be the least tightly bound to their galaxy, and that more recent star formation
and thus enrichment in dSph galaxies can be quite centrally concentrated (Hurley-
Keller et al. 1999), we would not expect the streams to mirror the abundance patterns
of the satellite’s core in all cases. However, there are several limitations of the efforts
so far. For example, most tracer samples consist of only tens of stars which cover a
limited angular range along the Sgr arms. In addition, high-resolution spectra for M
giants are not easy to analyze because of molecular lines. Also, previous studies such
as that of Venn et al. (2004) actually compare metal rich Sgr stream stars with thin
or thick disk stars, because there are so few known bright metal-rich halo stars. Even
if such metal-rich halo stars are identified locally, we must ask whether the distant
halo, where Sgr and many other dwarf galaxies and streams are found, resembles
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the solar neighborhood halo. We need a large sample of halo stars beyond the solar
neighborhood to establish a more representative picture.
The Sgr stream is denizen of the outer halo: what of its inner regions? Study of the
[α/Fe] patterns in the inner halo has been mostly confined to the solar neighborhood,
but some interesting trends have been observed nonetheless. Fulbright (2002) showed
that local halo stars with lower-than-normal [α/Fe] tend to have higher energy orbits.
In the accretion paradigm for the growth of the halo, this suggests that such stars
became part of the halo later, with the earliest stars to form and/or become accreted
being the most tightly bound. Fulbright also emphasized the difference in [α/Fe]
between these “low α” stars and the even lower values for the Sgr dwarf. We should
therefore expect a different star formation and accretion history for the inner halo low
α stars, not the same as the process that formed the Sgr dwarf. Nissen & Schuster
(2010) built on Fulbright’s results by showing that the low α stars in their sample
tended to have either retrograde or high-energy orbits, perhaps suggesting that some
of the later-accreted satellites which formed the halo had angular momentum quite
different from the disk’s.
What was the likely formation path for the inner halo stars with high [α/Fe]? They
must have been formed in regions which either consumed all their gas before the Type
Ia supernovae could inject large quantities of iron into the interstellar medium, or
(more likely, since almost all halo stars are metal poor and thus unlikely to have been
part of chemical evolution which goes to completion, e.g., Hartwick 1976) because
their gas or their stars were lost before star formation was complete. Early star
formation accompanied by violent relaxation (as suggested by Zolotov et al. 2010 for
their in situ-formed halo stars) could produce these high [α/Fe] values. The accretion
of satellites which experienced only a short duration of star formation (or indeed the
loss of stars from their progenitor a short time after it began forming stars) could
also give high [α/Fe].
It would be useful to discriminate between the stars which were original inhabi-
tants of the Galaxy’s halo, and those which were accreted into the halo later. This is
not simple, however, as the hierarchical paradigm for galaxy formation (e.g., Searle
& Zinn 1978; White & Rees 1978; Bullock & Johnston 2005) states that dark matter
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halos form as small objects and later grow by accretion into larger galaxies. In this
picture, all stars in the halo are accreted in some way: some arriving early in very
small halos as they merged to begin the assembly of the dark matter halo, some ar-
riving later, as the Galaxy’s turnaround radius grew. [α/Fe] gives us some leverage
on the question of where and when the stars formed, and we will use this below to
help distinguish origins for our halo stars.
In general (although not in every case) we might expect that an object’s mass
and environment will determine its star formation history, with more massive objects
in denser regions of the universe having more intense, earlier star formation, and
smaller objects in less dense regions having star formation which starts later and
may continue longer. This “big picture” suggests that the outer regions of galaxy
halos might be populated with stars of lower [α/Fe], consistent with what we know
of the Sgr stream and the low α stars of the inner halo with less tightly bound orbits.
Taking this argument further, one might ask whether the Galaxy’s halo even has a
component which was formed in situ. For example, the simulations of Zolotov et al.
(2009) show a large range in the proportion of stars formed in this way: the inner 10
kpc of their halos can be as much as 65% formed in situ, or as little as less than 10%;
Font et al. (2011); McCarthy et al. (2012) argue for an even larger radius of ∼30 kpc
the stars formed in situ can reach.
We do not know the early merger history of the Galaxy before the current disk
formed, so cannot tell if violent relaxation played a significant part in halo formation.
Meanwhile, dynamical heating of halo stars cannot be modeled conformably by differ-
ent groups yet (Font et al. 2011; McCarthy et al. 2012; Cooper et al. 2015). Thus we
need to go to observations to demonstrate the existence of any component that was
formed in situ. Morrison et al. (2009) made a careful study of the orbital energy and
angular momentum of a sample of nearby halo stars with very good distance mea-
surements. Surprisingly, this sample showed a great deal of structure, suggesting that
even samples of local halo stars could be 100% accreted, leaving any in situ-formed
halo stars confined to smaller radii, perhaps only in the central few kpc (Diemand et
al. 2005; Zolotov et al. 2009).
In Section 5.2 we test the accuracy of the [α/Fe] estimates for our K giants by the
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SSPP and establish values of S/N and [Fe/H] which produce reliable [α/Fe]. We then
make a subset of our main sample including ∼2000 K giants with [α/Fe] estimates
and distances as far as 50 kpc. In Section 5.3, we assign stars to the well-mixed halo
and the Sgr stream. In Section 5.4 we delineate the [α/Fe] patterns of all components
in our sample, and discuss the implications of these results for the formation of the
Galaxy’s halo.
5.2 Testing SEGUE [α/Fe] for K Giants
SDSS offers comprehensive digital imaging of more than a quarter of the sky.
Furthermore SEGUE has conducted a massive spectroscopic survey of about 360,000
Galactic stellar objects (Ahn et al. 2012). Our K giant sample is built out of this
general dataset (see Chapter 3). Using the spectra, the SEGUE Stellar Parameter
Pipeline (SSPP hereafter Lee et al. 2008a,b; Allende Prieto et al. 2008; Smolinski
et al. 2011) provides estimates of not only the fundamental atmospheric parameters
Teff , log g, and [Fe/H], but also of [α/Fe]. Lee et al. (2011) show that this powerful
advance in the use of low-resolution spectra is possible within the signal-to-noise ratio
(S/N, the average per pixel over the spectral region 4000 A˚ to 8000 A˚) limits discussed
below. The value of [α/Fe] is determined by searching for the minimum difference
between a SEGUE spectrum and a grid of synthetic spectra over the wavelength range
4500-5500 A˚ in the parameter space of [Fe/H], log g and [α/Fe] with fixed Teff adopted
from the standard SSPP. [Fe/H], [α/Fe] and log g are decided simultaneously in this
procedure once the best matched synthetic spectrum is located. Our giant sample is
also specially processed through the pipeline to include the most recent photometry.
However, the SSPP-measured [α/Fe] (Lee et al. 2011) is not available through the
Sloan Digital Sky Survey Data Release 9 (SDSS DR9; Ahn et al. 2012). It will be
made available in future in a value-added catalog.
Lee et al. (2011)’s tests, which were largely for main-sequence stars, suggest that
S/N greater than 20 is needed for stars above [Fe/H]=–1.4 and higher S/N (∼ 25)
is required for more metal-poor stars to reach a precision of 0.1 dex in their [α/Fe]
estimates. We will show that an even more stringent S/N cut is required for robust
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results using K giants.
Taking the work of Lee et al. (2011) as a baseline we further check the accuracy
and quantify the uncertainty of [α/Fe] for our K giants below, utilizing both repeat
observations of some SEGUE targets and cluster data as tests.
5.2.1 Testing [α/Fe] Measurements Using Duplicate Obser-
vations
SEGUE targets observed multiple times offer a good opportunity to test the inter-
nal/random error of our [α/Fe] measurement. We select pairs of [α/Fe] values from
duplicate observations of the same K giants. We also require that a pair has similar
S/N, differing by less than 10.
We show the differences between two [α/Fe] measurements for 631 duplicate ob-
servations in three [Fe/H] ranges in the left column of Figure 5.1. Each black dot
represents a duplicate pair, and the red dots and bars summarize their distributions
(see figure caption). In the right column, the standard deviation of the difference in
[α/Fe] divided by
√
2 is used as the internal (random) uncertainty of a single [α/Fe]
measurement, which is below 0.1 dex generally. For low S/N spectra, the σ worsens.
We note that at a fixed S/N, the difference between repeat observations rises signifi-
cantly as [Fe/H] decreases, as might be expected because line strength decreases with
[Fe/H]. For stars with [Fe/H]> −1 and S/N>30 the scatter is gratifyingly small. In
contrast, a large scatter is seen for all stars with [Fe/H]< −2.0.
5.2.2 Testing [α/Fe] Measurements Using Globular and Open
Clusters
The relatively homogeneous chemical abundance among globular and open cluster
members makes them ideal targets for testing errors of our [α/Fe] measurement. Also,
while duplicate targets give a good estimate of internal errors, cluster data test our
absolute scale.
We use giants from six key clusters: M92, M13, M71, Berkeley 29, NGC7789
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Figure 5.1 The left column shows differences of duplicate [α/Fe] measurements against
S/N as a function of metallicity in black dots. The red dots and bars indicate the
median values and our estimates of the σ of the measurement at different S/N. The
right column panels show the σ of [α/Fe] measurements as a function of S/N in each
[Fe/H] range. The σ is always smaller than 0.1 when S/N> 50, increasing for lower
S/N and lower [Fe/H].
and NGC6791, with [Fe/H] ranging from –2.38 to +0.39. We have summarized the
literature values of [Fe/H] and [α/Fe] that we have used in Table 5.1. Further cluster
parameters and a list of confirmed members for each cluster are given in Appendix
A. The term [α/Fe] can be used in the literature in a heterogeneous way, representing
some combination of the elements O, Mg, Si, Ca, and Ti. Since the SSPP’s estimate
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Table 5.1. Cluster Abundances
NGC alternate l(◦) b(◦) [Fe/H] [α/Fe] elements ref. for [α/Fe]
6791 69.96 +10.90 0.39 0.02 Mg,Si,Ca,Ti Carretta et al. (2007)
7789 115.48 5.37 −0.04 0.08 Mg,Ti Tautvaiˇsiene˙ et al. (2005)
Be29 197.95 +7.98 −0.38 0.05 Si,Ca,Ti Sestito et al. (2008)
6838 M71 56.74 −4.56 −0.81 0.3 Si,Ca,Ti Ramı´rez & Cohen (2002); Boesgaard et al. (2005)
6205 M13 59.01 +40.91 −1.60 0.215 Mg,Si,Ca,Ti Sneden et al. (2004); Cohen & Mele´ndez (2005)
6341 M92 68.34 +34.86 −2.38 0.39 Si,Ca,Ti Sneden et al. (2000)
Note. — For NGC6791, we adopt the value of [α/Fe] from Carretta et al. (2007). For NGC7789, we use
the Ti and Mg abundances from Tautvaiˇsiene˙ et al. (2005). We have chosen not to use their their Ca and Si
abundances because of the disagreement of these values with those of Pancino et al. (2010). For Berkeley 29,
we adopt a simple average of Si, Ca and Ti abundances from Table 9 of Sestito et al. (2008). For M71, Ramı´rez
& Cohen (2002) and Boesgaard et al. (2005) both indicate an [α/Fe] value of 0.3 based on Si, Ca, and Ti. The
references for other data can be found in Table 4.1.
is dominated by Ti and Mg (Lee et al. 2011), we have used literature measurements
of these α-elements when possible, showing which values were used in each case in
Table 5.1. Generally speaking, the cited errors of the literature [α/Fe] values are
below or at the level of 0.1 dex.
Globular clusters can be more difficult to use for testing the SSPP’s estimation
of [α/Fe] because they, unlike field stars, can show variations (∼0.1 dex for [O/Fe] of
M13 and M92) in the abundance of some light elements: notably C, N, O, Na, and
Al, but also in some cases Mg (e.g., Suntzeff 1993; Kraft 1994). For M13, there is
some controversy about the variation of [Mg/Fe] in Cohen & Mele´ndez (2005) and
Sneden et al. (2004). However, there are measurements available for Mg, Si, Ca,
and Ti from both of these studies, so we have averaged their results, weighting Ca
and Si at half the value of Mg and Ti. For M92, we adopt the result of Sneden et
al. (2000) for Si, Ca and Ti, once again weighting Si and Ca at half the value of
Ti. We compare the SSPP DR9 [α/Fe] measurements of the cluster members with
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the literature values in Figure 5.2. The [α/Fe] estimates for the giant members of
the four most metal-rich clusters (with [Fe/H]> −1) show low scatter and agree quite
well with the literature values: the differences caused by both systematic and random
errors are mostly below 0.1 dex. Berkeley 29 shows a small offset, which is within
the error bar of the literature value. By contrast, the large scatter and offset from
the literature value seen for M92 indicates that [α/Fe] cannot be estimated using our
low resolution SEGUE spectra. This result leads to our decision to only use [α/Fe]
for giants with [Fe/H] higher than –2.0. For M13, a stronger S/N requirement, such
as S/N> 50, is critical for reasonable [α/Fe] measurement.
In summary, we require S/N> 50 when −2 < [Fe/H] < −1 and S/N> 30 when
[Fe/H]> −1, excluding stars with [Fe/H]< −2 in our analysis. Applying these cuts
produces a sample of 1766 K giants, which is referred to as our α-subset.
The reader should keep in mind that since we do not have many calibration stars
with [α/Fe]> 0.3 or [α/Fe]< 0, the SSPP estimates may have systematic offsets
here. However, for our scientific goals an internally consistent relative measurement
of [α/Fe] is sufficient. Also, it should be noted that our cluster checks with good [α/Fe]
agreement are for [Fe/H]≥ −1.6, and that the accuracy increases as [Fe/H] increases.
While we show data for [Fe/H] as low as –2.0, stars with the lowest metallicities are
likely to have the least reliable [α/Fe] values.
Figure 5.3 shows that our α-subset covers an [Fe/H] range from –2 to solar metal-
licity, peaking around –1.4. These giants have distances ranging from 5 to 55 kpc. We
note that this subset is not a “blind” survey of the Galactic halo because SEGUE tar-
geted 32 special plates toward known substructures as well as plates in low-latitude
regions with lower than usual reddening (Yanny et al. 2009). Thus SEGUE has a
somewhat larger chance of detecting substructure than a spatially-random survey.
Our observing strategy will, however, be quite useful to us as we compare [α/Fe] for
K giants in substructure and in the well-mixed halo.
Although our sample is dominated by halo stars with [Fe/H]< −1.0, it also in-
cludes a small number of disk stars, whose [α/Fe] will be the subject of a future paper
in our “SEGUE K Giants” series. For this work, we follow the conservative methods
discussed in Janesh et al. (2015, hereafter J15) to remove likely disk stars from our
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sample. After this we find some halo stars with [Fe/H]> −1 still remain.
5.3 Identifying Different Halo Stellar Populations
5.3.1 The Well-Mixed Halo – Removing Substructure
While it is challenging to define a well-mixed halo in our pencil-beam survey, we
have chosen to exclude any known spatial/kinematic substructure in the dataset as
done by Schlaufman et al. (2012). The remaining stars will serve as a control group to
use in comparison to substructure. However, we note that there is likely undetected
substructure because it is not a complete survey.
Note that J15 identifies substructure using the 4-d metric (which use both distance
and velocity), classifying stars into groups using a friends-of-friends(FoF) algorithm.
This is the primary way for us to remove substructure in the sample, since FoF
groups are dynamically found not relying on the prior knowledge about the halo
compositions.
As described in Section 5.1 and J15, the Sgr stream is an important component
of the stellar halo beyond 20 kpc, it is thus the most important step to exclude Sgr
stream members before we can obtain a well-mixed halo sample. For its significance,
we have adopted another technique besides FoF group searching, to identify Sgr
stream members in the α-subset in Section 5.3.2, and exclude Sgr members identified
in both ways.
To summarize our construction of the well-mixed halo, we select halo K giants
excluding possible disk stars, excluding all possible Sgr stream members and other
streams discussed in Section 5.4.3, excluding any giants in FoF groups classified in
J151, and excluding all of the targets on the special SEGUE plates designed for
observing some clusters and stellar streams (Yanny et al. 2009). These selection
criteria produce 468 giants, constituting the best well-mixed halo K giant sample we
can assemble. Figure 5.10 presents their 4-d distribution. Since we might expect
1This is a very strong requirement that numerous unnamed small groups or even pairs (groups
with only two members) are excluded.
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different origins for the stellar halo at different rGC , a histogram of rGC is also useful.
Figure 5.4 shows that most of our well-mixed halo giants reside inside a 50 kpc
sphere. It can also be seen that the Sgr stream contributes little to our α-subset
inside rGC= 20 kpc, as the Sgr orbit almost does not take stars into the inner halo
(see L10).
5.3.2 The Sgr Stream
Previous studies have identified Sgr stream stars by combining position and veloc-
ity information (e.g., Starkenburg et al. 2009; Yanny et al. 2009b; Janesh et al. 2015).
In particular, Starkenburg et al. (2009) developed a new 4-d metric with measurement
error convolved, and identify FoF groups of K giants associated with the Sgr stream.
While utilizing the 4-d information has been quite common, our strategy to identify
stars in the Sgr stream is different in the sense that we utilize a Sgr stream model
compared to our 4-d measures to identify the Sgr stream members.
Identifying Sgr Stream Members Individually
The Law & Majewski (2010, L10 hereafter) model is a good representation of the
Sgr stream in our distance range of interest. We thus use this model as a frame of
reference to check each giant for the Sgr stream membership.
We first search for stars in our sample that have 3-D spatial positions close to the
Sgr stream in the model. Our criterion is that a star be within 3 kpc of the second
nearest particle in the model. We chose 3 kpc because the typical distance between
neighboring mock particles is much smaller than 1 kpc and most giants (> 80%) in
our α-subset have distance errors smaller than 3 kpc. The second nearest neighbor
is considered a more reliable choice than using the nearest neighbor. Because if we
only search for the nearest neighbor there might be only one mock particle in the 3
kpc sphere, which can be a random point scattered away from others during tidal
disruption. Then we add the velocity criterion: a 5 kpc sphere is created for the
star under investigation and the velocities of all mock particles within the sphere are
recorded. The star’s velocity must agree with the mean model value to better than
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1-σ of the velocity distribution in this sphere and agree with its nearest neighbor to
better than 20 km s−1 to be identified as a member. A total of 89 stream members,
5% of our α-subset, are found using this method. Stars farther than 5 kpc from any
mock particles and/or stars with very different VGSR compared with their neighbors
will be marked as non-Sgr stars(75% of the sample). Note that there are stars fit into
neither of the category.
Since low contamination to our sample of the Sgr stream is critical, we have taken
a conservative approach, which will exclude many stars that are only probably Sgr
members. In general, two kinds of contamination exist. One is that underlying smooth
halo stars can fall into our Sgr stream category by chance. This contamination level
can be estimated by applying the same Sgr member identification method to mock
smooth halo stars (using the same mock catalog with r−3.5 density profile as in J15).
We find that only 0.5% of the smooth halo stars are accidentally identified as Sgr
stream members. In J15, we find that approximately 60% of the general K giant
sample is not in a pair or a group. This number serves as an upper limit of the smooth
component in our α-subset, since we expect undetected substructure. Therefore less
than 6 (1800×60%×0.5%) out of our 89 candidates would be identified as Sgr stream
members by mistake, indicating that this source of contamination can be ignored.
The other kind of contamination arises because of measurement errors. These
errors could take non-Sgr stars into the region where the Sgr stream is found, or
remove genuine Sgr stream stars. We utilized our K giant data, adding random
Gaussian errors to quantify this effect. Since the radial velocity error of the high
S/N SEGUE spectra used here is well below 5 km s−1 (see Figure 2 of Yanny et
al. 2009), much smaller than our 20 km s−1 difference criterion, we assume that
velocity measurement errors do not introduce significant contamination. However,
the distance error does matter. Our adopted distance errors are naturally deduced
in the Bayesian analysis of Xue et al. (2014). By randomizing the errors and adding
them to the distances, we produce “new” datasets with a slightly different distance for
each star to see how this effect changes the numbers of stars identified as Sgr/non-
Sgr members. We randomize the distance error 10 times (10 new datasets, 11 in
total including the original data), and recalculate the membership, finding about
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90 Sgr members each time. In general, less than 25 stars (∼ 28%) change their
membership from non-Sgr to be Sgr when using a set of new distances. However, the
real contamination level is expected to be lower than 28%. This is because among
the stars close to the model-predicted stream location, but not close enough to be
recognized as members, many are true stream members. Thus some true members
on the fringe will be included in the contamination estimate because of the distance
uncertainty.
To purify our sample, we only use members both identified in original data (89 in
total) and still qualified as Sgr members in at least 7 out of 10 of the random samples,
thus these stars will have a greater than 70% chance of being true Sgr members. These
61 giants serve as our high-confidence Sgr stream members. In summary, we identify
6 leading arm and 55 trailing arm members for our [α/Fe] exploration, spanning a
large angular distance along the Sgr arms as shown in Figure 5.5.
The same procedure of introducing random errors is also applied to the non-Sgr
giant identification simultaneously. Reliably labeling Sgr and non-Sgr stars together is
an important motivation to develop this new technique, otherwise the contamination
of non-Sgr stars by the Sgr stream is difficult to constrain. However, the technique
totally relies on the model prediction, which makes it vulnerable since the model is
unlikely to be 100% correct: for example, it does not predict the bifurcation seen
in the Field of Streams (Belokurov et al. 2006) or the distant stream discussed by
Newberg et al. (2003) and Ruhland et al. (2011). Thus it is important to remember
inaccuracies in the model may affect our conclusions on the Sgr stream membership.
Fortunately, J15 reports that no serious offsets in distance or velocity between our
data and the model except for the group at a distance of 90 kpc, outside our α-subset
distance range.
Grouped K Giants Belonging to the Sgr Stream
Working on the same K giant data, J15 adopts an alternate method, the friends-
of-friends (FoF) algorithm (e.g., Huchra & Geller 1982), to search for all possible
substructure through the 4-D space of position and velocity following Starkenburg
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et al. (2009). While their FoF algorithm needs no prior knowledge about the nature
of the substructure, they compare identified groups with the L10 model to explore
the association of some groups with the Sgr stream. Details of these Sgr groups are
given in J15. It is definitely more reliable to decide whether an entire group of stars
is associated with the Sgr stream than individual objects. In other words, even if
some group members are wrongly linked, the identity of the whole group is less likely
to be mistaken. This higher significance of detection also means a group does not
need to follow the model prediction strictly, but can still be considered as Sgr-related
substructure if the offset is not too large. In fact, the disagreement between data
and model could be due to either side: the error in observational measurement or the
uncertainty of the simulations. Therefore, even though this method does not entirely
escape reliance on the model, it is much less sensitive to the exact model details.
However, the underlying non-Sgr population surrounding the Sgr stream might be
linked to a Sgr group by mistake. More importantly, some real stream members in
our sample might be not linked into groups at all and thus omitted simply because we
did not place enough fibers in the SEGUE field to reveal the associated group. This
concern is not a problem for our individual selection, which is better for building a
purer Sgr stream sample as long as the data and model quality are reasonable.
Comparing the FoF-selected Sgr groups with our individually selected members,
we find that 53 out of 61 members identified in our method are also in the FoF Sgr
groups.
We choose not to use any chemical abundance information when we identify sub-
structure. However, after membership has been decided, abundances can be used to
validate the kinematic selection. Comparing our two sets of Sgr members, Figure 5.6
convincingly demonstrates that the median [α/Fe] is indistinguishable between the
red points (FoF selection from J15) and the black symbols (our selection). We show
only the high S/N subset of FoF group members with [Fe/H]> −2 (248 stars) to be
consistent with our requirement in this work. The general trends are presented by the
median [α/Fe] values and semi-interquartile ranges (SIQR) as vertical bars in three
different [Fe/H] intervals, which are separated by vertical dashed lines in Figure 5.6.
Both techniques work well and agree with each other; our selection produces fewer
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stars, but slightly less spread in [α/Fe] with smaller scatter in the most metal-poor
bin.
5.4 Results and Discussion
Figure 5.7 shows the general [α/Fe]-[Fe/H] distribution of the α-subset after ex-
cluding the likely disk stars, with the loci of thin and thick disk from Bensby et
al. (2011) shown to guide the eye. The [α/Fe] variation in the vertical direction for
[Fe/H] < −1 is significantly larger than our measurement error of ∼0.1 dex, while
the metal-rich end is even more widely separated into two sequences.
5.4.1 [α/Fe] of the Sgr Stream Compared With the Well-
Mixed Halo
Figure 5.8 compares our Sgr members with the well-mixed halo giants in the
[α/Fe]-[Fe/H] diagram. A lower [α/Fe] for the Sgr stream in the middle [Fe/H] range
(–1.5,–1) is clear, which is not previously mapped (most studies focus on stars with
higher [Fe/H]). This lower [α/Fe]-[Fe/H] trend continues towards the metal-rich end
([Fe/H]> −1). While we do not have many metal-rich stars, the down-turn pattern
of the well-mixed halo stars is clear and roughly parallel to the Sgr stream members.
In the metal-rich bin ([Fe/H]> −1), despite our strong rejection of disk stars and
other substructure, we see two populations in [α/Fe] for the well-mixed halo stars.
Even if the high [α/Fe] population (see the discussion in Section 5.4.4) above 0.25 is
excluded, Sgr stars still have lower [α/Fe] than the well-mixed halo.
In the metal-poor bin (−2 < [Fe/H] < −1.5), the Sgr and well-mixed halo trends
converge to the same level in [α/Fe]. For the well-mixed halo stars the metal-poor
and middle bins together show a plateau, which is expected in a single core-collapse
SN enrichment stage and seen in other studies (e.g., Tolstoy et al. 2009). For the
Sgr stream we would need to investigate even lower metallicities ([Fe/H] < −2) to
determine if the [α/Fe]-[Fe/H] trend reaches a plateau or not. This problem is beyond
the scope of this work but an interesting question for the future.
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Monaco et al. (2007) and Keller et al. (2010) find [α/Fe] values range from 0.15
to -0.4 for Sgr trailing arm members with [Fe/H] greater than –1.0, consistent with
studies of its main body (Monaco et al. 2005). Our corresponding measurement ranges
from 0.15 to 0. In the sense of the absolute [α/Fe] scale, the high-resolution studies
should be more accurate, while our [α/Fe] values give relative measurements only. It
is also necessary to point out that Monaco et al. (2007) and Keller et al. (2010) both
quote Venn et al. (2004)’s result to sketch the Galactic trend for comparison, but the
metal-rich end of the trend in Venn et al. (2004) largely relies on disk data. Our data
complete the picture by studying true halo stars with [Fe/H]> −1.0.
Moreover, Monaco et al. (2005, 2007); Keller et al. (2010) together demonstrate a
metallicity gradient along the Sgr trailing arm, stars lost from Sgr earlier being more
metal-poor on average. Our leading arm detection is dynamically older according to
the L10 model. Six of our eight leading arm members are in the most metal poor
bin ([Fe/H]< −1.5) of Figure 5.8, consistent with the general idea of a metallicity
gradient.
However, we need to discuss another possible bias. It might be possible that the
difference in [α/Fe] between the Sgr stream and the well-mixed halo is related to their
different spatial distributions, since Figure 5.4 shows that our well-mixed halo sample
is dominated by stars with smaller rGC(< 20 kpc) where few Sgr stream stars are
found. (We investigate possible trends in [alpha/Fe] with rGC in the next Section.)
Figure 5.9 demonstrates that this cannot be the case, as there is no significant dif-
ference in [α/Fe] among halo stars in three galactic radius ranges. Thus the different
[α/Fe]-[Fe/H] patterns of the Sgr stream and well-mixed halo stars must be due to
differences in their formation history. The stars in our sample belonging to the Sgr
stream show the lowest values of [α/Fe] at a given [Fe/H] in the metallicity range
above [Fe/H]= −1.5. While Sgr is typical of the dSph satellites of the Milky Way
in its low [α/Fe] values, its stream is unique in our halo because of their very low
[α/Fe], showing a strong contribution by Type Ia SNe. The difference between the
extremely low [α/Fe] values of Sgr stars and the moderately low [α/Fe] values of some
stars in the local halo was first remarked by Fulbright (2002). We have now extended
this result out to 50 kpc in the halo, as well as making the comparison of Sgr stars
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with true halo stars for [Fe/H] as high as –0.3. The uniqueness in [α/Fe] of the stars
from Sgr suggests that our halo only had one major accretion event from a progenitor
which experienced a long duration of star formation; other surviving dSph satellites
do not contribute significantly to the stellar halo out to 50 kpc. In summary, we see
lower [α/Fe] for stars in the Sgr stream than we do in our well-mixed halo sample:
the Sgr stream stars participated in a more extended star formation period than the
rest of the halo.
5.4.2 [α/Fe] of the Well-Mixed Halo with rGC
As Johnston et al. (2008) point out, [α/Fe]-[Fe/H] features can be used to re-
construct the histories of halo progenitors, because both the progenitor luminosity
and star forming time scale make a difference in the abundance distribution. Thus
[α/Fe][Fe/H] trend will likely be very different for different progenitors. Fulbright
(2002); Nissen & Schuster (2010) find low-[α/Fe] solar neighborhood halo stars in
their sample have retrograde orbits or large non-rotational velocity components, and
could have been accreted from satellite galaxies. Thus, there might be an [α/Fe]
variation from solar neighborhood to the outer halo, since stars in the outer halo can
be largely accreted and thus lower in [α/Fe].
However, Figure 5.9 shows the [α/Fe]-[Fe/H] trends for well-mixed halo stars in
three rGC bins divided at 10 and 20 kpc are very similar, with a slightly higher [α/Fe]
value for the rGC< 10 kpc bin.
The fact that we see no difference for our “well mixed” halo in [α/Fe] patterns
with rGC from 10 to 50 kpc is intriguing, also suggesting that any in situ halo is
confined to a region inside the solar circle. Thus, hierarchical accretion and random
mixing of infalling material is a more likely choice for building the stellar halo beyond
10 kpc.
However, it is possible that an in situ component exists but is confined more to
the inner halo (rGC< 10 kpc). This is hinted by the fact that we see a small trend
toward higher [α/Fe] in relatively small number of stars in our sample with rGC< 10
kpc. Ongoing surveys such as APOGEE and HERMES will be useful to explore the
inner halo.
5.4.3 [α/Fe]-[Fe/H] of Other Substructure
While Sgr-associated substructure is prominent in our sample and in the outer
halo, it is not the only stream in the stellar halo. Other substructure, both previously
known and new, is also detected in our K giant data. In most cases that we consider
it is reported in J15. Although these special groups of giants are initially identified
utilizing the FoF algorithm developed by W. Janesh, I conduct extra validation work
by comparing with measurement in literature independently, and tailor some groups
further for [α/Fe]-related discussions. I thus give the full description of my validation
work below to introduce these groups one by one.
Figure 5.10 shows other known substructure that we will discuss. It should be
noted that although on any single panel a star may be close to the Sgr stream model,
none fit into the same section of the Sgr stream in all four panels.
A High-latitude Group Possibly Associated with Sgr’s Older Wrap
There is a small group reported in J15 with four members (blue squares in Fig-
ure 5.10) tightly bound together in l, b and VGSR. However, the lower panels show
that one of them is about 8 kpc above the other three in z-direction, which can be
partly due to the distance error. This group is not recognized as part of the Sgr
stream either in our method or in J15, although it does live inside a high latitude
section of the Sgr leading arm in space according to the L10 model. But its VGSR,
different by 200 km s−1 from the model prediction for a recent wrap of the Sgr leading
arm, excludes its members from our Sgr search. However, there is still a possibility
that it belongs to debris lost earlier in Sgr’s disruption history. The chemical abun-
dance of this group is presented in Figure 5.11 separately from the regular Sgr stream.
We denote this feature as SgrP because it lives in the Sgr orbital plane and may be
associated with Sgr.
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Orphan Stream
A stream of much lower stellar density is the Orphan stream (Belokurov et al.
2007). J15 found 14 K giants forming two adjacent groups around (180◦,50◦) and
(210◦,55◦) in (l, b), with distances from 30 to 48 kpc (see Figure 5.10). The distance
error is on the order of 5 kpc. Their mean VGSR is 130 km s
−1 with a small disper-
sion. However, the low value of dispersion might not be intrinsic but decided by the
requirement of small linking length in the FoF algorithm. According to Figure 7 of
Belokurov et al. (2007) and Figure 12, 14 of Newberg et al. (2010), these two groups’
association with the Orphan stream is clear.
Cetus Polar Stream
Another two groups of giants overlap the southern Sgr trailing arm in l and b
at (139◦,−72◦) and (146◦,−46◦) respectively (see Figure 5.10). The lower latitude
group has seven members and a VGSR of ∼ −22.8 ± 7.6 km s−1, consistent with the
L10 model. However, its distance ∼40 kpc, 10 kpc farther than it should be if it is
associated with the Sgr stream as shown by the L10 model.2 The other group, with
eight members, has the right distance but an inconsistent velocity for the model.
A similar structure was found by Yanny et al. (2009b) and named the Cetus Polar
Stream by Newberg et al. (2009). We believe that our stars belong to this structure.
Newberg et al. (2009) reported that it also overlaps with the Sgr trailing arm around
(140◦,−70◦) and has [Fe/H] of –2.1; this value agrees with our group [Fe/H] average.
However, Newberg et al. (2009)’s estimates for the b = −71◦ patch of this stream 3
is 36 kpc in distance and –30 km s−1 in VGSR. We argue that the distance difference
is well inside our typical distance uncertainty, and that the VGSR range of our group
members, from –31 to –13 km s−1 also covers their value. Our high latitude group
agrees with Newberg et al. (2009)’s b = −46◦ patch even better in position, but a
larger VGSR scatter indicates possible contamination. In general, we are confident of
2The L10 model is calibrated on heterogeneous tracers and distance calculations, but the uncer-
tainty of the predicted distance in this direction should be smaller than 10 kpc.
3Newberg et al. (2009) detected four patches along the Cetus Polar Stream at almost the same
longitude.
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the Cetus Polar Stream identity of these two groups.
Virgo Overdensity
The Virgo Overdensity (Juric´ et al. 2008) is hard to detect using FoF searching
because of its nearby nature, its enormous sky coverage (>2000 deg2, Bonaca et al.
2012) and its large distance extension (Juric´ et al. 2008). The cloud-like morphology
revealed by the star counts does not fit the FoF association of compact structures.
Following Table 1 of Bonaca et al. (2012), we adopt selection criteria of lin (270◦,
330◦), b> 60◦, distance in (6, 20) kpc and VGSR = 134.4 ± 14 km s−1, and obtain
six possible members. Five of them have effective [α/Fe] measurement, thus in our
α-subset. The origin of the Virgo Overdensity is still unclear (e.g., Newberg et al.
2007; Bonaca et al. 2012). We will use our [α/Fe] measurements to constrain its origin
further in Section 5.4.3.
[α/Fe]-[Fe/H] Mapping of Major Substructure
Although we have identified members of the Orphan stream, the Virgo Overden-
sity, the Cetus Polar Stream and SgrP, many of their SEGUE spectra do not meet the
high S/N requirement of the α-subset. However, as the [α/Fe] values of stars in these
streams have never been measured previously, we present their [α/Fe] measurement
for interest and to encourage future high-resolution studies.
The Virgo Overdensity members with [Fe/H]> −2 all have S/N≥ 50, and we see
in Figure 5.11 that the [α/Fe] of the Virgo Overdensity is consistent with the values
for the well-mixed halo in the same [Fe/H] range. We note that Roederer et al. (2010)
also pointed out members of a stream Helmi et al. (1999) with [Fe/H]< −1.5 also
have [α/Fe] similar to the well-mixed halo, but these stars are nearby (< 2kpc) and
much more metal-poor.
The Cetus Polar Stream appears to have high [α/Fe], including one high S/N
member in the middle [Fe/H] bin. SgrP has only one low S/N star showing low
[α/Fe], which is thus less certain. As for the Orphan stream members, the [α/Fe]
measures from low S/N spectra yield low [α/Fe] in the most metal-poor bin and
111
higher [α/Fe] in the middle [Fe/H] bin. If we restrict ourselves to the higher [Fe/H]
values ([Fe/H]> −1.5) where our cluster data have given direct checks to the SSPP
[α/Fe] values, we see that the stars from known groups resemble the well-mixed halo
in [α/Fe], not Sgr.
Based on this chemical evolution map of the disentangled halo components, the
Sgr stream shows the lowest [α/Fe] feature along the enrichment track in the [α/Fe]-
[Fe/H] plot. The difference between the main and the Sgr populations shows that the
well-mixed part of the present-day stellar halo cannot be mainly populated by Sgr-like
disrupted dwarf galaxies. Even Sgr’s outskirt population that has been totally lost
to the halo does not qualify: the already lost population may have a different [Fe/H]
distribution compared with the stream today, but it should still follow a continuous
trend in [Fe/H] vs [α/Fe]. Those well-mixed halo giants are either from more intense
star forming regions in the Milky Way4, or from disrupted satellite galaxies whose
progenitors likely have stronger early star formation than Sgr’s.
By contrast, the [α/Fe] of the Virgo Overdensity members are consistent with the
well-mixed halo trend, showing a closer connection between the Virgo Overdensity
and the well-mixed stellar halo. There is still controversy over whether the Virgo
Overdensity is a large scale structure of the halo itself or part of a disrupted dwarf
galaxy. If it is a stream-like structure associated with a dwarf galaxy, its progenitor
can be among those who largely contributed to the present-day well-mixed halo; if
it is merely part of the halo, then it is also reasonable that we detect no difference
compared with the well-mixed halo giants. Since many studies favor the Virgo Over-
density’s dwarf galaxy origin (e.g., Newberg et al. 2007; Juric et al. 2008; Casetti-
Dinescu et al. 2009; Bonaca et al. 2012), we suggest that the well-mixed portion of
the Galactic halo is built by disrupted satellites more similar to a hypothesized dwarf
galaxy associated with the Virgo Overdensity, not Sgr. Figure 5.12 also strongly
supports this accretion picture. Moreover, if such a dwarf galaxy was accreted early,
there would not be sufficient time for Type Ia SNe enrichment, which might explain
why we did not obtain many giants with [Fe/H]> −1 in our well-mixed halo sample.
4These regions can be in the halo itself, if in situ star formation is significant as discussed in Font
et al. (2011).
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[α/Fe]-[Fe/H] of Other Small Groups
The halo may contain both a component which was formed in situ at early times
and an accreted component; or all its stars may have formed elsewhere and then
subsequently been accreted. The term “smooth halo” has also been used to describe
this in situ component.
Considering the stars in the halo which neither belong to the Sgr stream or to the
rare [Fe/H]> −1 category, we can ask the question: “Does a star’s [α/Fe] value depend
on whether it is in substructure?” Our answer to the above question is affected by
the observational realities of our survey: no pencil-beam survey such as SEGUE , nor
any survey with only one component of velocity, can claim to detect all substructure:
we must wait for Gaia.
By removing all detected substructure from our sample we have produced our best
estimate of a smooth halo, but it should be remembered that in the most extreme
case, this will simply consist of more substructure undetected by our survey, which is
why we refer to it as “well-mixed”.
Since we also have a number of unnamed groups (with more than three members)
identified in J15, it is interesting to know whether they resemble the well-mixed halo
or the Sgr stream in [α/Fe]. These groups, containing fewer members, cannot be
further connected into larger streams or easily matched to known structures in the
literature. Their clustering signals are somewhere in between the prominent streams
discussed above and our defined well-mixed halo.
Figure 5.12 shows a surprising agreement of all non-Sgr groups with the well-
mixed halo stars in [α/Fe] at all [Fe/H] bins. Chemically, this agreement makes it
possible that these groups supply the “smooth” halo. In other words, the “smooth”
halo is simply the well-mixed portion of our halo, which was built predominantly
by hierarchical accretion as the Galaxy grew. Our result here is consistent with an
almost 100% accreted halo containing few or no stars formed in situ at early times,
although the small number of stars we have detected with high [α/Fe] and high [Fe/H]
may belong to such a component and deserve further investigation.
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5.4.4 [α/Fe] in Halo Stars with [Fe/H]> −1
We detect at least three main halo populations based on our K giant sample.
Generally speaking, to enrich the star forming material to the same level of [Fe/H], a
higher [α/Fe] means a shorter enrichment duration and more intense star formation.
Hence, distinguishing the three populations by [α/Fe]-[Fe/H] is equivalent to sorting
stars by their birth environments. Figure 5.8 contains a few giants with high [Fe/H]
and high [α/Fe] revealing a population born in the most rapid star forming envi-
ronment, an abundant main population in the middle, and a low [α/Fe] population
belonging to the Sgr stream.
The first population does not show a strong signal yet because of our limited
sample size. But their [α/Fe]> 0.25 values are intriguing, clearly representing a
different chemical enrichment origin in the halo. They appear to slightly ascend to
the left, and not connect smoothly with the main body of orange points in the middle
bin (−1.5 < [Fe/H] < −1). However, this feature could be a result of sparse sampling
around [Fe/H] of –1.
While these giants all survive from our disk exclusion, two of them are close to
the l-V kinematic classification line (see more details in J15) and so may be put into
the halo region via velocity errors. But the feature would not diminish even without
them.
We see no pattern with position on the sky or distance for these stars. One
possibility is that they are halo stars formed inside the Galaxy at early times, as
described in Zolotov et al. (2009, 2010). Proper motions for these stars would allow
us to calculate their binding energy and so test this hypothesis. High-resolution [α/Fe]
measurements to these stars are also needed to confirm their abundances.
5.5 Summary
We have carefully validated a homogeneous K giant dataset with good [α/Fe]
measurements to explore multiple populations in the halo. We use [α/Fe] to indicate
different star formation histories in the progenitors. This subset of our general SEGUE
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K giant sample includes almost 2000 high S/N K giants.
We study the [α/Fe]-[Fe/H] pattern of Sgr stream members in a much more ex-
tended [Fe/H] range, from –2 to solar, than previous studies. The Sgr stream’s lower
[α/Fe]-[Fe/H] trend compared with the well-mixed halo and other substructure is
confirmed over this [Fe/H] range. We find that only Sgr debris has the pattern of
lower [α/Fe] at a given [Fe/H] typical of dSph satellites: other substructure has [α/Fe]
values in the same range as the “well-mixed” halo.
No significantly different trends in the [α/Fe]-[Fe/H] diagram with radius are seen
beyond 10 kpc. This result indicates a similar formation history for the stellar halo
beyond 10 kpc. However, inside 10 kpc the [α/Fe] pattern in the halo changes, in line
with the Fulbright (2002) and Nissen & Schuster (2010) results.
We propose that the main stellar component of the present-day halo, well-mixed
or still clumpy, is accreted from satellite galaxies with more rapid early star formation
than what the Sgr progenitor galaxy experienced.
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Figure 5.2 [α/Fe] measurements for cluster members as a function of S/N. On each
panel, the cluster name is followed by its cited [Fe/H] value, and the literature [α/Fe]
value given in Table 5.1 is represented by a horizontal line. A characteristic SSPP
error bar of 0.1 dex in [α/Fe] is also shown for each cluster, with an open circle. We
can see for metal-rich clusters, the actual scatters in [α/Fe] measurements are much
smaller than 0.1 dex.
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Figure 5.3 α-subset dHelio-[Fe/H] scatter plot with distributions in [Fe/H] on the top
and distance on the right (logarithmic scale in y-axis) respectively. Note that the as-
observed metallicity distribution is not ready for scientific interpretation yet because
we need to correct for selection biases, but shows the parameter space traced by our
α-subset.
117
Figure 5.4 Galactocentric radius distribution of the well-mixed halo giants (not
shaded) and the Sgr stream giants (shaded). Also shown are our detections (see
Section 5.4.3 for details) of the Orphan Stream (green), the CPS (cyan), the SgrP
(blue) and the Virgo Overdensity (red), including a few stars with lower S/N than the
α-subset requires. Sgr stream stars are more distant on average than the well-mixed
halo giants in our sample.
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Figure 5.5 Distribution of our identified Sgr members (leading arm: open black circle;
trailing arm: black dots). The most recent wraps (one leading wrap and one trailing
wrap) from L10 Sgr model are plotted with small gray points. While different portions
of the stream are revealed by our data, the lower right panel shows that our detected
leading arm members are farther away on the stream from the Sgr main body, marked
with a large circle, and thus stripped earlier from the Sgr galaxy than most of the
trailing arm members.
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Figure 5.6 Comparison of [α/Fe]-[Fe/H] trend for Sgr stream members identified using
two selection techniques. Small orange points are for FoF groups(J15), while small
black open and filled circles show identified leading arm and trailing arm members
from this work. Large green dots summarize the FoF Sgr members, and large gray
dots summarize our identified members by marking median values in both axes in
the corresponding bins. The vertical dashed lines divide three [Fe/H] intervals where
we perform the statistics shown in large symbols. Lines are as described in Fig. 5.7.
It can be seen that there is no significant difference in [α/Fe] for the two different
methods of identifying Sgr stream members.
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Figure 5.7 [Fe/H] versus [α/Fe] plot for the α-subset. Giants with S/N larger than
50 are shown with black dots, while orange open circles have S/N between 30 and
50. The solid lines are based on the [Ti/Fe]-[Fe/H] trend in Fig. 2 of Bensby et al.
(2011) for thin (lower line) and thick disk (higher lines forming a knee) stars in the
solar neighborhood. Note that the range in [α/Fe] seen is significantly larger than
our measurement error.
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Figure 5.8 [α/Fe]-[Fe/H] trends for well-mixed halo stars (orange points) compared
with our selected Sgr members (black symbols: open circles from the leading arm
and closed from the trailing arm). In three [Fe/H] bins divided by vertical dashed
lines, large green dots summarize well-mixed halo stars (small orange points) and
large gray dots summarize Sgr stream members (small black dots/circles) by median
values with the SIQR shown as vertical bars. The horizontal line chosen to separate
two groups graphically, marks [α/Fe] of 0.25 at [Fe/H]> −1, above/below which the
small symbols’ median values are summarized as open/filled symbols. Sgr stream
stars have lower [α/Fe] for [Fe/H]> −1.5.
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Figure 5.9 [α/Fe]-[Fe/H] trends for well-mixed halo stars with rGC smaller than 10 kpc
(red points), between 10 and 20 kpc (orange points), and greater than 20 kpc (black
points). Large magenta dots summarize small red points(r < 10 kpc), large green
dots summarize small orange ones(10 < r < 20 kpc), and large gray dots summarize
small black ones(r > 20 kpc). Lines are as shown in Fig. 5.8, while the small points
above [α/Fe] of 0.25 at [Fe/H]> −1 are excluded in the median calculation because
of their possibly different origin. We see no significant difference in [α/Fe] patterns
between the outer two radius bins, but a slightly higher [α/Fe] value for the stars
inside the 10 kpc sphere.
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Figure 5.10 Distribution of our identified K giants in the well-mixed halo (small
orange points, see Section 5.3.1) and other substructure (the Virgo Overdensity: red
triangles, the Orphan Stream: green circles, the Cetus Polar Stream: cyan crosses,
SgrP: blue squares; see more details in Sec. 5.4.3). The most recent 3 wraps from L10
model are plotted using small gray points. Based on the lower right panel, the Virgo
Overdensity members and the well-mixed halo giants are on average closer than the
other groups.
124
Figure 5.11 [α/Fe]-[Fe/H] trends for the well-mixed halo (large green symbols), the
Sgr stream (large gray symbols) , and other substructure: large red symbols are for
identified members of the Virgo Overdensity (triangles), the Orphan stream (circles),
the Cetus Polar Stream (pentagons) and SgrP (squares), while filled red symbols
indicate high S/N and open ones indicate lower S/N. The [α/Fe] patterns for all
these substructures, particularly for [Fe/H]> −1.5, where our measurements are more
secure, resemble our well-mixed halo sample, not the Sgr stream.
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Figure 5.12 [α/Fe]-[Fe/H] trends of the well-mixed halo stars in orange points (sum-
marized by large green symbols in each [Fe/H] bin) and many non-Sgr grouped stars
in black points (summarized by large gray symbols). There is no significant difference
in the trends. This suggests that Sgr is the only part of the halo which experienced
the extended star formation periods which resulted in its extremely low [α/Fe] values.
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Chapter 6
Summary and Future Directions
6.1 Summary
Stars in the galactic halo preserve information about the formation history of
the Galaxy in their abundance and kinematic features. However, large numbers of
in situ tracers showing robust statistical meanings were not available till recently.
These tracers are critical for mapping the galactic halo and inferring its formation
history. Historically, the halo MDF has been mapped by quite different tracers, such
as globular clusters, local subdwarfs, horizontal branch stars, or a limited number of
red giants. None of these tracers except the red giants can be a fair representation
of the general halo population. A systematic description of the completeness of a
volume-limited halo tracer sample was for a long time not something we can achieve,
except for the work based on local dwarfs with full 3-D kinematic information. Only
a statistically large sample with its completeness well quantified can be used to accu-
rately describe the physical and chemical distributions of the halo stars, and further
to calibrate our understanding on halo formation.
K giants are luminous tracers of the Milky Way halo which allow us to obtain
abundance information out to 100 kpc with the SDSS 2.5m telescope. The SDSS-
SEGUE survey obtained a large number of spectra of K giant candidates. Combining
SSPP log g and our own MgH index measurements, we build a K giant sample of ∼
16,000 stars with ugriz photometry and multiple spectroscopic parameters including
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[Fe/H]. We test the accuracy of these parameters using carefully selected members
of star clusters with a wide range of metallicity, whose properties are described in
Chapter 2. Distances have been estimated for more than 5000 upper giant branch
stars among all 16,000 giants by Xue et al. (2014), showing that they reach from 10 to
100 kpc from the galactic center. This SEGUE dataset is, by several orders of mag-
nitude, the largest spectroscopically confirmed red giant sample for the Milky Way
stellar halo. The large physical extent of our K giants is well suited for investigating
the existence of an abundance gradient in the halo. This sample also includes ∼1800
high S/N K giants with reliable [α/Fe] estimates, forming a subset for the study of
halo [α/Fe]. This α-subset reaches to galactocentric distances of 50 kpc.
However, because halo giants are intrinsically rare, the SEGUE project made
complex decisions on target selection, and these decisions introduce metallicity dis-
tribution biases which need to be corrected. Correcting these biases gives an accurate
view of the halo MDF. Dividing the sample by distance, we search for the spatial
variation of the halo MDF. We see no evidence for a metallicity gradient in the stellar
halo, and suggest that other authors have found such a result because they have not
applied the corrections for bias introduced by SEGUE target selection. Compared
to other studies of the local halo MDF, the halo beyond 10 kpc traced by our main
sample seems to have a stronger metal poor population. Comparing our MDFs with
Cooper et al. (2010)’s simulation results, we suggest that the stellar halo of the Milky
Way is built from the disruption of many comparable satellite galaxies. These satel-
lites were randomly mixed, making the mean metallicity of the Galactic halo uniform
with distance.
We have also carefully validated the subset with [α/Fe] measurements to explore
multiple stellar populations in the halo. We use [α/Fe] to indicate different star
formation histories of the halo progenitors. The [α/Fe]-[Fe/H] pattern of Sgr stream
members covers a more extended [Fe/H] range, from –2 to solar value, than previous
studies. The Sgr stream’s lower [α/Fe]-[Fe/H] trend compared with the rest of the halo
is confirmed over this [Fe/H] range, being consistent with the high-resolution results
of the Sgr dSph/stream (Monaco et al. 2005, 2007; Keller et al. 2010) and other
satellite galaxies (Venn et al. 2004) in the Milky Way halo.After removing likely Sgr
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stream and other substructure members from our sample, we see no further evidence
of the [α/Fe] patterns typical of the Sgr dwarf galaxy or other classical dSph galaxies
which orbit the Milky Way. So, while Sgr is the main surviving stellar stream in the
halo between 20 and 50 kpc, the other halo progenitors did not have such an extended
star formation history. Moreover, when we remove all detected substructure from the
α-subset, and divide it at rGC=20 kpc, we find no significantly different trends in the
[α/Fe]-[Fe/H] diagram.
Both results from [Fe/H] and [α/Fe] mapping show no obvious differences between
the inner and outer halo. This suggests a similar procedure for making the halo
between 10 and 50 kpc in galactic radius, and rules out some theoretical predictions
for in situ halo formation.
We propose that the main stellar component of the present-day halo, well-mixed
or still clumpy, is accreted from satellite galaxies with early star formation over a
shorter time than the Sgr progenitor galaxy has experienced. The existence of in situ
formed halo stars are still possible but limited to the region of the halo inside 10 kpc
by our result.
6.2 Future Directions
The detailed chemical abundance study of distant giants (5 − 100 kpc) will be
able to trace all types of building blocks of the stellar halo. The SEGUE K giant
survey, as my thesis topic, has left us many legacies to be further explored. Although
we have made useful constraints on the building blocks of the stellar halo, our main
results could be strengthened by smaller error bars on both the MDFs of different
halo components and the [α/Fe] estimates of individual stars. These two types of
error bars, one statistical (decided by sample size) and the other pure measurement
error, inspire future work in two different directions.
One direction is to measure the properties of the K giant sample more completely
and more accurately. A useful follow-up would be high-resolution spectroscopic ob-
servation of giants in certain halo components identified in my α abundance study
of Chapter 5 and Janesh et al. (2015), in the sense that many candidates in our
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main sample do not have reliable [α/Fe] from SEGUE spectra. The high-resolution
study could further confirm the lower [α/Fe] trend of Sagittarius stellar streams com-
pared with the well-mixed halo, and explore the [α/Fe] trend below [Fe/H] = −2. It
would also give α abundances for the Cetus stream and the Orphan stream members,
which have not been studied in detail before. More excitingly, it could consolidate
our finding of the high [α/Fe]-high [Fe/H] giants, which are similar to the thick disk
chemically, but likely belong to the halo based on their position and radial velocity.
Better proper motion measurements that Gaia (Perryman et al. 2001) will offer could
confirm their identities. These stars were likely in situ-formed and scattered into the
halo (Zolotov et al. 2010; Font et al. 2011). Studying them together with thick disk
stars, which are also found in our K giant sample, could potentially reveal whether
they were formed in situ and how much they contribute to the local halo and the halo
beyond.
Another direction is a complete low/medium-resolution spectroscopic survey of
K giants just in one or several selected patches of the sky. SDSS/SEGUE is a pencil-
beam survey pursuing the strength of a large sky coverage but spanning only three
magnitudes for most K giants. A complementary survey would target every viable K
giant candidate in a wider apparent magnitude range (e.g., 14.5 to 20.5 in the SDSS
r magnitude) and in a narrower color range, meaning that a better volume-limited
sample reaching beyond 100 kpc can be built out of a magnitude-limited dataset.
The success of this proposed survey relies on an efficient multi-object spectrograph
on a large telescope. To successfully design this spectroscopic survey, we would uti-
lize existing resources such as the SDSS photometric data for target selection. By
obtaining such a complete K giant sample, all different halo components would be
better represented than by using other halo tracers introduced in Chapter 1. Finally,
a 3-D map of the cone volume using the most unbiased tracers of K giants could be
more complete than ever. Any stellar streams or substructure crossing this cone will
be identified, and many specific stream formation models in a hierarchical accretion
context could be recalibrated. The MDF and its spatial variance would be thoroughly
studied too. Again, if Gaia operates successfully, the proper motion will be critical for
us to improve the success rate of targeted K giants, which are outnumbered largely
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by nearby dwarfs, because distant halo giants have low proper motions. The 3-D
kinematics obtained by combining radial velocity and proper motions will also help
us map the mass profile of the Milky Way. Also, the whole survey could be easily
extended to any other intriguing directions if the first one is successful.
These investigations, inspired by our K giant survey would present a more com-
plete picture of various populations of the stellar halo, and ultimately narrate a clear
history of halo formation.
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Appendix A
Cluster Member List
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Table A.1. M92 Members Observed by SEGUE
Plate MJD Fiber r error g − r g − i g − z RA Dec Velocity Phot. PM prob
(mag.) (mag.) (mag.) (mag.) (mag.) (2000) (2000) (km s−1) ref. (%)
2247 53857 402 14.456 0.006 0.621 0.893 1.040 259.1997 43.1044 –114.6 1 99
2247 53857 403 14.218 0.006 0.607 0.884 1.047 259.1831 43.1255 –103.4 1 99
2247 53857 412 13.410 0.002 0.656 0.963 1.148 259.1429 43.1268 –113.3 1 99
2247 53857 416 13.448 0.003 0.642 0.948 1.128 259.1572 43.1448 –122.2 1 99
2247 53857 444 13.592 0.003 0.636 0.943 1.116 259.2514 43.1966 –109.5 1 99
2247 53857 449 13.226 0.002 0.723 1.065 1.234 259.2452 43.2532 –107.9 1 99
2247 53857 453 14.333 0.038 0.583 0.842 0.976 259.2280 43.1740 –110.0 1 99
2247 53857 455 12.462 0.004 0.857 1.252 1.454 259.2078 43.1781 –115.4 1 99
2247 53857 458 13.109 0.002 0.752 1.107 1.276 259.2406 43.2365 –118.0 1 99
2247 53857 460 13.813 0.011 0.634 0.969 1.142 259.2313 43.0843 –120.1 1 99
2247 53857 486 14.586 0.005 0.596 0.865 1.027 259.1491 42.9443 –118.5 1 · · ·
2247 53857 514 14.344 0.003 0.596 0.877 1.028 259.2487 43.0183 –119.8 1 99
2247 53857 516 14.285 0.005 0.420 0.614 0.684 259.2202 43.0582 –110.1 1 99
2247 53857 522 11.619 0.006 1.159 1.659 1.930 259.3405 43.2149 –103.4 1 99
2247 53857 523 12.740 0.003 0.809 1.176 1.360 259.3189 43.1792 –104.6 1 99
2247 53857 525 14.024 0.014 0.658 0.933 1.095 259.3403 43.1842 –110.7 1 99
2247 53857 526 11.961 0.011 0.970 1.441 1.702 259.2935 43.1855 –106.2 1 99
2247 53857 529 13.895 0.005 0.556 0.824 0.980 259.3320 43.2451 –112.3 1 99
2247 53857 532 14.305 0.009 0.476 0.691 0.818 259.3376 43.1035 –108.7 1 99
2247 53857 537 14.332 0.006 0.609 0.887 1.032 259.3146 43.0831 –113.3 1 99
2247 53857 553 14.833 0.001 0.341 0.486 0.583 259.3048 43.0001 –102.9 1 99
2247 53857 559 14.371 0.005 0.595 0.875 1.033 259.2664 43.0341 –110.2 1 99
2247 53857 572 12.407 0.003 0.856 1.230 1.459 259.3821 43.0949 –107.3 1 99
2247 53857 576 14.507 0.010 0.599 0.879 1.035 259.3699 43.1675 –114.0 1 99
2247 53857 577 14.691 0.004 0.571 0.831 0.982 259.3709 43.1153 –114.1 1 99
2247 53857 580 14.353 0.009 0.598 0.883 1.020 259.3730 43.2041 –113.7 1 99
2247 53857 583 13.489 0.005 0.690 1.004 1.200 259.3425 43.0805 –112.8 1 99
2247 53857 609 14.660 0.005 0.606 0.871 0.998 259.5197 43.1712 –118.5 2 84
2247 53857 612 14.889 0.002 0.566 0.832 0.977 259.4598 43.2295 –105.3 1 · · ·
2247 54169 361 15.583 0.004 -0.225 -0.395 -0.463 259.0527 43.1739 –115.1 1 · · ·
2247 54169 380 15.664 0.002 0.522 0.749 0.904 259.1245 43.1009 –109.5 1 · · ·
2247 54169 408 14.865 0.007 0.567 0.816 0.973 259.1516 43.1156 –120.0 1 99
2247 54169 418 15.063 0.003 0.570 0.810 0.959 259.1925 43.0829 –119.6 1 99
2247 54169 441 15.760 0.002 -0.316 -0.533 -0.641 259.2120 43.1897 –115.4 1 · · ·
2247 54169 444 15.590 0.003 0.499 0.740 0.871 259.1783 43.2465 –112.3 1 · · ·
2247 54169 449 15.015 0.003 0.549 0.800 0.946 259.2012 43.1713 –116.5 1 · · ·
2247 54169 451 15.753 0.003 0.527 0.744 0.888 259.2681 43.0696 –121.9 1 · · ·
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Table A.1 (cont’d)
Plate MJD Fiber r error g − r g − i g − z RA Dec Velocity Phot. PM prob
(mag.) (mag.) (mag.) (mag.) (mag.) (2000) (2000) (km s−1) ref. (%)
2247 54169 452 15.565 0.005 0.495 0.746 0.897 259.1898 43.2296 –121.4 1 · · ·
2247 54169 484 14.586 0.005 0.596 0.865 1.027 259.1490 42.9443 –115.0 1 · · ·
2247 54169 504 14.638 0.022 0.554 0.839 1.002 259.3471 42.9488 –112.1 1 · · ·
2247 54169 521 15.651 0.004 -0.273 -0.454 -0.545 259.2528 43.2175 –119.3 1 99
2247 54169 526 15.592 0.004 -0.257 -0.447 -0.527 259.2901 43.0796 –117.6 1 99
2247 54169 531 16.043 0.005 0.511 0.724 0.830 259.3130 43.2645 –115.2 2 · · ·
2247 54169 538 17.658 0.007 0.373 0.525 0.583 259.3413 43.2580 –107.6 2 · · ·
2247 54169 549 15.237 0.006 -0.199 -0.343 -0.381 259.4017 43.0199 –121.2 1 97
2247 54169 563 14.989 0.006 0.568 0.816 0.955 259.3296 43.2152 –111.7 1 99
2247 54169 565 15.910 0.008 -0.335 -0.579 -0.701 259.3446 43.1587 –109.7 1 · · ·
2247 54169 567 17.255 0.005 0.453 0.595 0.626 259.4499 43.3070 –118.4 2 · · ·
2247 54169 568 15.370 0.006 -0.181 -0.314 -0.357 259.3660 43.1475 –113.8 1 99
2247 54169 573 15.604 0.002 0.492 0.689 0.796 259.3214 43.0742 –116.3 1 · · ·
2247 54169 575 17.519 0.006 0.427 0.587 0.654 259.3812 43.2469 –111.4 2 · · ·
2247 54169 581 15.963 0.007 0.495 0.711 0.837 259.3938 43.0711 –110.5 1 · · ·
2247 54169 584 17.419 0.006 0.434 0.615 0.704 259.4844 43.0595 –103.4 2 · · ·
2247 54169 589 16.587 0.006 0.481 0.675 0.802 259.4322 43.0634 –114.7 2 · · ·
2247 54169 601 16.062 0.005 0.517 0.729 0.817 259.5772 43.1990 –112.1 2 · · ·
2247 54169 608 14.889 0.002 0.566 0.832 0.977 259.4598 43.2295 –120.3 1 · · ·
2247 54169 610 14.660 0.005 0.606 0.871 0.998 259.5197 43.1712 –117.2 2 · · ·
2247 54169 612 15.999 0.007 -0.308 -0.527 -0.636 259.4042 43.1310 –116.4 1 · · ·
2247 54169 616 17.522 0.005 0.433 0.598 0.668 259.3905 43.1896 –115.4 2 · · ·
2247 54169 620 17.097 0.005 0.473 0.663 0.741 259.4374 43.1356 –103.9 2 · · ·
2256 53859 521 18.947 0.012 0.259 0.361 0.297 259.3361 43.2903 –117.3 2 · · ·
2256 53859 525 18.285 0.009 0.239 0.343 0.406 259.3690 43.2710 –111.2 2 · · ·
2256 53859 534 19.172 0.014 0.279 0.337 0.335 259.3679 43.2307 –104.4 2 · · ·
2256 53859 537 19.080 0.014 0.279 0.369 0.416 259.4246 43.1206 –112.4 2 · · ·
2256 53859 537 20.197 0.036 0.525 0.708 0.760 259.4246 43.1206 –112.4 2 · · ·
2256 53859 538 17.373 0.006 0.453 0.625 0.688 259.3800 43.2105 –120.7 2 · · ·
2256 53859 539 18.661 0.011 0.277 0.405 0.452 259.3406 43.2491 –113.1 2 · · ·
2256 53859 561 18.975 0.013 0.262 0.359 0.367 259.4673 43.1504 –112.9 2 · · ·
2256 53859 562 18.709 0.012 0.232 0.323 0.270 259.3947 43.2326 –119.8 2 · · ·
2256 53859 563 19.064 0.014 0.287 0.356 0.315 259.4192 43.3309 –111.3 2 · · ·
2256 53859 567 19.434 0.016 0.332 0.407 0.459 259.4300 43.3105 –103.5 2 · · ·
2256 53859 569 19.511 0.017 0.294 0.427 0.480 259.4556 43.1986 –109.2 2 · · ·
2256 53859 576 18.356 0.008 0.258 0.320 0.334 259.4356 43.1723 –109.1 2 · · ·
2256 53859 578 19.320 0.021 0.362 0.458 0.416 259.4461 43.1315 –103.3 2 · · ·
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Table A.1 (cont’d)
Plate MJD Fiber r error g − r g − i g − z RA Dec Velocity Phot. PM prob
(mag.) (mag.) (mag.) (mag.) (mag.) (2000) (2000) (km s−1) ref. (%)
2256 53859 604 18.693 0.010 0.260 0.349 0.385 259.5561 43.2827 –121.2 2 · · ·
2256 53859 608 17.984 0.008 0.302 0.393 0.419 259.4972 43.3424 –122.2 2 · · ·
2256 53859 612 18.313 0.010 0.253 0.345 0.332 259.4838 43.2025 –115.4 2 · · ·
2256 53859 616 18.628 0.009 0.279 0.320 0.273 259.6061 43.1568 –117.3 2 · · ·
2256 53859 621 17.672 0.005 0.408 0.560 0.610 259.6847 43.0911 –112.6 2 · · ·
References. — 1. Clem et al. (2008), 2. An et al. (2008)
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Table A.2. M13 Members Observed by SEGUE
Plate MJD Fiber r error g − r g − i g − z RA Dec Velocity Phot. PM prob
(mag.) (mag.) (mag.) (mag.) (mag.) (2000) (2000) (km s−1) ref. (%)
2174 53521 128 17.060 0.013 0.471 0.682 0.753 250.4742 36.3098 -249.0 2 · · ·
2174 53521 133 16.421 0.010 0.508 0.728 0.813 250.5125 36.3211 -242.6 2 · · ·
2174 53521 153 15.124 0.020 -0.159 -0.304 -0.347 250.4664 36.4093 -247.8 2 99
2174 53521 406 17.522 0.011 0.430 0.610 0.678 250.2975 36.6566 -249.8 2 · · ·
2174 53521 444 14.532 0.005 0.621 0.913 1.029 250.3637 36.5395 -243.7 2 99
2174 53521 445 17.523 0.010 0.425 0.600 0.661 250.3154 36.5818 -247.6 2 · · ·
2174 53521 447 17.276 0.009 0.466 0.658 0.708 250.3488 36.6371 -246.1 2 · · ·
2174 53521 456 16.942 0.009 0.486 0.677 0.761 250.3559 36.6084 -248.2 2 · · ·
2174 53521 461 16.926 0.008 0.488 0.686 0.780 250.4162 36.5927 -245.1 2 · · ·
2174 53521 480 16.441 0.005 0.511 0.735 0.823 250.3776 36.5606 -244.9 2 · · ·
2174 53521 554 15.314 0.010 0.585 0.826 0.949 250.4525 36.7311 -248.1 2 · · ·
2174 53521 121 15.767 0.004 0.522 0.754 0.867 250.5334 36.3239 -249.4 1 · · ·
2174 53521 131 14.601 0.022 0.595 0.878 1.044 250.4894 36.3321 -243.0 1 99
2174 53521 136 15.511 0.004 -0.286 -0.468 -0.588 250.4906 36.3635 -242.9 1 98
2174 53521 145 14.357 0.002 0.658 0.930 1.063 250.4505 36.3933 -246.4 1 99
2174 53521 154 14.475 0.003 0.636 0.887 1.056 250.4662 36.3263 -249.9 1 99
2174 53521 156 15.142 0.006 0.577 0.830 0.946 250.3522 36.4095 -239.7 1 99
2174 53521 157 15.412 0.004 -0.254 -0.440 -0.548 250.4520 36.3018 -247.2 1 99
2174 53521 158 15.112 0.004 0.586 0.822 0.957 250.4085 36.3039 -243.9 1 99
2174 53521 167 14.255 0.003 0.654 0.932 1.089 250.2756 36.4229 -246.5 1 99
2174 53521 168 14.721 0.003 0.616 0.874 1.023 250.2608 36.4377 -244.0 1 99
2174 53521 171 14.367 0.003 0.656 0.935 1.083 250.3129 36.3983 -247.0 1 90
2174 53521 172 14.753 0.003 0.619 0.885 1.026 250.3078 36.4174 -247.8 1 99
2174 53521 176 15.232 0.002 0.577 0.824 0.919 250.3261 36.3471 -240.3 1 99
2174 53521 412 17.085 0.004 0.464 0.657 0.749 250.2389 36.5871 -242.8 1 · · ·
2174 53521 414 17.060 0.003 0.465 0.672 0.776 250.2673 36.5864 -241.9 1 · · ·
2174 53521 418 15.919 0.003 0.547 0.775 0.923 250.2429 36.7086 -247.4 1 · · ·
2174 53521 442 15.116 0.002 -0.187 -0.328 -0.421 250.3339 36.6145 -249.2 1 99
2174 53521 449 14.806 0.002 0.604 0.865 1.036 250.3311 36.5077 -244.1 1 99
2174 53521 457 14.620 0.003 0.612 0.878 0.974 250.3618 36.4246 -244.6 1 99
2174 53521 458 14.511 0.002 0.632 0.902 1.060 250.3154 36.4639 -245.9 1 99
2174 53521 459 14.665 0.001 0.611 0.886 1.050 250.3160 36.5549 -245.0 1 99
2174 53521 460 14.246 0.002 0.648 0.932 1.105 250.3239 36.4916 -238.9 1 99
2174 53521 462 14.560 0.002 0.623 0.911 1.056 250.3755 36.5912 -245.5 1 99
2174 53521 463 15.115 0.001 0.595 0.867 0.999 250.4507 36.5948 -243.8 1 99
2174 53521 464 15.163 0.003 -0.207 -0.331 -0.411 250.3978 36.6046 -239.1 1 99
2174 53521 466 14.919 0.002 -0.018 -0.059 -0.091 250.4609 36.5551 -241.7 1 99
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Table A.2 (cont’d)
Plate MJD Fiber r error g − r g − i g − z RA Dec Velocity Phot. PM prob
(mag.) (mag.) (mag.) (mag.) (mag.) (2000) (2000) (km s−1) ref. (%)
2174 53521 467 14.620 0.003 0.614 0.888 1.071 250.3318 36.6897 -242.9 1 · · ·
2174 53521 470 14.258 0.007 0.649 0.941 1.100 250.3886 36.5412 -241.2 1 99
2174 53521 471 15.802 0.002 0.541 0.777 0.909 250.4051 36.6807 -248.8 1 · · ·
2174 53521 472 14.888 0.004 -0.004 -0.047 -0.119 250.4393 36.4306 -243.1 1 99
2174 53521 475 14.333 0.002 0.649 0.926 1.086 250.4188 36.5268 -239.4 1 99
2174 53521 476 15.207 0.002 0.593 0.840 0.968 250.4538 36.5347 -249.7 1 99
2174 53521 477 14.629 0.002 0.642 0.904 1.057 250.4330 36.4116 -240.9 1 99
2174 53521 486 15.466 0.003 -0.273 -0.477 -0.572 250.4692 36.5147 -245.9 1 99
2174 53521 487 14.507 0.001 0.651 0.910 1.078 250.5424 36.6308 -249.8 1 98
2174 53521 488 15.197 0.004 0.589 0.842 0.956 250.5207 36.5268 -246.1 1 99
2174 53521 489 15.037 0.003 0.599 0.855 1.000 250.5569 36.5541 -246.5 1 99
2174 53521 491 15.463 0.002 -0.253 -0.440 -0.553 250.5045 36.5626 -249.7 1 99
2174 53521 493 14.519 0.008 0.633 0.906 1.022 250.4687 36.4504 -247.9 1 99
2174 53521 497 14.836 0.002 0.629 0.887 1.037 250.5392 36.5664 -240.3 1 99
2174 53521 498 14.558 0.002 0.627 0.897 1.043 250.5455 36.4092 -240.7 1 99
2174 53521 499 14.521 0.001 0.618 0.883 1.038 250.5074 36.3896 -242.0 1 99
2174 53521 500 14.756 0.003 0.620 0.880 1.039 250.4441 36.5013 -249.6 1 99
2174 53521 522 14.977 0.003 0.589 0.843 0.980 250.5715 36.5259 -244.9 1 99
2174 53521 524 14.495 0.002 0.620 0.900 1.036 250.5826 36.4961 -245.9 1 99
2174 53521 529 16.009 0.006 0.533 0.748 0.875 250.6123 36.6507 -245.6 1 · · ·
2174 53521 530 14.717 0.003 0.617 0.876 1.033 250.5795 36.6176 -246.8 1 99
2174 53521 531 14.674 0.004 0.620 0.886 1.020 250.6084 36.4513 -243.9 1 99
2174 53521 532 15.252 0.002 -0.220 -0.361 -0.464 250.5847 36.4509 -245.9 1 99
2174 53521 542 14.709 0.003 0.640 0.890 1.072 250.4867 36.6975 -248.1 1 · · ·
2185 53532 181 18.574 0.003 0.282 0.376 0.353 250.2266 36.2189 -247.5 1 · · ·
2185 53532 421 18.919 0.012 -0.520 -0.859 -1.232 250.3562 36.6878 -246.4 2 · · ·
2185 53532 461 18.172 0.011 0.258 0.359 0.333 250.3284 36.7000 -241.4 2 · · ·
2185 53532 462 18.011 0.003 0.270 0.391 0.450 250.2369 36.7179 -248.1 1 · · ·
2185 53532 466 18.649 0.003 0.233 0.316 0.376 250.2879 36.7253 -245.5 1 · · ·
2185 53532 469 18.783 0.012 0.256 0.368 0.403 250.2945 36.6066 -246.2 2 · · ·
2185 53532 475 18.428 0.001 0.244 0.338 0.364 250.2399 36.5889 -249.1 1 · · ·
2185 53532 476 18.883 0.002 0.267 0.376 0.396 250.2486 36.5748 -244.4 1 · · ·
2185 53532 477 19.381 0.002 0.309 0.415 0.480 250.2305 36.6108 -244.1 1 · · ·
2185 53532 478 18.732 0.023 0.333 0.432 0.452 250.2752 36.6187 -243.6 2 · · ·
2185 53532 480 19.474 0.005 0.313 0.429 0.490 250.2232 36.6269 -243.0 1 · · ·
2185 53532 481 17.961 0.012 0.294 0.422 0.475 250.3259 36.6554 -244.6 2 · · ·
2185 53532 485 18.251 0.009 0.254 0.397 0.376 250.3427 36.6378 -248.3 2 · · ·
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Table A.2 (cont’d)
Plate MJD Fiber r error g − r g − i g − z RA Dec Velocity Phot. PM prob
(mag.) (mag.) (mag.) (mag.) (mag.) (2000) (2000) (km s−1) ref. (%)
2185 53532 487 18.081 0.009 0.293 0.363 0.400 250.3905 36.5915 -242.1 2 · · ·
2185 53532 488 19.313 0.018 0.294 0.449 0.422 250.3803 36.6619 -239.6 2 · · ·
2185 53532 489 18.848 0.013 0.241 0.360 0.468 250.3864 36.7119 -244.6 2 · · ·
2185 53532 490 19.105 0.013 0.292 0.389 0.377 250.4196 36.5921 -242.2 2 · · ·
2185 53532 492 17.916 0.011 0.308 0.423 0.405 250.3583 36.6074 -240.5 2 · · ·
2185 53532 494 18.957 0.014 0.310 0.375 0.348 250.4334 36.6197 -243.8 2 · · ·
2185 53532 495 18.462 0.012 0.253 0.357 0.376 250.3132 36.6427 -242.4 2 · · ·
2185 53532 496 19.600 0.017 0.355 0.473 0.395 250.3284 36.6039 -245.6 2 · · ·
2185 53532 504 18.561 0.004 0.264 0.345 0.360 250.5587 36.6806 -250.2 1 · · ·
2185 53532 507 18.897 0.016 0.324 0.402 0.443 250.4724 36.6777 -243.3 2 · · ·
2185 53532 508 18.818 0.008 0.286 0.380 0.433 250.4435 36.7130 -249.1 1 · · ·
2185 53532 516 19.603 0.020 0.321 0.485 0.545 250.4559 36.6134 -239.8 2 · · ·
2185 53532 545 18.872 0.003 0.290 0.422 0.398 250.6272 36.7145 -242.1 1 · · ·
2255 53565 116 15.802 0.002 0.536 0.765 0.881 250.5545 36.2678 -249.5 1 · · ·
2255 53565 118 14.445 0.004 0.618 0.893 1.037 250.5464 36.3062 -247.3 1 99
2255 53565 144 15.112 0.004 0.586 0.822 0.957 250.4085 36.3039 -246.9 1 99
2255 53565 147 15.412 0.004 -0.254 -0.440 -0.548 250.4520 36.3018 -249.1 1 99
2255 53565 148 15.329 0.009 0.539 0.784 0.906 250.4910 36.3083 -241.8 1 7
2255 53565 152 12.840 0.001 0.847 1.200 1.414 250.4111 36.3777 -249.9 1 99
2255 53565 153 15.171 0.004 0.572 0.820 0.933 250.4041 36.3515 -249.1 1 99
2255 53565 156 15.511 0.004 -0.286 -0.468 -0.588 250.4906 36.3635 -244.8 1 98
2255 53565 157 14.510 0.002 0.631 0.892 1.057 250.4289 36.3301 -245.4 1 99
2255 53565 160 14.601 0.022 0.595 0.878 1.044 250.4894 36.3321 -249.9 1 99
2255 53565 167 14.042 0.002 0.676 0.965 1.128 250.2349 36.3718 -246.6 1 99
2255 53565 172 14.493 0.004 0.614 0.880 0.972 250.3615 36.3904 -248.9 1 99
2255 53565 174 15.175 0.003 -0.199 -0.340 -0.437 250.3136 36.3878 -246.1 1 99
2255 53565 175 15.232 0.002 0.577 0.824 0.919 250.3261 36.3471 -242.6 1 99
2255 53565 178 13.710 0.002 0.721 1.019 1.206 250.4017 36.2855 -242.2 1 99
2255 53565 426 15.024 0.001 0.571 0.831 0.989 250.3146 36.5174 -244.4 1 99
2255 53565 428 14.245 0.007 0.672 0.957 1.123 250.2309 36.5953 -250.2 1 99
2255 53565 431 13.412 0.021 0.728 1.065 1.255 250.3326 36.4106 -250.0 1 99
2255 53565 433 15.370 0.005 -0.263 -0.450 -0.555 250.2911 36.5694 -241.9 1 99
2255 53565 436 14.753 0.003 0.619 0.885 1.026 250.3078 36.4174 -241.8 1 99
2255 53565 440 14.721 0.003 0.616 0.874 1.023 250.2608 36.4377 -247.5 1 99
2255 53565 464 13.338 0.003 0.703 1.005 1.178 250.3784 36.5035 -244.4 1 99
2255 53565 465 15.230 0.004 -0.209 -0.366 -0.484 250.4422 36.4292 -245.7 1 99
2255 53565 468 15.375 0.008 0.538 0.810 0.891 250.3910 36.4529 -242.3 1 98
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Table A.2 (cont’d)
Plate MJD Fiber r error g − r g − i g − z RA Dec Velocity Phot. PM prob
(mag.) (mag.) (mag.) (mag.) (mag.) (2000) (2000) (km s−1) ref. (%)
2255 53565 472 14.576 0.002 0.621 0.888 1.037 250.3964 36.4008 -241.8 1 99
2255 53565 474 13.116 0.003 0.797 1.132 1.301 250.3681 36.4510 -243.0 1 98
2255 53565 475 13.420 0.002 0.753 1.087 1.280 250.3134 36.4899 -244.4 1 99
2255 53565 477 13.740 0.002 0.697 0.997 1.154 250.3787 36.4254 -249.1 1 99
2255 53565 482 15.116 0.002 -0.187 -0.328 -0.421 250.3339 36.6145 -250.0 1 99
2255 53565 486 14.665 0.001 0.611 0.886 1.050 250.3160 36.5549 -243.1 1 99
2255 53565 487 12.527 0.009 0.917 1.283 1.512 250.4381 36.4702 -239.1 1 99
2255 53565 490 15.825 0.003 0.517 0.755 0.889 250.3626 36.5661 -244.7 1 · · ·
2255 53565 491 11.564 0.002 1.277 1.791 2.111 250.4595 36.4042 -247.7 1 99
2255 53565 493 13.683 0.013 0.722 1.035 1.204 250.4420 36.4546 -248.3 1 99
2255 53565 496 14.258 0.007 0.649 0.941 1.100 250.3886 36.5412 -248.9 1 99
2255 53565 498 11.446 0.014 1.352 1.938 2.281 250.4247 36.4476 -247.8 1 99
2255 53565 499 13.324 0.001 0.771 1.090 1.290 250.4365 36.3909 -243.3 1 99
2255 53565 501 13.201 0.004 0.783 1.128 1.314 250.4386 36.5185 -243.5 1 99
2255 53565 503 13.964 0.002 0.687 0.993 1.145 250.4857 36.5007 -246.4 1 99
2255 53565 504 13.826 0.004 0.705 1.019 1.167 250.4200 36.5698 -248.5 1 99
2255 53565 505 15.367 0.003 -0.231 -0.388 -0.488 250.4430 36.5538 -246.8 1 99
2255 53565 510 15.115 0.001 0.595 0.867 0.999 250.4508 36.5948 -248.2 1 99
2255 53565 516 11.578 0.011 1.332 1.893 2.207 250.4620 36.4817 -242.5 1 99
2255 53565 517 13.955 0.010 0.687 1.002 1.124 250.4654 36.4590 -241.8 1 99
2255 53565 519 14.040 0.002 0.680 0.970 1.129 250.5015 36.4235 -243.7 1 99
2255 53565 520 14.373 0.004 0.644 0.930 1.042 250.4717 36.4231 -241.2 1 99
2255 53565 542 14.977 0.003 0.589 0.843 0.980 250.5715 36.5259 -246.9 1 99
2255 53565 544 14.561 0.004 0.637 0.912 1.067 250.5411 36.4955 -249.4 1 99
2255 53565 547 14.579 0.003 0.633 0.910 1.043 250.5786 36.5043 -249.4 1 99
2255 53565 548 14.836 0.002 0.629 0.887 1.037 250.5392 36.5664 -245.2 1 99
2255 53565 549 14.523 0.005 0.637 0.908 1.051 250.5105 36.5424 -249.2 1 99
2255 53565 550 15.197 0.004 0.589 0.842 0.956 250.5207 36.5268 -246.5 1 99
2255 53565 551 14.674 0.004 0.620 0.886 1.020 250.6084 36.4513 -243.3 1 99
2255 53565 552 13.934 0.002 0.689 0.988 1.149 250.5688 36.4162 -241.4 1 99
2255 53565 553 14.842 0.004 0.606 0.864 1.013 250.5565 36.4768 -239.5 1 99
2255 53565 557 14.463 0.002 0.635 0.906 1.054 250.5687 36.4371 -239.6 1 99
2255 53565 589 14.717 0.003 0.617 0.876 1.033 250.5795 36.6176 -245.9 1 99
2255 53565 600 14.507 0.001 0.651 0.910 1.078 250.5424 36.6308 -248.7 1 98
2255 53565 500 14.532 0.005 0.621 0.913 1.029 250.3637 36.5395 -240.6 2 99
References. — 1. Clem et al. (2008), 2. An et al. (2008)
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Table A.3. M71 members observed by SEGUE
Plate MJD Fiber r error g − r error E(B–V) RA Dec Velocity error PM prob ID
(mag.) (mag.) (mag.) (mag.) offset (2000) (2000) (km s−1) (km s−1) (%)
2333 53682 163 11.766 · · · 1.480 · · · –0.01 298.4511 18.8007 –20.5 0.2 97 1-45
2333 53682 167 14.106 0.002 0.828 0.004 0.00 298.4630 18.7697 –26.2 0.6 85 1-19
2333 53682 173 12.477 0.002 1.273 0.004 0.00 298.4610 18.8189 –24.9 0.3 97 1-53
2333 53682 185 12.886 · · · 1.051 · · · –0.02 298.4210 18.7683 –23.2 0.5 96 1-95
2333 53682 191 14.203 0.004 1.069 0.005 0.04 298.4241 18.8108 –25.3 0.8 95 1-59
2333 53682 224 13.695 0.004 1.114 0.008 0.03 298.3947 18.7727 –23.4 0.4 95 KC-39
2333 53682 225 12.407 0.003 1.347 0.004 0.05 298.4062 18.7500 –26.2 0.3 94 A9
2333 53682 239 12.072 · · · 1.488 · · · 0.02 298.4066 18.7914 –26.7 0.3 90 1-77
2338 53679 150 12.729 0.004 1.104 0.004 0.00 298.4511 18.8071 –21.6 0.5 97 1-56
Table A.4. NGC 7789 Members Observed by SEGUE
Plate MJD Fiber V V − I (g − r)0 RA Dec E(B − V ) Velocity
(mag.) (mag.) (transf) (2000) (2000) (km s−1)
2377 53991 151 12.795 1.336 0.79 359.52919 +56.68002 0.25 –49.9
2377 53991 175 12.913 1.288 0.74 359.35075 +56.66004 0.27 –51.0
2377 53991 176 13.055 1.306 0.78 359.38660 +56.67213 0.25 –49.0
2377 53991 178 12.962 1.331 0.77 359.33778 +56.58413 0.24 –48.7
2377 53991 195 12.937 1.433 0.89 359.19113 +56.64467 0.20 –48.2
2377 53991 232 12.189 1.527 1.01 358.95699 +56.65503 0.25 –50.0
2377 53991 439 13.260 1.316 0.77 359.17076 +56.69641 0.25 –51.2
2377 53991 493 13.111 1.328 0.80 359.26488 +56.72248 0.25 –49.3
2377 53991 494 13.160 1.349 0.80 359.18553 +56.71488 0.25 –49.5
2377 53991 504 12.918 1.443 0.86 359.56491 +56.82007 0.25 –51.5
2377 53991 506 11.986 1.618 1.09 359.50067 +56.83682 0.26 –49.1
2377 53991 515 13.164 1.376 0.81 359.44092 +56.84481 0.25 –50.0
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Table A.5. NGC 6791 Members Observed by SEGUE
Plate MJD Fiber r error g − r g − i g − z RA Dec Velocity PM prob
(mag.) (mag.) (mag.) (mag.) (mag.) (2000) (2000) (km s−1) (%)
2800 54326 151 16.943 0.005 0.927 1.235 1.439 290.3105 37.7758 -47.6 88
2800 54326 152 17.904 0.011 0.687 0.915 1.070 290.2779 37.8023 -45.8 96
2800 54326 154 15.327 0.006 1.100 1.495 1.745 290.2560 37.8014 -47.1 90
2800 54326 156 16.112 0.005 1.040 1.395 1.639 290.2894 37.7840 -43.9 75
2800 54326 159 14.061 0.005 1.118 1.528 1.762 290.2762 37.7499 -45.8 99
2800 54326 160 15.923 0.004 1.018 1.369 1.577 290.3084 37.7526 -47.2 85
2800 54326 161 17.126 0.007 0.893 1.195 1.361 290.2689 37.7212 -46.5 97
2800 54326 167 13.923 0.007 1.329 · · · 2.178 290.2547 37.7037 -47.7 68
2800 54326 169 14.148 0.007 1.160 1.583 1.820 290.2448 37.7203 -45.3 77
2800 54326 170 13.545 0.006 1.440 · · · 2.484 290.2191 37.7412 -47.9 92
2800 54326 172 17.284 0.006 0.736 0.955 1.086 290.2085 37.7977 -45.3 79
2800 54326 173 17.085 0.007 0.972 1.314 1.497 290.2308 37.7971 -47.9 81
2800 54326 174 14.073 0.005 1.195 1.625 1.895 290.2536 37.7594 -46.8 97
2800 54326 175 14.109 0.005 1.166 1.572 1.836 290.2536 37.7777 -49.5 97
2800 54326 180 14.095 0.004 1.126 1.520 1.767 290.2203 37.7592 -45.5 93
2800 54326 181 14.421 0.003 1.204 1.656 1.926 290.1882 37.7428 -49.6 98
2800 54326 182 17.435 0.007 0.668 0.893 0.968 290.1303 37.7752 -47.3 98
2800 54326 183 14.143 0.006 1.145 1.541 1.812 290.1889 37.7883 -52.4 88
2800 54326 184 17.368 0.009 0.657 0.878 0.979 290.1277 37.7548 -50.6 98
2800 54326 185 14.387 0.005 1.142 1.527 1.775 290.1635 37.7437 -46.8 98
2800 54326 187 17.154 0.007 0.751 0.998 1.146 290.1433 37.8011 -47.0 73
2800 54326 188 17.932 0.007 0.704 0.933 1.052 290.1961 37.7612 -45.8 91
2800 54326 189 16.560 0.009 0.992 1.324 1.518 290.1688 37.7852 -45.9 55
2800 54326 190 15.701 0.006 1.064 1.439 1.672 290.1767 37.7642 -46.3 88
2800 54326 194 17.300 0.011 0.642 0.852 0.968 290.1742 37.7060 -52.4 77
2800 54326 197 15.979 0.007 1.025 1.377 1.606 290.1808 37.7214 -46.7 92
2800 54326 199 14.094 0.004 1.287 · · · 2.107 290.1639 37.8013 -45.7 94
2800 54326 431 17.103 0.005 0.736 0.993 1.109 290.1247 37.8115 -40.9 98
2800 54326 465 14.972 0.004 1.139 1.570 1.844 290.2405 37.8170 -44.9 85
2800 54326 475 14.774 0.010 1.128 1.540 1.823 290.1927 37.8196 -43.2 99
2800 54326 479 17.874 0.008 0.691 0.947 1.064 290.1633 37.8346 -46.8 95
2800 54326 480 17.249 0.007 0.759 1.039 1.180 290.1579 37.8190 -44.4 82
2821 54393 141 17.951 0.008 0.721 0.946 1.066 290.2928 37.7322 -46.8 89
2821 54393 142 18.703 0.010 0.839 1.086 1.255 290.2954 37.7891 -40.9 96
2821 54393 145 17.970 0.008 0.672 0.911 0.956 290.3149 37.7871 -44.0 68
2821 54393 146 18.216 0.009 0.707 0.936 1.065 290.2860 37.7175 -43.9 68
2821 54393 149 17.586 0.006 0.674 0.878 0.966 290.2926 37.7521 -43.2 70
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Table A.5 (cont’d)
Plate MJD Fiber r error g − r g − i g − z RA Dec Velocity PM prob
(mag.) (mag.) (mag.) (mag.) (mag.) (2000) (2000) (km s−1) (%)
2821 54393 161 17.537 0.008 0.661 0.865 0.976 290.2675 37.7325 -48.9 83
2821 54393 165 18.742 0.012 0.822 1.119 1.234 290.1696 37.7074 -48.6 67
2821 54393 166 18.509 0.010 0.776 1.027 1.210 290.2165 37.7927 -43.8 85
2821 54393 167 18.392 0.013 0.772 1.037 1.095 290.2531 37.7614 -43.8 91
2821 54393 169 18.398 0.013 0.777 1.042 1.203 290.2357 37.7495 -43.6 94
2821 54393 172 18.174 0.011 0.754 0.991 1.120 290.2331 37.7795 -48.4 69
2821 54393 173 18.094 0.013 0.715 0.941 1.043 290.2340 37.7255 -46.5 76
2821 54393 174 18.263 0.014 0.736 0.934 1.075 290.2744 37.7682 -46.9 80
2821 54393 176 18.983 0.014 0.850 1.154 1.265 290.2389 37.7979 -42.3 63
2821 54393 177 18.312 0.011 0.757 1.000 1.151 290.2552 37.7811 -44.8 92
2821 54393 178 18.462 0.011 0.787 1.051 1.215 290.2708 37.7936 -47.7 84
2821 54393 179 17.434 0.013 0.698 0.925 1.037 290.2332 37.6950 -46.3 61
2821 54393 182 18.009 0.008 0.738 0.964 1.044 290.1917 37.7502 -44.9 98
2821 54393 183 17.738 0.009 0.668 0.870 0.983 290.1618 37.7224 -48.2 68
2821 54393 187 17.646 0.009 0.646 0.868 0.972 290.1851 37.7333 -49.2 72
2821 54393 188 18.770 0.010 0.878 1.157 1.295 290.1615 37.7461 -42.9 72
2821 54393 190 19.206 0.018 0.969 1.265 1.434 290.2118 37.7134 -43.0 85
2821 54393 191 18.251 0.011 0.732 0.980 1.100 290.1620 37.7770 -50.4 95
2821 54393 193 18.495 0.009 0.814 1.069 1.168 290.1486 37.7595 -44.2 97
2821 54393 194 18.047 0.009 0.737 0.971 1.087 290.1838 37.7774 -45.6 95
2821 54393 195 18.852 0.012 0.842 1.122 1.293 290.2029 37.7670 -44.5 89
2821 54393 196 18.058 0.012 0.708 0.939 1.101 290.2135 37.7412 -48.2 97
2821 54393 197 17.757 0.006 0.664 0.888 0.988 290.1443 37.7864 -47.3 94
2821 54393 198 18.678 0.012 0.819 1.105 1.209 290.1754 37.7626 -48.5 68
2821 54393 199 18.890 0.014 0.867 1.150 1.331 290.1903 37.7149 -48.0 72
2821 54393 200 18.260 0.011 0.751 0.974 1.090 290.1816 37.7957 -47.5 56
2821 54393 232 19.101 0.016 0.954 1.342 1.515 290.1246 37.7310 -46.9 87
2821 54393 235 17.550 0.009 0.689 0.900 0.991 290.1257 37.7643 -42.1 95
2821 54393 436 18.307 0.008 0.774 1.082 1.253 290.1259 37.8133 -44.3 91
2821 54393 439 17.568 0.006 0.688 0.926 1.027 290.1193 37.7980 -44.1 98
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Table A.6. Berkeley 29 members observed by SEGUE
Plate MJD Fiber g error g − r error RA Dec Velocity error other ID a
(mag.) (mag.) (mag.) (mag.) (2000) (2000) (km s−1)) (km s−1)
3335 54922 113 19.110 0.015 0.599 103.3311 16.8730 0.017 26.57 2.22
3335 54922 195 16.799 0.007 0.761 103.1608 16.8460 0.011 34.56 1.04
3335 54922 462 18.926 0.011 0.658 103.2417 16.9463 0.018 39.85 1.85
3335 54922 474 19.288 0.014 0.597 103.1888 16.8793 0.021 18.02 2.80
3335 54922 481 17.039 0.006 0.746 103.2836 16.9279 0.008 17.01 0.86 S398,C801,F948
3335 54922 495 17.118 0.007 0.779 103.3010 16.9836 0.010 17.81 0.95 F1437
3335 54922 496 17.074 0.006 0.776 103.2311 16.9610 0.009 18.13 0.89 S602
3335 54922 497 17.120 0.008 0.778 103.2566 16.9392 0.010 18.22 0.85 S159
3335 54922 498 18.165 0.007 0.701 103.2626 16.9245 0.011 21.69 1.34
3335 54922 508 18.076 0.011 0.718 103.2837 16.9631 0.015 16.68 1.53
aIdentifications are from S: Sestito et al. (2008), C: Carraro et al. (2004) and F: Frinchaboy et al. (2006).
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